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ABSTRACT

We use cosmological simulations of high-redshift minihalos to investigate the effect of
dark matter annihilation (DMA) on the collapse of primordial gas. We numerically
investigate the evolution of the gas as it assembles in a Population III stellar disk. We
find that when DMA effects are neglected, the disk undergoes multiple fragmentation
events beginning at ∼ 500 yr after the appearance of the first protostar. On the
other hand, DMA heating and ionization of the gas speeds the initial collapse of gas
to protostellar densities and also affects the stability of the developing disk against
fragmentation, depending on the DM distribution. We compare the evolution when we
model the DM density with an analytical DM profile which remains centrally peaked,
and when we simulate the DM profile using N-body particles (the ‘live’ DM halo).
When utilizing the analytical DM profile, DMA suppresses disk fragmentation for
∼ 3500 yr after the first protostar forms, in agreement with earlier work. However,
when using a ‘live’ DM halo, the central DM density peak is gradually flattened due
to the mutual interaction between the DM and the rotating gaseous disk, reducing
the effects of DMA on the gas, and enabling secondary protostars of mass ∼ 1 M⊙ to
be formed within ∼ 900 yr. These simulations demonstrate that DMA is ineffective
in suppressing gas collapse and subsequent fragmentation, rendering the formation of
long-lived dark stars unlikely. However, DMA effects may still be significant in the
early collapse and disk formation phase of primordial gas evolution.
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1 INTRODUCTION

The first stars, formed out of metal-free gas and also known
as Population III (Pop III), initially emerged at z & 20
within the center of dark matter-dominated minihalos of
mass ∼ 106 M⊙ (e.g. Haiman et al. 1996; Tegmark et al.
1997; Yoshida et al. 2003; Loeb & Furlanetto 2010). It is be-
lieved that those Pop III stars of sufficient mass then emitted
the first reionizing photons, while a fraction of Pop III stars
began the metal-enrichment of the intergalactic medium
upon their supernova deaths (e.g. Barkana & Loeb 2001;
Bromm & Larson 2004; Ciardi & Ferrara 2005; Glover 2005;
Bromm et al. 2009; Loeb 2010). Early numerical work im-
plied that the first stars formed in isolation and reached very
high masses (& 100 M⊙; e.g. Abel et al. 2002; Bromm et al.
2002; Bromm & Loeb 2004; Yoshida et al. 2008). However,

⋆ E-mail: athena.stacy@berkeley.edu

more recent simulations have shown that primordial gas un-
dergoes multiple fragmentation, forming binary and multi-
ple systems, (e.g. Clark et al 2008, 2011a, 2011b; Turk et al.
2009; Stacy et al. 2010; Greif et al. 2011, 2012; Bromm
2013). Simulations which include modelling of feedback from
the growing protostar have furthermore shown that ionizing
radiation will dissipate away the accretion disk once the star
has reached ∼ 40 M⊙ (e.g. Hosokawa et al. 2011; Stacy et al.
2012a). Though these star-formation processes go on within
minihalos whose mass is composed of nearly ten times more
dark matter (DM) than baryons, this picture of Pop III stars
does not account for the influence of DM beyond providing
a gravitational well for the initial collapse of primordial gas.

However, the nature of the DM particle remains un-
known. One intriguing possibility is that DM is made
up of weakly interacting massive particles (WIMPS, see
Bertone et al. 2005 for a review). If this is the case, then Pop
III star formation may significantly differ from the above de-
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scription. This is because WIMPs are self-annihilating, and
such DM annihilation (DMA) releases a cascade of photons
that will potentially alter the thermal and chemical state
of the primordial gas if the DM density and annihilation
rate are sufficiently large. DMA may first become signifi-
cant during the initial collapse of gas within a minihalo.
This is due to the growing density of DM in the center of
the minihalo as it responds to the increasing potential well of
the gas, generally termed ‘gravitational contraction.’ DMA
may subsequently influence the characteristics of the result-
ing protostars as well as the evolution of the protostellar
disk. For instance, several studies (e.g. Spolyar et al. 2008;
Freese et al. 2008; Natarajan et al. 2009) find that gravita-
tional contraction leads to sufficient DM annihilation to halt
the collapse of the primordial cloud before hydrogen is ig-
nited in its center, leading instead to the formation of what
has been termed a ‘dark star’, a giant (∼ 1 AU) star powered
by DM annihilation instead of nuclear burning.

Because of the extended nature of these objects, their
effective temperatures are too low to emit ionizing radiation.
The DM supply to a dark star may continue through gravi-
tational accretion, and depending on how long this process
is sustained, the lack of protostellar feedback may allow for
a prolonged period of gas inflow before the dark star phase
ends. Afterwards the star begins contraction to the main se-
quence (MS), and radiative feedback shuts off mass inflow
onto the star (e.g. Spolyar et al. 2009). Iocco et al. (2008)
find that the dark star phase is short-lived, only ∼ 104 yr,
though they did not follow the gradual accretion of gas onto
the stars over time. More detailed one-dimensional work
(Ripamonti et al. 2010) even finds that gravitational accre-
tion of DM during the initial cloud contraction does not halt
or significantly alter the initial gas collapse up to densities of
& 1014 cm −3. They interpret this to mean a dark star does
not form, though Gondolo et al. (2013) point out that dark
star formation actually occurs at higher densities of ∼ 1017

cm −3 which Ripamonti et al. (2010) do not resolve.

At later stages, Pop III protostars can nevertheless con-
tinue gathering DM through continued gravitational accre-
tion as the protostar’s mass and potential well grows. Even
a contracted MS star may gain DM particles through ‘scat-
tering accretion,’ a process in which a WIMP scatters off the
gas of the star, loses kinetic energy in the scattering event(s),
and sinks to the center of the star (e.g.Freese et al. 2008b,
Iocco 2008). If the scattering cross section between WIMPs
and baryons is large enough, and the resulting capture rate
of DM by Pop III stars sufficiently high, this would prolong
the lifetimes of Pop III stars. This is because hydrogen will
burn at a reduced rate while DM annihilation helps to sup-
port the star. Recent work by Sivertsson & Gondolo (2011),
however, find that this phase of scattering accretion will be
very short-lived, . 105 yr, much shorter than the lifetime of
the star.

Most recently, the smoothed particle hydrodynamics
(SPH) simulations of Stacy et al. (2012b) included both
gaseous (SPH) and N-body particles to resolve the three-
dimensional evolution of both primordial gas and DM on
scales as small as ∼ 50 AU. This study found that gravi-
tational interaction between the DM and the fragmenting
protostellar disk causes the DM densities to rapidly decline.
This drives the DM density below the threshold necessary
for DMA rates to significantly influence the gas, indicating

that DMA effects will not have long-lasting effects on pri-
mordial disk evolution. However, the Stacy et al. (2012b)
simulations did not include DMA rates in following the
chemothermal evolution of the gas, and they did not resolve
the inner disk on scales of < 50 AU.

Smith et al. (2012) addressed the effects of DMA by
performing three-dimensional SPH simulations which fol-
lowed the collapse of primordial gas in minihalos. In agree-
ment with Ripamonti et al. (2010), they found that DMA
does not halt gas collapse to near-stellar densities. Their
work furthermore indicated that, following the formation
of the first protostar, DMA modifies the evolution of the
star-forming disk by stabilizing it against fragmentation.
Instead of a multiple system which undergoes protostellar
mergers and ejections, any fragmentation leads to at most
a wide binary. Smith et al. (2012) thus called into question
the above-mentioned studies which found that primordial
disks will typically form several protostellar fragments. The
stabilization of the disk may even prolong the effects of
DMA, as a smooth disk may not disrupt the central DM
densities as quickly a stellar multiple system. However, in
Smith et al. (2012) the DM profile was static. The DM den-
sity was determined with an analytic prescription dependent
upon distance from the gas density peak, and the peak of
the DM density profile was fixed to align with the position
of the first-formed protostar. Their one-dimensional spher-
ically symmetric DM profile was therefore unable to follow
the gravitational interaction between the gas and the DM.

In this work we avoid the approximations discussed
above. We perform simulations which include both DMA
heating and ionization of the gas, as well as the mutual
gravitational interaction between the gas and the DM. We
resolve both gas and DM down to scales of ∼ 5 AU, and
include a prescription for DMA rates based upon the local
DM density. Our simulations therefore provide the most
physically realistic representation of Pop III star formation
under the influence of DMA. As in Smith et al. (2012)
and Ripamonti et al. (2010), we find that DMA does not
halt gas collapse up to near protostellar densities. We next
employ the sink particle method to examine the mutual
evolution of the primordial disk and central DM density.
However, we do not address the question of whether the
equilibrium object that forms on sub-sink scales is a ‘dark
star’ or normal protostar, leaving this for future studies. In
Section 2 we discuss our numerical methodology, while in
Section 3 we discuss our handling of DM. We present our
results in Section 4 and conclude in Section 5.

2 NUMERICAL METHODOLOGY

2.1 Initial Setup

We carry out our investigation using gadget-2, a widely-
tested three-dimensional N-body and SPH code (Springel
2005). We begin with a 140 h−1 kpc (comoving) box con-
taining 1283 SPH gas particles and 1283 DM particles. The
simulation is initialized at z = 100. Positions and veloci-
ties are assigned to the particles in accordance with a Λ
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Name DM profile type mx (GeV/c2) nfrag M∗,tot [M⊙]

no-DMA no DMA N/A 3 7

DMA-A1 analytic, Smith et al. (2012) 100 N/A N/A
DMA-A2 analytic, ρ ∝ r−2 100 4 14
DMA-L2 live, ρ ∝ r−2 100 7 16

Table 1. Summary of simulations described in this work. Total number of sinks formed is nfrag, and M∗,tot is total sink mass accreted
throughout the simulation. Run DMA-A1 was stopped just before the formation of the first sink.

cold dark matter cosmology with ΩΛ = 0.7, ΩM = 0.3,
ΩB = 0.04, σ8 = 0.9, and h = 0.7. The gas and DM evolu-
tion is followed until the first minihalo forms and its central
gas density reaches 104 cm−3.

In the second step, the simulation is performed at
higher resolution, starting again at z = 100. We increase
the resolution using a hierarchical zoom-in procedure (e.g.
Navarro & White 1994; Tormen et al. 1997; Gao et al. 2005)
in which four nested refinement boxes are placed within the
cosmological box. The refinement boxes are centered on the
site where the minihalo will eventually form, as determined
by the original unrefined simulation. The four refinement
levels have lengths of 40, 35, 30, and 20 h−1 kpc (comov-
ing), so that the most highly refined level encompasses all
the mass that will later be incorporated into the minihalo.
Within each refinement level, each particle from the lower
level is replaced with eight ‘child’ particles, so that in the
most refined region the parent particle is replaced by 4096
child particles. The most refined SPH particles have mass
mSPH = 5 × 10−3 M⊙, and the resolution mass of the re-
fined simulation is Mres ≃ 1.5NneighmSPH . 0.3M⊙, where
Nneigh ≃ 40 is the typical number of particles in the SPH
smoothing kernel (e.g. Bate & Burkert 1997).

2.2 Cut-Out Technique

To increase the computational efficiency of the simulation,
once the gas has reached number densities of 1012 cm−3 we
employ a ‘cut-out’ technique in which we remove all gas and
DM outside the 10 pc cube that is centered on the densest
gas particle. At this stage, the central star-forming gas is
gravitationally bound and under minimal influence from the
mass of the outer minihalo and more distant regions of the
cosmological box. The total mass of the cut-out is 3500 M⊙,
and the minimum density is ∼ 102 cm−3.

The gas at the cut-out edge has a free-fall time of ∼
107 yr and will undergo little evolution over the next ∼
10,000 yr followed in the simulation. We note that this cut-
out technique causes the propagation of a rarefaction wave
which originates from the cut-out edge due to the vacuum
boundary condition. However, this wave will only travel a
distance of cs t, where cs is the gas sound speed (∼ 2 km
s−1), and the time t is 10,000 yr. This corresponds to a
negligible distance of ∼ 10−2 pc (2000 AU) from the cut-
out edge, three orders of magnitude smaller than the 10 pc
box size.

2.3 Particle Splitting

At the same time that we cut out the central 10 pc of the
cosmological box, we further increase the mass resolution

so that collapse to densities of 1016 cm−3 can be properly
followed. We thus replace each SPH particle with 8 child par-
ticles, each of which is placed randomly within the smooth-
ing kernel of the parent particle. The mass of the parent
particle is then evenly divided amongst the child particles.
Each of these particles inherits the same chemical abun-
dances, velocity, and entropy as the parent particle (see,
e.g., Bromm & Loeb 2003, Clark et al. 2011b). This ensures
conservation of mass, internal energy, and linear momen-
tum, but not of the center of mass. Each SPH particle in
the new cut-out simulation has a mass of msph = 6 × 10−4

M⊙, and the new resolution mass is Mres ≃ 0.03 M⊙. Mres

is close to the mass of the pressure-supported atomic core
(10−2 M⊙) which develops once the opacity limit is reached
(Yoshida et al. 2008), defining the point at which the pro-
tostar has first formed.

2.4 Chemistry, Heating, and Cooling

We utilize the same chemistry and thermal network as de-
scribed in detail by Greif et al. (2009) and used in Stacy et
al. (2012b). In short, the code follows the abundance evolu-
tion of H, H+, H−, H2, H

+
2 , He, He+, He++, and e−, as well

as the three deuterium species D, D+, and HD. All relevant
cooling mechanisms, including H2 collisions with H and He
as well as other H2 molecules, are modelled in our thermal
network. The thermal network also includes cooling through
H2 collisions with protons and electrons, H and He collisional
excitation and ionization, recombination, bremsstrahlung,
and inverse Compton scattering.

We must also account for further H2 processes to prop-
erly model gas evolution to high densities. This includes
three-body H2 formation and the concomitant H2 forma-
tion heating, which become important at n & 108 cm−3,
where n refers to the total number density for all species.
The three-body H2 formation rate is uncertain. Previously
published values vary by nearly an order of magnitude, such
that employing a different rate coefficient in a simulation
may yield significant variation in the gas properties at these
high densities (Turk et al. 2011). We note this caveat, and
we use the rate presented in Palla et al. (1983) because it is
intermediate among the range of suggested values.

When n & 109 cm−3, cooling through H2 ro-vibrational
lines becomes less effective as these lines grow optically
thick. We model this effect by multiplying the H2 line cool-
ing rate by an escape probability factor:

βesc = βesc(τH2
) =

1− e−τH2

τH2

(1)

(Clark et al. 2011a), where τH2
is determined using

the Sobolev approximation (see also Yoshida et al. 2006;
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Figure 1. Gas velocity profiles of the simulations at the point just prior to sink formation, when the maximum density has reached
1016 cm−3. Left: No DMA effect. Center: DMA effects for Smith et al. profile (DMA-A1). Right: DMA effects for r−2 profile (DMA-A2).
Solid lines: the magnitude of the radial velocity |vrad|. The sign of vrad is negative and gas is inflowing. Dashed lines: rotational velocity
vrot. Dash-dotted lines: sound speed. Blue dotted lines: turbulent Mach number Mturb, which follows the scaling shown on the right-hand
y-axis. When DMA effects are included, the inflow within the central 10,000 AU exhibits slightly greater radial velocities at r > 1000
AU as well as enhanced turbulence and rotational motion. In agreement with Smith et al. (2012), the sound speed in the central 1000
AU is larger when compared with the no-DM case but somewhat smaller beyond 1000 AU.

Greif et al. 2011; Hirano & Yoshida 2013 for further de-
tails).

The most important new process utilized in the thermal
network was H2 collision-induced emission (CIE) cooling, in
which an H2-H2 collision (or less importantly an H2-H or
H2-He collision) briefly creates a ‘supermolecule’ with a non-
zero electric dipole field and a high probability of emitting a
photon (Ripamonti & Abel 2004). CIE cooling becomes sig-
nificant at densities of n & 1014 cm−3 (Frommhold 1994),
at which point it is more effective than H2 line cooling. Sim-
ilar to the above-mentioned handling of H2 line opacity, the
reduction of the CIE cooling rate due to the effects of con-
tinuum opacity is approximated through the following pre-
scription (Ripamonti et al. 2002; Ripamonti & Abel 2004):

ΛCIE,thick = ΛCIE,thin min [βesc(τCIE), 1] , (2)

where ΛCIE,thin is the CIE cooling rate in the optically thin
limit, and ΛCIE,thick is the rate in optically thick conditions.
Unlike the optically thick H2 line cooling, however, the op-
tical depth is estimated with a fitting formula instead of the
Sobolev approximation:

τCIE =
(

nH2

7× 1015 cm−3

)2.8

. (3)

When including DMA heating and ionization (Section
3.1), we found an unphysically large cooling rate due to con-
version of ortho-H2 to para-H2 in the J = 0 → 1 transi-
tion. This is because we made the usual assumption of a
constant ortho-para ratio of 3:1 (Glover & Abel 2008). The
cooling/heating rate ΛOP is given by

ΛOP = ROP nH+nH2

[

9.0 exp
(−170.5K

T

)

xp − xo

]

(4)

(Glover & Abel 2008), where ROP = 4.76 ×
10−24 erg cm3 s−1, nH+ and nH2

are the densities of
ionized hydrogen and molecular hydrogen, and xp and
xo are the fractions of H2 that are in the para and ortho

Figure 2. Enclosed mass Menc with respect to radius for three
cases: no-DMA (solid line), DMA-A1 (dotted line), and DMA-
A2 (dashed line). In each case, profiles are measured just before
initial sink formation, and the distance r is measured with respect
to the densest gas particle. The effects of DMA lead to greater
Menc within the central few thousand AU.

states, respectively. ΛOP is given in units of energy per
time per volume. ΛOP does not dominate the cooling and
heating of the gas in the canonical case without DMA,
when the nH+nH2

factor remains low. However, with DMA
effects the above estimate for ΛOP becomes several orders
of magnitude larger and causes the high-density (n & 107

cm−3) gas to cool to nearly the CMB floor. This is due the
great enhancement of the H2 and e− fraction through DMA
effects.

c© 2013 RAS, MNRAS 000, 1–17



Mutual Interaction Between Pop III Stars and DM 5

In most cases assuming a 3:1 ortho-para ratio gives a
very close approximation to self-consistently calculating the
ratio from H2 level populations (Glover & Abel 2008), but
this does not hold when including DMA effects. For an im-
proved approximation, in all cases we set ΛOP = 0 after
gas reached densities greater than 105 cm−3. This is more
physically correct given that the ortho-para ratio should be
in equilibrium at the densities we consider, while ΛOP will
be active only in cases of non-equilibrium. As discussed in
Glover & Abel (2008), in the case of thermodynamic equi-
librium, ortho- to para-H2 conversions will balance with the
para- to ortho-H2 conversions such that there will be no
net effect on temperature. This equilibrium will be reached
especially quickly under the enhanced H+ fractions under
DMA effects (see equation 24 of Glover & Abel 2008). For
instance, note that at densities of n = 1010 cm−3 and H+

fractions of 10−5, the ortho-para ratio will reach equilibrium
in & 3× 10−3 yr, much more quickly than the H2 formation
time of ∼ 10,000 yr or the dynamical time of ∼ 1000 yr.
Thus, when including DMA effects, removing the ΛOP term
is necessary for the gas to reproduce the thermal evolution
seen in Smith et al. (2012) and to avoid cooling to the CMB.
As will be seen in Section 3, this is in contrast to the no-
DMA case in which inclusion or removal of ΛOP has little
effect on the thermal and chemical evolution of the gas, such
that either way the evolution remains very similar to results
found in other simulations.

2.5 Sink Particle Method

To become a sink, an SPH particle must reach a number
density of nmax = 1016 cm−3, and gas within its smoothing
length must have a negative velocity divergence. The sink
then grows in mass by accreting surrounding particles within
its inner accretion radius racc. We set racc equal to several
times the baryonic resolution length of the simulation such
that racc = 6Lres ≃ 6 AU, where

Lres ≃
(

Mres

ρmax

)1/3

. (5)

The sink accretes gas particles within racc unless they are ro-
tationally supported against infall onto the sink. This is de-
termined by checking that the particle satisfies jSPH < jcent,
where jSPH = vrotd is the angular momentum of the gas
particle, jcent =

√
GMsinkracc is the angular momentum re-

quired for centrifugal support, and vrot and d are the rota-
tional velocity and distance of the particle relative to the
sink. SPH particles that satisfy these criteria are removed
from the simulation, and their mass is added to that of the
sink. In practice, we have found that including the angular
momentum criterion does not significantly affect the sink ac-
cretion rates by more than a few percent (Stacy et al. 2010,
2011). Most particles that come within d < racc have highly
circular orbits with jsph < jcent, while only particles with
elliptical orbits that pass the distance criterion will fail the
angular momentum criterion.

SPH particles that approach inside an inner accretion
radius of racc,in = (1/2)racc ≃ 3 AU are always accreted
by the sink, regardless of their angular momentum. This
prevents motion of particles that come this close to a sink
from being dominated by numerical N-body effects, since in

physical reality the hydrodynamic forces of unresolved gas
and disks on these scales will counter purely gravitational
effects. When the sink first forms, it immediately accretes
most of the particles within its smoothing length, so its ini-
tial mass is a few times the resolution mass of the simula-
tion, Mres ≃ 3× 10−2 M⊙. Its position and velocity are set
to the mass-weighted average of that of the accreted parti-
cles. These same accretion criteria also determine whether
two sinks may be merged. However, no sink mergers occur
in the cases we present here.

After accretion of a new gas particle, the sink’s position
and velocity are updated to the mass-weighted average of the
sink and the accreted particle or secondary sink. The sink
is given a constant density of 1016 cm−3 and temperature
of 2000 K, the typical temperature for gas at this density.
The sink thus exerts a pressure on the surrounding parti-
cles. This prevents the formation of an artificial pressure
vacuum around its accretion radius (see Bate et al. 1995;
Bromm et al. 2002; Martel et al. 2006).

Our handling of sinks is very similar to that of
Smith et al. (2012). They employed the same nmax criterion
for sink formation, though they also imposed additional cri-
teria that within the initial sink radius gravitational energy
dominates over thermal and rotational energy, while the to-
tal energy of the particles must be negative. They used simi-
lar racc and racc,in radii of 6 and 4 AU. Their further require-
ment that accreted SPH particles be gravitationally bound
to the sink is equivalent to our angular momentum criterion.
As will be seen in Section 3, the small differences in our sink
prescriptions did not lead to significantly different results in
comparable cases.

3 DARK MATTER PRESCRIPTION

3.1 Dark Matter Annihilation Rates

We compute the contribution of DMA energy to the thermal
and chemical evolution of the halo gas using the prescrip-
tion described in Smith et al. (2012). We briefly outline their
method below. We first assume the standard DMA cross sec-
tion of 〈σv〉 = 3 × 10−26 cm3s−1 (e.g. Spolyar et al. 2008).
This is the canonical cross section derived from the ‘thermal
freeze-out’ scenario, and it is largely independent of the DM
particle mass mx (Jungman et al. 1996), though observa-
tional upper limits generally allow for a larger 〈σv〉 given a
greater mx (e.g. Ando & Komatsu 2013). For a DM density
ρx and mass mx, the DM number density is nx = ρx/mx.
From this we can determine the number of DMA interac-
tions per unit volume per unit time:

ṅDMA =
1

2
n2
x〈σv〉. (6)

As in Smith et al. (2012), we use the results of
Valdés & Ferrara (2008) and set

fh = 1− 0.874
(

1− x0.4052
e

)

(7)

and

fi = 0.384
(

1− x0.542
e

)1.1952
, (8)

where xe is the electron abundance fraction, fh is the frac-
tion of DMA energy deposited into heat, and fi is the frac-
tion that contributes to ionizations and dissociations. Fi-
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6 A. Stacy, A. H. Pawlik, V. Bromm, and A. Loeb

Figure 3. Gas densities in the central 1000 AU. Top and bottom rows show the same regions but oriented along orthogonal planes.
Left: No DMA effects (no-DMA). Center: DMA effects for analytic halo with Smith et al. 2012 profile (DMA-A1). Right: DMA effects for
analytic halo with r−2 profile (DMA-A2). Note that DMA leads to more flattened and extended disky structures on these small scales.

nally, we take the DMA heating rate per unit volume per
unit time to be

ΓDMA = 2 fa ṅDMA

(

1− e−τx
)

fh mx c
2, (9)

where τx is the optical depth of the gas to annihilation prod-
ucts, and fa = 2/3 is the fraction of the total DMA energy
that affects the gas, while the remaining 1/3 escapes as neu-
trinos. Similarly, a portion of the injected DMA energy con-
tributes to ionization and dissociation of the gas. This occurs
at a rate per unit volume of

QDMA = 2 fa ṅDMA

(

1− e−τx
)

fi mx c
2/ǫi, (10)

where ǫi is the threshold energy for the relevant ionization
or dissociation reaction. Ionization rates are applied to H, D,
He, and He+, and dissociation rates are applied to H2, HD,
and H+

2 . For each of our simulations which include DMA
effects, we take a fiducial value of mx = 100GeV/c2 .

As in Smith et al. (2012), we estimate τx based on the
gas particle’s distance r from the central gas density peak
and the size of the central DM core rc, which varies as the
baryonic and DM density profiles evolve (see the following
section):

τx ≡ κΣ(r) =

{

κρ(r)(2rc − r) r 6 rc
κρ(r)r r > rc

(11)

where we employ a constant gas opacity of κ = 0.01 cm2 g−1.
This formulation for optical depth makes the simplifying
assumption that the gas density is constant within the DM
core and declines as ρ ∝ r−2 at larger radii.

3.2 DM Density Profiles

3.2.1 Analytic Profiles

The main input into the DMA heating and ionization rates is
the DM density ρx. In our simulation ‘DMA-A1’, we employ
the same ρx profile as used in Smith et al. (2012; see also
references therein). The density at the edge of the core is

ρxc ≈ 5n0.81
c

GeV

c2
cm−3, (12)

where nc is the peak gas number density within the core,
such that nc evolves as the gas condenses and eventually
reaches a maximum of 1016 cm−3. At distances beyond the
core (r > rc), the DM density declines as

ρx = 5× 104
(

r

1pc

)−1.8
GeV

c2
cm−3, (13)

From the above two equations, we may define the core radius
as

rc = 16.7
(

nc

1014 cm−3

)−0.81/1.8

AU. (14)

When the gas reaches the maximum of nc = 1016 cm−3, we
have rc = 2 AU and ρxc = 5 × 1013 (GeV/c2) cm−3. At
small distances r < rc, the density varies as

ρx = ρxc

(

r

rc

)−0.5

. (15)

In addition to the Smith et al. (2012) profile, we also
compare with a slightly modified r−2 DM density profile
in a separate simulation, ‘DMA-A2’. In this case the DM
density declines as

c© 2013 RAS, MNRAS 000, 1–17
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Figure 4. Thermal and chemical structure of the gas in the case of the analytic DM halo DMA-A2, shown at the point of initial sink
formation (t = 0). For comparison, the dashed line shows case DMA-A1, which utilized the DM density profile of Smith et al. (2012).
Note the similarity in chemothermal evolution for both of the analytic DM profiles. The dotted line shows the case without DMA effects
(no-DMA), which is very similar to previous results found by other authors (e.g. Clark et al 2011b). Note that fH2

= 0.5 corresponds to
fully molecular gas.

ρx = 6000

(

r

1pc

)−2
GeV

c2
cm−3 (16)

for r > rc, but keeps a constant density within the DM core
at distances r < rc:

ρx = ρxc = 6000

(

rc
1pc

)−2
GeV

c2
cm−3. (17)

Eqs. 16 and 17 are normalized to enclose the same DM
mass as found within the central 10 pc of the original cosmo-
logical simulation. We determined this normalization when
the gas reached a maximum density of 1016 cm−3, which cor-
responds to rc =2 AU and ρxc = 6 × 1013 (GeV/c2) cm−3.
Note the similarity in normalization between the DMA-A1
and DMA-A2 profiles on small scales.

As will be further shown in Section 4.3, the Eq. 16 pro-
file is somewhat steeper than the DM profile from our orig-
inal cosmological simulation on large scales, where the DM
density roughly goes as ρx ∝ r−1. We are thus assuming
adiabatic contraction of the DM is more effective on small
scales that were unresolved in the cosmological simulation.

We run case DMA-A2 until the first sink forms, and
then follow the simulation for ∼ 10,000 yr of sink accretion.
During the accretion stage the DM profile is kept centered
upon the most massive sink.

3.2.2 N-body Particle Profile

We next take the simulation output of DMA-A2 at the time
just prior to the formation of the first sink, and we use this
as the initial state for a final simulation which includes a
‘live’ DM halo, ‘DMA-L2.’ For the ‘DMA-L2’ case, instead
of using an analytic ρx profile we add 2563 DM particles,
arranged such that they have the density profile of Eqs. 16
and 17 when rc =2 AU and ρxc = 6× 1013 (GeV/c2) cm−3.
The DM distribution is thus the same as that of DMA-A2
when the DM and gas reaches maximum density. Each DM
particle has a mass of mDM = 3.8 × 10−4 M⊙, and hence
the total DM mass within our cut-out box is identical to the
total DM mass within the central 10 pc cube of the origi-
nal cosmological simulation (6300 M⊙). In addition, mDM

matches the value of mSPH to within a few tens of percent.
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8 A. Stacy, A. H. Pawlik, V. Bromm, and A. Loeb

The low values of mDM and gravitational softening length
(3 AU) allow us to study how the DM and gas interact on
similarly small scales.

As in Stacy et al. (2012b), we produce the DM den-
sity profiles beginning from an initial uniform density field.
This field was generated by placing particles at glass-like
positions, which was achieved by allowing randomly placed
particles to evolve under an artificial negative gravitational
force until a quasi-equilibrium configuration was reached
(White 1996). This method avoids small-scale fluctuations
in the relative distances between particles, and it is an im-
provement upon a Monte Carlo sampling of the density field,
which would be subject to such Poisson noise.

The particles of uniform density ρ0 can then be trans-
formed to a power law density profile ρ̂ ∝ r̂−n through the
coordinate transformation (r, θ, φ) → (r̂, θ, φ). The new co-
ordinates will satisfy

ρ̂(r̂)r̂2sinθ dr̂ dθ dφ = ρ0r
2sinθ dr dθ dφ, (18)

from which we can derive the relation

r̂ ∝ r3/(3−n), for 0 6 n < 3. (19)

In this way we thus acquire the desired n = 2 profile for the
live DM halo.

Similarly to the SPH particles, the N-body particles are
given an adaptive gravitational softening length identical
to their ‘smoothing length’, a length which is calculated in
the same way for both the SPH and N-body particles. We
furthermore imposed a minimum softening length of 3 AU
for the DM, the same length as the inner sink accretion
radius. In the DMA-L2 run, the DMA heating and ionization
rates for gas particles with n > 105 cm−3 were calculated
based upon the ρx value for the most nearby DM particle.
Rates for gas particles with n < 105 cm−3 were instead
determined using Eq. 16 to reduce the numerical cost of
searching for nearby DM neighbors.

3.3 Velocity Initialization

The ‘live’ DM halo (DMA-L2) case furthermore requires an
initial velocity to be assigned to each DM particle. We do
this in the same way as described in Stacy et al. (2012b).
Given a spherically symmetric density profile, an isotropic
distribution function (DF) for the DM particles can be
generated using Eddington’s formula (Binney & Tremaine
2008, their equation 4.46):

f(E) = 1√
8π2

[
∫

E

0

dΨ′

√
E −Ψ′

d2ρ

dΨ′2
+

1√
E

(

dρ

dΨ′

)

Ψ′=0

]

(20)

where f(E) is the DF in units of mass per phase space vol-
ume, e.g., g cm−3 (cm s−1)−3, and Ψ is the relative potential,
which can be set to the negative of the gravitational poten-
tial as measured from the edge of the system. ρ is the mass
density of the system at the given Ψ, and E is the relative
energy of DM per unit mass. If Ψ and the relative energy E
are known for a particle, then its velocity v is given by

v =
√

2(Ψ− E). (21)

We assume the input ρ profile is cut off at an outer
radius of 10 pc. We also assume the profile flattens to a
uniform-density core in the central 1 AU, well inside the

extent of the sink particles. To assign velocities to each par-
ticle, we first divided the DM profile into 3000 radial bins,
centered upon the densest particle. We then calculated the
relative potential Ψ at each bin. Each particle was assigned
the value for Ψ corresponding to its bin, and a value for its
relative energy E was randomly drawn from the DF. The
amplitude of the velocity v was then found using Eq. 21. In
the appendix of Stacy et al. (2012b) we provide more details
about randomly drawing a value of E from the distribution
function f(E) .

To determine the velocity component along each Carte-
sian axis (vx, vy, and vz), we next picked two angles
at random, θ and φ (e.g. Widrow 2000). Given two ran-
dom numbers p and q ranging between 0 and 1, we set
θ = cos−1(1− 2p) and φ = 2πq. We used these angles to
map each particle in velocity space, where vx = v sinθ cosφ,
vy = v sinθ sinφ, and vz = v cosθ.

We emphasize here that the resulting velocity distribu-
tion yields a stable DM profile. Before combining the DM
particles with the gas, we evolve the DM-only profile for
10,000 yr to ensure that it undergoes minimal change (fig-
ures in Section 4.3). It is this evolved profile that is used in
simulation ‘DMA-L2’. As will be further discussed in Sec-
tion 4.3, it is only after interaction between the gas and DM
that the DM density and velocity profile undergo substantial
evolution.

4 RESULTS

In this section we first discuss the effects of DMA on the
initial gas collapse and compare with Smith et al. (2012;
Section 4.1). After that, we investigate how DMA affects the
subsequent gaseous disk evolution, comparing the influence
of the analytic and live DM profiles (Section 4.2). Finally, we
discuss the DM evolution in the case of the live DM profile
(Section 4.3).

4.1 Initial Collapse to Stellar Densities

Our set of simulations is summarized in Table 1. ‘Live’ pro-
files refer to runs in which the DM structure was followed
with N-body particles. ‘Analytic’ profiles refer to those in
which a spherically symmetric DM density profile was as-
sumed as described in Section 3.2.

The gas velocity profiles in our various cases are com-
pared in Fig. 1, as determined just before the formation of
the first sink particle. We measured the rotational and radial
velocities of each gas particle with respect to the center-of-
mass of the densest gas, those particles with n > 2 × 1011

cm−3. The rotational velocity vrot and radial velocity vrad
within each logarithmically-spaced radial bin is then taken
as the mass-weighted average of the individual particle ve-
locities within each bin. In a similar fashion, we measure the
turbulent Mach number Mturb over the same range of radial
bins according to the following:

M2
turbc

2
s =

∑

i

mi

M
(~vi − ~vrot − ~vrad)

2 , (22)

where cs is the sound speed of the radial bin, mi is the mass
of a gas particle contributing to the bin, and M is the total
gas mass of the bin.
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Figure 5. Growth of the sinks over time, as measured from the moment of initial sink formation. Left: Sink mass within halo with no
DMA effects. Center: Analytic halo with r−2 profile (DMA-A2). Right: Live halo with evolving profile (DMA-L2). The different black
line styles represent the various sinks, while the red lines represent the total sink mass within the given simulation. In the DMA-A2 and
DMA-L2 runs, DMA effects result in more rapid gas collapse and an earlier formation time for the first sink by ∼ 105 yr. However, DMA
leads to a delay in the appearance of secondary sinks with respect to the formation time of the first sink, though in the DMA-L2 case it
only slightly delays secondary fragmentation. DMA additionally yields enhanced sink accretion rates.

Figure 6. Distance of secondary sinks from the most massive sink over time. Left: no-DMA simulation. Center: DMA-A2 simulation.
Right: DMA-L2 simulation. The most massive sink is usually the first-formed sink. However, in the no-DMA run the second-formed
sink becomes the most massive while the first-formed sink is ejected from the system, so in this case distances are measured from the
second-formed sink. The no-DMA run forms a total of three sinks. The DMA-A2 run forms four sinks, while the DMA-L2 run has seven
sinks by the end of the simulation.

When including DMA effects (DMA-A1 and DMA-A2,
middle and right panels of Fig. 1), the radial infall rates are
similar to the no-DMA case but slightly greater at distances
beyond 1000 AU. Rotational motion of the gas as it ap-
proaches stellar densities is more noticeably enhanced under
DMA, while turbulent motion is greater at distances beyond
100 AU. In good agreement with Smith et al. (2012), we also
find an increase in sound speed in the inner 1000 AU but a
decrease beyond 1000 AU. Within the central few thousand
AU, the enclosed mass Menc is greater in the DMA cases
(Fig. 2), consistent with the moderately enhanced |vrad| at
scales > 100 AU. As is visible in Fig. 3, this coincides with a
more massive, extended, and flattened disk structure at this
time.

As already described in detail in Smith et al. (2012), the
DMA effects lead to a very different chemothermal evolution

at densities above ∼ 106 cm−3. We compare the no-DMA,
DMA-A1, and DMA-A2 runs in Fig. 4. As expected, DMA-
A1 and DMA-A2 are very similar since they use similar DM
density profiles. At low densities, the gas in the DMA runs
has lower temperatures than in the no-DMA case due to en-
hanced H2 cooling rates. The DMA-A1 and DMA-A2 runs
undergo rapid H2 formation at a density of ∼ 106 cm−3,
which is two orders of magnitude lower than the similar up-
turn in H2 fraction seen in the no-DMA case. This is made
possible by the enhanced electron abundance at these densi-
ties, which is in turn due to DMA-induced ionizations. How-
ever, at densities of ∼ 109 cm−3 the temperature undergoes
a rapid increase and surpasses that of the no-DMA case.
This coincides with the density at which the DMA-affected
gas becomes fully molecular, when the combination of DMA
and H2 formation heating surpasses H2 line cooling just suf-

c© 2013 RAS, MNRAS 000, 1–17
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Figure 7. Evolution of gas density, temperature, and estimated Toomre Q parameter for each of the three simulations. Profiles are
measured with respect to distance from the the densest gas particle. Left: no-DMA case. Center: DMA-A2 case. Right: DMA-L2 case.
Solid lines represent profiles taken at tacc = 100 yr, dashed lines at tacc = 2000 yr, and dotted lines at tacc = 5000 yr. Blue dashed lines
represent the minimum Toomre parameter value (Q = 1) at which a disk can remain stable. The lower temperatures of the no-DMA
case lead to generally lower values of the Toomre parameter.

ficiently to heat the gas (see detailed discussion in section
4.2 of Smith et al. 2012).

Within the corresponding central few thousand AU,
there is additionally a slight enhancement in gas density
for cases with DMA as compared with the no-DMA simu-
lation, similar to the density enhancement at radii between
∼100 and 1000 AU discussed in Smith et al. (2012). This is
also in accordance with the greater enclosed mass seen in
these same regions (Fig. 2). We finally note that both runs
that include DMA effects show a dip in H2 fraction between
densities of approximately 1012 and 1013 cm−3 from H2 colli-
sional dissociation. This is due to the increased temperatures
at these densities resulting from DMA-induced heating. At
the same time, H2 collisional dissociation and destruction of
H2 through charge transfer with H+ allow the gas to remain
at a steady temperature of ∼ 2000 K (see section 4.2 and
fig. 5 of Smith et al. 2012).

4.2 Sink Accretion and Disk Fragmentation

Once the first sink particles have formed, we continue the
no-DMA run as well as the DMA-A2 run, where the DM

peak of the analytical profile is centered on the most mas-
sive sink at all times. At this point, we also use the gas
properties of DMA-A2 to initialize the DMA-L2 simulation
in which we add the ‘live’ DM profile. We see a considerable
divergence in the sink accretion histories (Figs 5 and 6). This
divergence originally stems from the differences in the initial
gas collapse, in which DMA leads to increased H2 cooling
for densities less than ∼ 109 cm −3. The lower temperatures
allow DMA-affected gas to more quickly reach densities 109

cm −3, which more than compensates for the slow-down in
collapse once the DMA-affected gas surpasses this density
threshold and undergoes rapid heating. This causes the gas
in the DMA runs to form the first sink ∼ 3 × 105 yr ear-
lier, similar to Smith et al. (2012) who found that collapse
occurred ∼ 105 yr earlier. A more massive and rapidly ac-
creting disk with more pronounced spiral structure results
(Fig. 8).

4.2.1 No-DMA and DMA-A2 cases

In the no-DMA case, a second sink forms 600 yr after the
first. The secondary sinks are formed at 100 and 200 AU
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Figure 8. Top Panels: Morphology of gas density 2500 yr after sink formation. Images are centered upon the center-of-mass of the
sinks and gas with n > 1013cm−3. The panels are 1000 AU across. Asterisks represent the most massive sink, plus symbols depict the
second-most massive sink, and diamonds represent all other sinks. Top Left: no-DMA case. Note that the first-formed sink does not
appear because it has been ejected from the disk as a result of a three-body interaction and is ∼ 200 AU beyond the region shown
here. Top Middle: DMA-A2 simulation. The DMA-A2 run has a more massive disk with more pronounced spiral structure, and at this
point fragmentation has still been suppressed due to DMA heating. Top Right: DMA-L2 simulation. Like the no-DMA case, the gas has
undergone multiple instances of fragmentation at this point. Bottom Panels: Same as top row, but at 5000 yr after initial sink formation.
The DMA-A2 run still has a more massive disk and pronounced spiral structure, but has formed multiple secondary sinks by this time.

Figure 9. Morphology of DMA-L2 simulation at 2500 yr after
sink formation with panel size of 10,000 AU. This simulation has
four sinks at this time, though all but one have been ejected from
the disk. One of these ejected sinks is outside of the pictured
region.

from the most massive sink (Fig. 6). Note that the most
massive sink is the first formed sink in most cases, but in the
no-DMA case the first-formed sink is ejected from the disk
at ∼ 2000 yr, causing its mass growth to level off. Distances
in this case are thus measured from the second-formed sink,
which grows to become the largest. A total of three sinks
forms in the no-DMA run, combining to only 7 M⊙, while
each individual sink reaches ∼ 2 M⊙.

In contrast, in the DMA-A2 case secondary fragmen-
tation is suppressed until 3500 yr after the initial sink for-
mation, though by the end of the DMA-A2 run four sinks
have formed. The last sink to form in DMA-A2 can be seen
as the distant clump in the bottom panels of Fig. 8. The
formation of the fourth sink at a larger distance of 600 AU
indicates that fragmentation in the outer spiral arms of the
disk in DMA-A2 is still possible. This is similar to what
Smith et al. (2012) describe in their ‘H2’ simulation. The
first sink of DMA-A2 grows at a much higher rate than that
of no-DMA (Fig. 5). This is partially because for the first
3500 yr no secondary fragment has formed yet, and the gas
that would have accreted onto secondary sinks is instead
available to flow onto the solitary first sink. However, even
the combined sink mass for the no-DMA case is below that
of DMA-A2 at all times. Since the DMA-A2 sinks are grow-
ing from a more massive disk, their total sink mass reaches
values twice as large (14 M⊙).
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The variation in fragmentation and accretion rate can
be understood by examining the disk properties in each case
(Fig. 7). A rough estimate for whether a disk is unstable to
fragmentation is given by the Toomre fragmentation crite-
rion:

Q =
csκ

πGΣ
< 1 , (23)

where κ is the epicyclic frequency, which we set equal to
the angular velocity, as appropriate for Keplerian rota-
tion. Σ is the disk surface density, which we estimate as
Σ ∼ Menc(ri)/[4π(r

2
i − r2i−1)]. Menc(ri) is the total mass

within a cylindrical shell whose inner and outer surfaces span
from ri−1 to ri in the x− y plane. The x− y plane of each
shell is oriented perpendicular to the rotational axis of the
disk and centered upon the densest gas particle. To exclude
gas at arbitrarily large heights along the shell’s z-axis, the
enclosed mass of each cylindrical shell includes only gas with
density greater than half of the average density within the
corresponding spherical shell of radius ri. The central densi-
ties of DMA-A2 are in general slightly higher than those of
the no-DMA case (top row of Fig. 7). However, the higher
temperature and sound speed of the DMA-A2 case serve to
stabilize the disk, just sufficiently countering the effect of
the enhanced density.

We here further examine how DMA effects yield an
increased sink accretion rate. The rate at which gas flows
through the disk onto the sinks may be estimated as

Ṁdisk = 3πνΣ, (24)

where ν is estimated based upon the prescription introduced
by Shakura & Sunyaev (1973),

ν = αSSHpcs. (25)

Here, Hp is the pressure scale height of the disk, and αSS is
a dimensionless parameter ranging between ∼ 10−2 and 1,
depending on the nature of angular momentum transport in
the disk. From this we may roughly estimate that

Ṁdisk ∝ csΣ. (26)

Changes in either disk surface density or sound speed can
thus alter Ṁdisk.

Taking the total final sink masses and total accretion
times directly from the simulations, the average sink accre-
tion rates are ∼ 2 × 10−3 M⊙ yr−1 and 8× 10−4 M⊙ yr−1

in the DMA-A2 and no-DMA cases, respectively. Both the
warmer temperature (i.e. greater sound speed) and higher
density in the DMA-A2 case serve to enhance the disk and
sink accretion rates, though more of the variation in Ṁdisk is
driven in particular by the difference in temperature, which
is over twice as high in the DMA-A2 case within the cen-
tral 100 AU. The central temperatures translate to cs ≃ 3.8
and 2.2 km s−1 in the DMA-A2 and no-DMA cases, respec-
tively, thus accounting for the majority of the factor of two
difference in Ṁdisk.

4.2.2 DMA-L2 case

The DMA-L2 case has identical gas properties to DMA-
A2 at the point of initial sink formation, but the accretion
history diverges after only a few hundred years. Its overall
rate of sink growth over the first 3000 yr is less than that

of DMA-A2, but slightly greater than that of no-DMA. A
second sink forms 900 yr after the first, at a distance of
200 AU from the main sink. The DMA-L2 case thus does
not exhibit the same significant delay of fragmentation as
seen in DMA-A2. It is instead more similar to the no-DMA
case. Even when accounting for DMA-induced heating and
ionization, we thus find that relatively close fragments may
still form within ∼ 1000 yr. The plateau in the growth of
the initial sink between 500 and 2500 yr is similar to what
may be expected from ‘fragmentation-induced starvation’
(Peters et al. 2010), where the two secondary sinks intercept
mass that would otherwise accrete onto the main sink. At
the same time, the interaction of the disk with the live DM
particles causes the dense gas to be much more spread out
and diffuse than in the other two cases (Figs. 8 and 9).

In the DMA-L2 case, a total of four sinks form within
the first 2000 yr, and the three secondary sinks are scattered
out to large distances of several thousand AU (right-hand
panel of Fig. 6). The total sink mass undergoes a rapid in-
crease as two additional sinks form at ∼ 3000 yr, similar
to the increase seen in DMA-A2. This up-tick is more pro-
nounced, however, since the first-formed sink accretes much
more rapidly after this point as well. This is due to the for-
mation of further secondaries which redistribute the angular
momentum in the disk and thereby allow more mass to fall
into the main sink. By the end of the simulation the total
sink mass in the DMA-L2 case is ∼ 16 M⊙. This translates
to an overall average sink accretion rate of ∼ 3 × 10−3 M⊙

yr−1, slightly more than that found in DMA-A2.
In the DMA-L2 simulation, the early-time (tacc < 3000

yr) accretion rate and the timescale at which secondary frag-
mentation occurs thus fall in between the other two cases.
This follows expectation, as the DMA-L2 case begins with
the same temperature enhancement as seen in DMA-A2,
which initially serves to suppress fragmentation and enhance
Ṁdisk. Then, as the central DM densities decline due to the
motions of the gas (see following section), these high central
temperatures are not maintained. The addition of gravita-
tional interaction with the DM profile, however, leads to
greater amounts of density perturbation in the gas. This in
turn leads to the formation of a larger number of protostellar
fragments than found in the other cases.

4.2.3 Effect of Accretion Luminosity

We do not include a heating term to account for the ra-
diative feedback from the protostars. This was due to the
uncertainty in how possible DM accretion onto the proto-
stars would affect their luminosity and radial evolution. If a
sink contains a ‘dark star,’ then the star may have a radius
of the order of 100 R⊙. If it is instead a 5 M⊙ MS star, then
it will have a radius of ∼ 1 R⊙. Note that the MS radius
is a lower limit, while a normal 5 M⊙ protostar more likely
has a radius closer to ∼ 10 R⊙ (see, e.g., discussion of pri-
mordial stellar evolution in Hosokawa et al. 2010). Typical
masses and accretion rates found in our simulation are ap-
proximately 5 M⊙ and 10−3 M⊙ yr−1. The corresponding
accretion luminosity Lacc would then range from

Lacc =
GM∗Ṁ

R∗

≃ 103 − 105L⊙, (27)
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where M∗, Ṁ , and R∗ are the mass, accretion rate, and
radius of the star. As described in Smith et al. (2011), the
resulting accretion luminosity heating rate can be estimated
as

Γacc = ρκP
Lacc

4πr2
erg cm−3 s−1 (28)

where ρ is the gas density, κP is the Planck mean opacity,
and r is the distance of the gas from the emitting star.

While we omit Lacc for simplicity, we may estimate
its effect relative to DMA-induced heating. At a radius of
100 AU, ρ ∼ 10−13 g cm−3 and κP ∼ 10−6 cm2 g−1 (see
Mayer & Duschl 2005). This yields Γacc = 10−14 − 10−12

erg cm−3 s−1. In comparison, the DMA heating rate for the
DM profile taken from Smith et al. (2012, DMA-A1 case)
is 10−10 erg cm−3 s−1. For the stars in our simulation, this
estimate shows that we can generally expect DMA heat-
ing to dominate over accretion luminosity heating while the
DM profile maintains high central densities. When the cen-
tral DM density declines in the DMA-L2 run, however, Γacc

may again become dominant, and the fragmentation seen at
later times may be overestimated. This similarly applies to
our no-DMA run.

Indeed, our DMA runs exhibit a greater amount of frag-
mentation than found in Smith et al. (2012), whose simula-
tions did account for protostellar accretion radiation. They
follow the accretion for & 5000 yr, similar to the timescale
of our runs. In their ‘H1’ and ‘H2’ runs they found no sec-
ondary fragmentation and only a single secondary sink, re-
spectively. In our particular case, accretion heating would
have been a smaller effect due to the lower sink growth
rates in our protostellar system. While their sinks grow to
& 10 M⊙ by the end of their runs, in our DMA-A2 run
the largest sink is only 5 M⊙ when the second sink forms,
and is ∼ 8 M⊙ at the end of the simulation. This likely ex-
plains the greater number of sinks formed in our DMA-A2
run as compared with Smith et al. (2012). However, they
point out that their model assumed normal Pop III proto-
stars instead of dark stars of lower effective temperature,
thus giving an upper limit to the effect of accretion lumi-
nosity. For these analytical DM profiles, the true level of
fragmentation is likely somewhere in between their results
and what we find in DMA-A2. It is still the case that at
late times, while fragmentation may be suppressed by pro-
tostellar feedback effects, it will not be suppressed through
DMA-induced heating and ionization.

4.3 Evolution of DM Profiles

Fig. 10 illustrates the gradual evolution of the central DM
density in the DMA-L2 run, where at 1500 yr the central ∼
400 AU has decreased in density. The DMA-L2 run has an
enclosed gas mass of ∼ 5 M⊙ and 20 M⊙ at distances of 100
and 1000 AU. For gas undergoing roughly Keplerian rotation
around the main sink, where vKep ∼

√

GMenc,gas/r, typical
rotation times are:

trot =

√

r3

GMenc,gas(r)
, (29)

where Menc,gas(r) is the enclosed gas mass at distance r
from the sink. At distances of 100 and 1000 AU, this corre-
sponds to trot ∼ 100 and 1000 yr, roughly consistent with

Figure 10. DM evolution in the DMA-L2 simulation. DM den-
sity profile, with distance taken relative to the densest gas parti-
cle. Black line is the r−2 profile to which the DM particles were
first initialized. Before the gas and DM profiles were combined,
the DM alone was evolved for 10,000 yr and showed little change
(solid red line). The solid red line is thus the evolved DM profile
that is combined with the gas at the point of initial sink forma-
tion to initialize DMA-L2 (t = 0 yr). Dotted line shows how this
profile has evolved by 1500 yr, while dashed line shows the profile
at 2500 yr and dash-dotted line is for 5000 yr. Blue dotted line
shows the DM profile from the original cosmological simulation.
The live DM profiles we generated for our refined DMA-L2 case
assumed significant adiabatic contraction on small scales which
were unresolved in the cosmological simulation. The mutual in-
teraction between gas and DM causes significant decline in the
central DM densities.

the timescales for the density decline seen in DMA-L2. This
lends evidence that the rotational motion of the disk is in-
deed the cause of the decline of the central DM profile.

In addition, we compare the gas kinetic energy with the
DM gravitational energy:

Kgas(r) ∼ 1

2
Menc,gas(r) v

2
Kep(r), (30)

where vKep(r) is the Keplerian velocity at the given radius
r, and

UDM(r) ∼ GM2
enc,DM(r)

r
. (31)

For r = 1000 AU, Menc,gas ∼ 20 M⊙ and vKep ∼ 4 km s−1,
so Kgas ∼ 3 × 1045 erg. In comparison, Menc,DM ∼ 5 M⊙

and UDM ∼ 4 × 1044 erg, almost one order of magnitude
below the kinetic energy of the gas. The gas motion is thus
sufficiently energetic to disperse the DM.

We further support our claim that the DM profile evolu-
tion is not due to numerical effects, but to the physical effect
of the gravitational interaction between the clumpy baryon
and DM components, by confirming that the DM profile re-
mains stable in the absence of gas. We verified this through
a test simulation in which we evolved the gas-free live DM
halo for 10,000 yr, finding minimal change in the density and
velocity profiles (Figs. 10 and 11; see also section 3.1 in Stacy
et al. 2012b). In contrast, once the gaseous disk begins to act
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Figure 11. TopVelocity distribution of the DM within 104 AU of
the densest DM particle. Bottom Distribution of the DM beyond
104 AU of the densest DM particle. Black line is the velocity
distribution at the point the DM is initialized. Red line is the
distribution after the DM alone is evolved for 10,000 yr. This
evolved distribution (red line) is used at t=0 yr for the DMA-L2
simulation. Dash-dotted line is the distribution at the end of the
DMA-L2 simulation. The distribution changes little during the
10,000 yr of DM-only evolution. After the addition of the gas for
DMA-L2 simulation, the distribution shows significant change in
only 5000 yr, particularly in the central 104 AU.

on the DM, the density and velocity profiles rapidly evolve,
particularly in the central regions. Thus, despite the limited
mass resolution of the DM particles within our simulation,
spurious effects from DM-DM two-body scattering does not
significantly affect the DM profiles. In the related study of
Stacy et al. 2012b, which also followed the evolution of DM
‘live’ profiles under the influence of a gaseous disk, a range of
softening lengths from 5 to 50 AU was employed. This study
found a similar flattening of the central DM profile over
equivalent timescales under this range of resolution lengths,
confirming that this effect is not resolution-dependent.

The timescale for two-body relaxation for a system of
N bodies with mass m can be estimated as

trel ∼ tcr0.1N/lnN , (32)

where trel is the relaxation time, and tcr the crossing time
(Binney & Tremaine 2008). If we consider the central 1000
AU, this includes approximately 5 M⊙ of DM, or N ∼ 104

particles. For tcr ∼ 1000 AU/5 km s−1 ∼ 3 × 1010 s, this
results in trel ∼ 3× 1012 s or 105 yr. Thus, as expected from
the above numerical tests, trel is over an order of magnitude
too long for two-body relaxation to take effect within our
simulation time. Including the SPH particles, which have
similar mass to that of the DM particles, further increases
this estimate. For instance, even on smaller scales of 100
AU, the total number of SPH and DM particles is N ∼ 104,
and trel ∼ 104 yr. However, in the simulation the evolution
of the DM profile on these scales happens in a fraction of
this time.

The limited mass resolution of our DM particles may
also generate unphysical dynamical friction upon the DM.
For a system of bodies with mass m and a Maxwellian veloc-
ity distribution, the acceleration due to dynamical friction
on a body of mass M travelling through this system is:

dvM

dt
≃ 4πlnΛ (M +m) ρ

v3M

[

erf(X)− 2X√
π
e−X2

]

vM . (33)

(Binney & Tremaine 2008). X = vM/
√
2σ, σ is the velocity

dispersion, vM is the velocity of the particle with mass M ,
lnΛ is the Coulomb logarithm, and ρ is the density of the
system. We approximate vM ∼ 5 km s−1, the function in
brackets to be of order one, ρ ∼ 10−15 g cm−3, M = m =
5× 10−4 M⊙, and the Coulomb logarithm to be

lnΛ ≡ ln

[

bmaxv
2
m

G(M +m)

]

∼ ln100 ∼ 5. (34)

Note that we have approximated the impact parameter bmax

to be of order the gravitational softening length of 3 AU. We
can then write a simplified form of Equation (33):

dvM

dt
≃ 20π (M +m) ρ

v2M
. (35)

This yields dv/dt ∼ 4×10−14 km s−2, or a change of 0.01 km
s−1 over a period of 104 yr. Dynamical friction between SPH
and DM particles is thus unlikely to be significant. On the
other hand, dynamical friction between a 5 M⊙ sink and the
DM particles may be orders of magnitude more significant.
However, this is then a truly physical effect dominated by
the mass of the sink, which is much larger than both the
WIMP particle mass and the mass of our simulated DM
particles.

It is thus through mutual physical gravitational scatter-
ing between the gas and DM that gravitational accretion of
DM into the densest gaseous regions halts within ∼ 1000 yr
after the first sink forms. The DM density instead declines in
most of the central 1000 AU. This reduces the effect of DMA
on the protostellar disk, and it furthermore prevents the DM
from maintaining a dark star through ‘scattering accretion’.
Previous studies (e.g. Freese et al. 2008b, Yoon et al. 2008;
Iocco et al. 2008; Spolyar et al. 2009) have suggested that,
even without steady gravitational accretion, dark stars may
survive indefinitely if the surrounding DM medium remains
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sufficiently dense, usually ρx > 1010 − 1011 GeV/c2 cm−3.
In this process of scattering accretion, a star may capture
a DM particle if the DM scatters off the condensed stellar
gas. While Sivertsson & Gondolo (2011) found that scatter-
ing accretion will continue for less than approximately 105

yr, we find that ρx is sufficiently reduced within ∼ 5000 yr
for scattering accretion to halt within the majority of the
protostellar disk.

We note the possible exception of the region around two
of the seven sinks which have formed by the end of the DMA-
L2 simulation (see the two peaks around 40 AU in t = 5000
yr line of Fig 10). Adiabatic contraction around these two
later-forming sinks has formed two DM density peaks with
ρx ∼ 1011 GeV/c2 cm−3. However, with sufficient time these
peaks are also likely to decline, and the majority of the sinks
are in a DM medium with densities lower than this.

The speed at which the DM cusp is transformed will
vary depending on the particular DM profile as well as the
properties of the central gas. Our DM profile was initial-
ized to have an enclosed mass that was consistent with
the original cosmological simulation (blue dotted line in
Fig. 10). However, we note that at any given radius our
ρx value is a factor of several below the analytic adiabatic
contraction results found by Spolyar et al. (2008) and used
in Smith et al. (2012; see also discussion of DM adiabatic
contraction in Blumenthal et al. 1986). This points to the
uncertainties in the formation and evolution of DM pro-
files on small scales and the discrepancies between ana-
lytic DM models, numerical simulations, and observations
(e.g., the well-known ‘cusp versus core’ problem; Moore
1994; Burkert 1995; de Blok et al. 2001; Gentile et al. 2005;
Spekkens et al. 2005; Battaglia et al. 2008). Even for a mini-
halo which undergoes more efficient DM adiabatic contrac-
tion than that found in our simulation, however, the disper-
sal of the central DM will most likely be delayed but not
prevented. As gas continues to condense towards the center
of the minihalo, sufficient kinetic energy will inevitably build
up to transform the DM cusp to a core. Future simulations
will cover a wider range of possible DM profiles.

5 SUMMARY AND CONCLUSIONS

We have performed a series of simulations to explore the
effect of DMA-induced ionization and heating on the forma-
tion of Pop III stellar systems. Our study included the first
simulation to model both DMA heating and ionization rates
as well as the gravitational interaction between the primor-
dial gas and DM. In agreement with Smith et al. (2012), who
used a static DM profile and ignored the mutual interaction
of DM and gas, we find an enhanced H2 abundance and more
rapid cooling as the gas collapses to densities of 109 cm−3,
caused by the DMA-induced ionization which increases the
fractional abundance of electrons that may catalyze H2 for-
mation. At densities greater than 109 cm−3, DMA-induced
heating leads to warmer gas temperatures which stabilize
the accretion disk. The formation of secondary protostellar
fragments is thus delayed by ∼ 3000 yr when we employ a
non-evolving analytical DM density profile. In addition, the
total stellar system accretes at a more rapid rate under the
effects of DMA. Due to our omission of the effects of proto-

stellar heating from accretion luminosity, the suppression of
fragmentation was not as strong as in Smith et al. (2012).

We find that these DMA effects are mitigated when
we represent the DM with highly-resolved N-body particles,
allowing us to follow the evolution of the DM density pro-
file due to gravitational interaction with the gas. The cen-
tral DM density is gradually reduced as the motion of the
gas scatters the DM to increasingly large distances from the
peak. At the same time, the formation of secondary proto-
stellar fragments is delayed by only a few hundred years. The
overall sink accretion rate is more rapid than when DMA
effects are ignored, but similar to the accretion rate found
when using an analytic DM profile. Surprisingly, the num-
ber of secondary protostars formed was highest in this ‘live’
DM simulation. Along with the influence of DM through
DMA-induced heating and ionization, the mutual gravita-
tional interaction between the DM and gas caused the gas
disk to be more diffuse and extended than when using an
analytic DM profile. This leads to enhanced levels of per-
turbation in the disk and the formation of six secondary
protostars, as compared to two and three secondaries in the
case of no DM or an analytic DM profile.

As pointed out in Smith et al. (2012) and also discussed
in Gondolo et al. (2013), neither our simulations nor those
of Smith et al. (2012) follow the gas collapse to protostellar
densities. To determine whether an equilibrium dark star
forms, the gas collapse must be followed to higher densities
of 1017 cm−3. Gondolo et al. (2013) argue that such a dark
star may indeed still form within the unresolved sinks of
Smith et al. (2012), and that the DMA suppression of frag-
mentation may allow the peaked DM profile to remain undis-
turbed. However, our DMA-L2 case shows that a live DM
profile will not maintain the necessary high central densities,
even when accounting for the stabilizing effects of DMA on
the gas (Fig. 10). The strong interaction between not only
the DM and sinks, but also between the DM and gas, is a
strong implication that even the motion of a disk around a
single star will affect the DM density profile in similar ways
to what we have presented here. Therefore, DMA likely did
not have long-term effects on the fragmentation of primor-
dial gas and the degree of multiplicity among Pop III stars.
Dark stars, as initially envisioned, may thus not have ex-
isted, since the required high DM densities did not persist
for sufficiently long times, as shown here. However, within
plausible WIMP scenarios, DM annihilation heating would
nevertheless be important in modifying the thermodynam-
ics of primordial gas, at least for part of its evolution. The
corresponding heating and ionization terms should therefore
be included in more complete numerical work. Future simu-
lations, which include DMA effects as well as processes such
as protostellar feedback and magnetic fields, will continue
to add clarity to our understanding of Pop III stars.

ACKNOWLEDGMENTS

A.S. is grateful to John Mather for helpful comments and
discussion. The authors thank Simon Glover for helpful com-
ments. Resources supporting this work were provided by
the NASA High-End Computing (HEC) Program through
the NASA Advanced Supercomputing (NAS) Division at
Ames Research Center and the Texas Advanced Comput-

c© 2013 RAS, MNRAS 000, 1–17



16 A. Stacy, A. H. Pawlik, V. Bromm, and A. Loeb

ing Center (TACC). A.H.P. receives funding from the Euro-
pean Union’s Seventh Framework Programme (FP7/2007-
2013) under grant agreement number 301096-proFeSsoR.
V.B. acknowledges support from NSF grant AST-1009928
and NASA ATFP grant NNX09AJ33G.

REFERENCES

Abel T., Bryan G. L., Norman M. L., 2002, Sci, 295, 93
Ando S., Komatsu E., 2013, Phys. Rev. D, 87, 123539
Barkana R., Loeb A., 2001, Phys. Rep., 349, 125
Bate M. R., Bonnell I. A., Price N. M., 1995, MNRAS, 277,
362

Bate M. R., Burkert A., 1997, MNRAS, 288, 1060
Battaglia G., Helmi A., Tolstoy E., Irwin M., Hill V.,
Jablonka P., 2008, ApJ, 681, L13

Bertone G., Hooper D., Silk J., 2005, Phys. Rep., 405, 279
Binney J., Tremaine S., 2008, Galactic Dynamics: Second
Edition. Princeton University Press

Blumenthal G. R., Faber S. M., Flores R., Primack J. R.,
1986, ApJ, 301, 27

Bromm V., 2013, Rep. Prog. Phys., 76, 112901
Bromm V., Coppi P. S., Larson R. B., 2002, ApJ, 564, 23
Bromm V., Larson R. B., 2004, ARA&A, 42, 79
Bromm V., Loeb A., 2003, ApJ, 596, 34
Bromm V., Loeb A., 2004, New Astron., 9, 353
Bromm V., Yoshida N., Hernquist L., McKee C. F., 2009,
Nat, 459, 49

Burkert A., 1995, ApJ, 447, L25
Ciardi B., Ferrara A., 2005, Space Sci. Rev., 116, 625
Clark P. C., Glover S. C. O., Klessen R. S., 2008, ApJ, 672,
757

Clark P. C., Glover S. C. O., Klessen R. S., Bromm V.,
2011a, ApJ, 727, 110

Clark P. C., Glover S. C. O., Smith R. J., Greif T. H.,
Klessen R. S., Bromm V., 2011b, Sci, 331, 1040

de Blok W. J. G., McGaugh S. S., Rubin V. C., 2001, AJ,
122, 2396

Freese K., Bodenheimer P., Spolyar D., Gondolo P., 2008,
ApJ, 685, L101

Freese K., Spolyar D., Aguirre A., 2008b, JCAP, 11, 14
Frommhold L., 1994, Collision-induced Absorption in
Gases. Cambridge University Press, Cambridge

Gao L., White S. D. M., Jenkins A., Frenk C. S., Springel
V., 2005, MNRAS, 363, 379

Gentile G., Burkert A., Salucci P., Klein U., Walter F.,
2005, ApJ, 634, L145

Glover S., 2005, Space Sci. Rev., 117, 445
Glover S. C. O., Abel T., 2008, MNRAS, 388, 1627
Gondolo P., Freese K., Spolyar D., Bodenheimer P., 2013,
(arXiv: 1304.7415)

Greif T., Springel V., White S., Glover S., Clark P., Smith
R., Klessen R., Bromm V., 2011, ApJ, 737, 75

Greif T. H., Bromm V., Clark P. C., Glover S. C. O., Smith
R. J., Klessen R. S., Yoshida N., Springel V., 2012, MN-
RAS, 424, 399

Greif T. H., Johnson J. L., Klessen R. S., Bromm V., 2009,
MNRAS, 399, 639

Haiman Z., Thoul A. A., Loeb A., 1996, ApJ, 464, 523
Hirano S., Yoshida N., 2013, ApJ, 763, 52

Hosokawa T., Omukai K., Yoshida N., Yorke H. W., 2011,
Science, 334, 1250

Hosokawa T., Yorke H. W., Omukai K., 2010, ApJ, 721,
478

Iocco F., 2008, ApJ, 677, L1
Iocco F., Bressan A., Ripamonti E., Schneider R., Ferrara
A., Marigo P., 2008, MNRAS, 390, 1655

Jungman G., Kamionkowski M., Griest K., 1996, Phys.
Rep., 267, 195

Loeb A., 2010, How Did the First Stars and Galaxies
Form?. Princeton University Press, Princeton

Loeb A., Furlanetto S., 2010, The First Galaxies in the
Universe. Princeton University Press, Princeton

Martel H., Evans N. J., Shapiro P. R., 2006, ApJS, 163,
122

Mayer M., Duschl W. J., 2005, MNRAS, 358, 614
Moore B., 1994, Nat, 370, 629
Natarajan A., Tan J. C., O’Shea B. W., 2009, ApJ, 692,
574

Navarro J. F., White S. D. M., 1994, MNRAS, 267, 401
Palla F., Salpeter E. E., Stahler S. W., 1983, ApJ, 271, 632
Peters T., Klessen R. S., Mac Low M.-M., Banerjee R.,
2010, ApJ, 725, 134

Ripamonti E., Abel T., 2004, MNRAS, 348, 1019
Ripamonti E., Haardt F., Ferrara A., Colpi M., 2002, MN-
RAS, 334, 401

Ripamonti E., Iocco F., Ferrara A., Schneider R., Bressan
A., Marigo P., 2010, MNRAS, 406, 2605

Shakura N. I., Sunyaev R. A., 1973, A&A, 24, 337
Sivertsson S., Gondolo P., 2011, ApJ, 729, 51
Smith R. J., Glover S. C. O., Clark P. C., Greif T., Klessen
R. S., 2011, MNRAS, 414, 3633

Smith R. J., Iocco F., Glover S. C. O., Schleicher D. R. G.,
Klessen R. S., Hirano S., Yoshida N., 2012, ApJ, 761, 154

Spekkens K., Giovanelli R., Haynes M. P., 2005, AJ, 129,
2119

Spolyar D., Bodenheimer P., Freese K., Gondolo P., 2009,
ApJ, 705, 1031

Spolyar D., Freese K., Gondolo P., 2008, Phys. Rev. Lett.,
100, 051101

Springel V., 2005, MNRAS, 364, 1105
Stacy A., Bromm V., Loeb A., 2011, MNRAS, 413, 543
Stacy A., Greif T. H., Bromm V., 2010, MNRAS, 403, 45
Stacy A., Greif T. H., Bromm V., 2012a, MNRAS, 422, 290
Stacy A., Pawlik A. H., Bromm V., Loeb A., 2012b, MN-
RAS, 421, 894

Tegmark M., Silk J., Rees M. J., Blanchard A., Abel T.,
Palla F., 1997, ApJ, 474, 1

Tormen G., Bouchet F. R., White S. D. M., 1997, MNRAS,
286, 865

Turk M. J., Abel T., O’Shea B., 2009, Sci, 325, 601
Turk M. J., Clark P., Glover S. C. O., Greif T. H., Abel
T., Klessen R., Bromm V., 2011, ApJ, 726, 55

Valdés M., Ferrara A., 2008, MNRAS, 387, L8
White S. D. M., 1996, in R. Schaeffer, J. Silk, M. Spiro, &
J. Zinn-Justin ed., Cosmology and Large Scale Structure
Formation and Evolution of Galaxies. p. 349

Widrow L. M., 2000, ApJS, 131, 39
Yoon S.-C., Iocco F., Akiyama S., 2008, ApJ, 688, L1
Yoshida N., Abel T., Hernquist L., Sugiyama N., 2003,
ApJ, 592, 645

Yoshida N., Omukai K., Hernquist L., 2008, Sci, 321, 669

c© 2013 RAS, MNRAS 000, 1–17



Mutual Interaction Between Pop III Stars and DM 17

Yoshida N., Omukai K., Hernquist L., Abel T., 2006, ApJ,
652, 6

c© 2013 RAS, MNRAS 000, 1–17


	1 Introduction
	2 Numerical Methodology
	2.1 Initial Setup
	2.2 Cut-Out Technique
	2.3 Particle Splitting
	2.4 Chemistry, Heating, and Cooling
	2.5 Sink Particle Method

	3 Dark Matter Prescription
	3.1 Dark Matter Annihilation Rates
	3.2 DM Density Profiles
	3.3 Velocity Initialization

	4 Results
	4.1 Initial Collapse to Stellar Densities
	4.2 Sink Accretion and Disk Fragmentation
	4.3 Evolution of DM Profiles

	5 Summary and Conclusions

