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ABSTRACT

We present an update to the multiphase SPH galaxy formation code by Scannapieco et
al. We include a more elaborate treatment of the production of metals, cooling rates
based on individual element abundances, and a scheme for the turbulent diffusion
of metals. Our SN feedback model now transfers energy to the ISM in kinetic and
thermal form, and we include a prescription for the effects of radiation pressure from
massive young stars on the ISM. We calibrate our new code on the well studied
Aquarius haloes and then use it to simulate a sample of 16 galaxies with halo masses
between 1 × 1011 and 3 × 1012 M⊙ . In general, the stellar masses of the sample agree
well with the stellar mass to halo mass relation inferred from abundance matching
techniques for redshifts z = 0 − 4. There is however a tendency to overproduce stars
at z > 4 and to underproduce them at z < 0.5 in the least massive haloes. Overly
high SFRs at z < 1 for the most massive haloes are likely connected to the lack of
AGN feedback in our model. The simulated sample also shows reasonable agreement
with observed star formation rates, sizes, gas fractions and gas-phase metallicities at
z = 0 − 3. Remaining discrepancies can be connected to deviations from predictions
for star formation histories from abundance matching. At z = 0, the model galaxies
show realistic morphologies, stellar surface density profiles, circular velocity curves and
stellar metallicities, but overly flat metallicity gradients. 15 out of 16 of our galaxies
contain disk components with kinematic disk fraction ranging between 15 and 65 %.
The disk fraction depends on the time of the last destructive merger or misaligned
infall event. Considering the remaining shortcomings of our simulations we conclude
that even higher kinematic disk fractions may be possible for ΛCDM haloes with quiet
merger histories, such as the Aquarius haloes.
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INTRODUCTION

In the standard paradigm of cosmic structure formation, galaxies form through cooling and condensation
of gas within dark matter haloes (White & Rees 1978;
Fall & Efstathiou 1980). Collisionless N -body simulations of
the dark matter component have been able to reproduce the
observed large-scale structure of the universe with high accuracy in the Λ Cold Dark Matter (ΛCDM) version of this
paradigm (Springel et al. 2006). Semi-analytic models relying on these simulations and simple analytical prescriptions
for the baryonic component are capable of reproducing the
detailed systematics of the galaxy population (Guo et al.
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2011). To properly understand the complex dynamical interactions between gas, stars and dark matter in galaxies
requires however cosmological hydrodynamical simulations.
The complexity of properly modeling the many
baryonic astrophysical processes which play a role in
the formation of galaxies has led to a long list of models over the last two decades (e.g. Navarro & White
1994; Navarro & Steinmetz 1997; Abadi et al. 2003;
Governato et al. 2007; Scannapieco et al. 2009; Agertz et al.
2011). Despite significant recent progress (e.g. Sales et al.
2012; Guedes et al. 2011; Brook et al. 2012), these simulations continue to be plagued by a range of problems,
with different codes often producing very different galaxies
for the same initial conditions (Okamoto et al. 2005;
Kereš et al. 2011; Scannapieco et al. 2012).
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The formation of realistic disc galaxies has been shown
to be especially problematic. The cooling and condensation
of too much low-angular momentum gas (overcooling) and
the loss of angular momentum from baryons to the dark
matter have been a problem since the first efforts to simulate cosmological galaxy formation (Navarro & Benz 1991).
Once disks have formed they have been shown to be susceptible to destruction by major mergers (Toomre & Toomre
1972), by the infall of satellite galaxies (Toth & Ostriker
1992) and by accretion of misaligned gas (Scannapieco et al.
2009)(CS09 hereafter). Moreover, the reorientation of disks
(Aumer & White 2013; Okamoto 2013) and disk instabilities (e.g. Noguchi 1999; Aumer et al. 2010) can enhance the
bulge-to-disk ratio.
In addition to these problems, stellar mass to halo
mass relations from abundance matching techniques have
shown that the majority of simulations over-produce stars
(Guo et al. 2010; Sawala et al. 2011), especially at high z
(CS09, Moster et al. 2013).
Modeling the injection of energy from supernova explosions into the surrounding gas (e.g. Scannapieco et al.
2006; Stinson et al. 2006) has been shown to be a possible mechanism to prevent overly efficient gas cooling, for
driving large-scale outflows, for removing low angular momentum material and thus for producing more realistic disk
galaxies (e.g. Scannapieco et al. 2008; Brook et al. 2011). Interestingly, simulations applying rather weak feedback have
been shown to be more successful in reproducing early-type
galaxies (Naab et al. 2007; Oser et al. 2010; Johansson et al.
2012). Apart from supernovae, AGN (e.g. Springel et al.
2005) and cosmic rays (Uhlig et al. 2012) have been considered as possible sources of feedback.
Simulations including empirical models of momentumdriven winds have been shown to improve the agreement with observed properties of the galaxy population
and the intergalactic medium (Oppenheimer & Davé 2006;
Oppenheimer et al. 2010). Recently, the input of momentum and energy from massive young stars in form of stellar winds and radiation pressure prior to their explosion as
SNe has been studied in more detail. Hopkins et al. (2011)
showed that momentum input into the ISM from radiation pressure may play a key role in regulating star formation. Stinson et al. (2013) included thermal feedback from
young stars and thus were able to achieve significantly better agreement of star formation histories with observations.
Agertz et al. (2013) presented the most complete model so
far of mass, momentum and energy feedback from stars during all stages of their evolution, and concluded that radiation pressure from young stars has the strongest effect on
the ISM.
Apart from feedback, a more realistic modeling of
star formation and the ISM has been shown to help in
making simulated galaxies with more realistic properties.
Governato et al. (2010) found that increasing the threshold density used in the modeling of star formation to more
realistic values leads to more concentrated star formation,
more efficient feedback energy input into the ISM, and the
formation of galaxies with higher disk fraction (see also
Guedes et al. 2011). Christensen et al. (2012) have shown
that the implementation of a model for the formation of
molecular hydrogen (see Gnedin et al. 2009) can amplify the
effect of higher threshold densities.

In Aumer & White (2013) (AW13 hereafter), we have
shown that it is possible to form a realistic disk galaxy within
a triaxial, substructured and growing CDM halo, as long as
the disk forms predominantly at late times (z < 1), the angular momentum vector of the infalling gas has a roughly
constant and appropriate orientation and there are no major mergers or other significant changes in the configuration of the halo. In the Aquila Code Comparison Project
(Scannapieco et al. 2012, CS12 hereafter) one of the haloes
considered in AW13 was simulated with 15 different galaxy
formation codes yielding 15 model galaxies with widely varying properties. Although several models compared well to a
subset of the observations considered, none of the models
yielded a fully realistic disk galaxy. In this paper, we intend
to show how modifications to the models of CS09, motivated
by the findings of CS12 and some of the recently discussed
solutions to problems discussed above, can lead to the formation of significantly more realistic disk galaxies. We also
use our model to study a sample of haloes, which has been
previously studied by Oser et al. (2010) in the context of
the formation of massive, early-type galaxies. The combined
sample comprises haloes with very quiet merger histories as
well as low-z mergers, and is thus well suited to be compared
to a range of objects in the observed galaxy population.
Our paper is organized as follows: In Section 2 we describe the updates we applied to our code. In Section 3 we
introduce the sample of initial conditions we use. In Section 4 we discuss the star formation histories of our galaxies. In Section 5 we analyze their kinematical and structural
properties. In Section 6 we compare our sample to observed
scaling relations. Finally, we conclude in Section 7.

2

THE CODE

For our simulations, we use the TREESPH code GADGET3, last described in Springel (2005). Scannapieco et al.
(2005, 2006) introduced models for stellar metal production,
metal line cooling, star formation, SN feedback and a multiphase gas treatment to be used with GADGET-3, which
we use as the basis for our code update.
2.1

Multiphase model and star formation

We begin with a description of the parts of the model, which
have remained unchanged. The code is unique in decoupling
SPH particles with very different thermodynamic properties
by preventing them from being SPH neighbours. Particle i
decouples from particle j if
Ai > 50. × Aj

and

µij < cij .

(1)

Here A is the entropic function (Springel & Hernquist 2002),
cij is the pair-averaged sound-speed and µij is the relative
velocity of the particles projected onto their separation vector. Marri & White (2003) showed that the second condition is needed to avoid decoupling in shock waves, which
can lead to unphysical effects. This multiphase gas treatment has been implemented to make a realistic co-existence
of hot and cold phase gas (as observed in the ISM) possible
in SPH. It has also been shown to allow a more realistic
modeling of energy and metal injection from stars to the
distinct components of the ISM.
c 2013 RAS, MNRAS 000, 1–??
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To model the formation of stars, we assume that gas
particles are eligible for this process, if their density is
above a threshold density nth . Whereas CS09 used nth ∼
0.03 cm−3 , Governato et al. (2010) have argued that significantly higher threshold densities are needed to form realistic galaxies. While we can confirm their conclusions, we
caution that the effect of varying this parameter depends
significantly on the details of the applied feedback and ISM
model. For the model and the resolution applied in this
work, we use a value of nth ∼ 3 cm−3 , for which we find
the best results. As argued by Guedes et al. (2011), a significantly lower value leads to less efficient feedback and higher
bulge fraction. However, a significantly higher threshold in
our model leads to the formation of bound stellar clumps,
which can sink to the centre because of dynamical friction
and thus also enhances the bulge fraction. Our value lies between the value of 1 cm−3 applied for the Gasoline model for
halo Aq-C-5 in CS12 and 5 cm−3 applied by Guedes et al.
(2011) in a higher resolution simulation. We note that these
values are still two orders of magnitude below the average
density of molecular clouds and at least four orders of magnitude below the density of molecular cores within which
stars are observed to form. Our resolution is however too
coarse to model these high densities.
For particles with n > nth and an overdensity ρ/ρ̄ >
2000 (where ρ̄ is the cosmic mean density) which lie in a
convergent flow, a star formation rate of
ρgas
dρ⋆
= η
dt
tdyn

(2)

is assumed. Here stellar and
pgas densities are represented by
ρ⋆ and ρgas and tdyn = 1/ 4πGρgas is the local dynamical
time for the gas particle. We choose a star formation efficiency η = 0.04, in the range of values typically used (see
e.g. various models in CS12). The typical timescale for star
formation is thus tsf = 1/η tdyn . Star particles are created
stochastically with one gas particle being turned into one
star particle of the same mass.

2.2

Metal Production and Cooling

To account for metals, we explicitly trace the mass in the
elements H, He, C, N, O, Ne, Mg, Si, S, Ca and Fe for all gas
and star particles. Our model includes chemical enrichment
from SNII, SNIa and AGB stars. Each star particle represents a stellar population characterized by a Kroupa (2001)
IMF with lower and upper mass limits of 0.1 and 100 M⊙ .
We assume that stars more massive than 8 M⊙ explode
as SNII. All SNII are modeled in one event at an age τSNII
(see Section 2.4). For the calculation of the mass returned to
the ISM in the various elements we use the metal-dependent
yields provided by Chieffi & Limongi (2004). The uncertainties in yields and thus in the predictions of simulations are
significant, as was for example discussed by Wiersma et al.
(2009). It has been argued by Portinari et al. (1998) that
adjustments by factors of 2 for certain elements can help
improve the agreement with observations. Indeed, we find
that halving the iron yield following their findings leads to
a qualitatively better agreement of metallicities as discussed
in the following sections, which is why we apply their suggested corrections. We note that apart from this, we have
c 2013 RAS, MNRAS 000, 1–??
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not studied the variation of our results with different yield
sets, IMFs etc. to optimize our results.
For the element production by SNIa, we assume the
model W7 presented by Iwamoto et al. (1999). We apply a
delay time distribution, which declines with age τ of a stellar population as τ −1 , as proposed by Maoz & Mannucci
(2012). We also adopt their suggested normalization of 2
SNIa per 1000 M⊙ of stars formed and that the first SNIa
explode at τ = 50 Myr. The corresponding masses of elements are returned to the ISM in 50 Myr time-steps in our
model.
To account for the mass recycling in the winds of asymptotic giant branch stars, we use the metal-dependent yields
of Karakas (2010). Together with the assumed IMF and using lifetimes dependent on stellar mass and metallicity, we
can thus calculate the mass of the considered elements released during the time intervals considered for the SNIa enrichment.
Chemical elements are distributed to the gaseous neighbours of the star particles, where neighbours are weighted
according to their distance from the star particle using an
SPH kernel. To account for our multiphase treatment of the
gas component, the returned (metal) mass is split between
10 hot and 10 cold neighbours. We give 50 per cent to the
hot and cold phase each for all three different types of metal
production sites. We have tested making this fraction dependent on the age of the stellar particle, but found that
observed abundance ratios are best reproduced by our simple choice. For this purpose the cold phase gas is defined by
T < 8 × 104 K and n > 4. × 10−5 cm−3 . Note, that we have
reduced this density limit by a factor of ∼ 100 compared to
Scannapieco et al. (2006) as we found that a higher value
can have a destructive effect on extended, low-density gas
disks due to energetic feedback (see below).
The metallicities of the SPH particles are used to calculate the cooling rates of the gas. We apply the rates
presented by Wiersma et al. (2009) for optically thin gas
in ionization equilibrium. These rates are calculated on an
element-by-element basis and take into account the effects
of photo-ionization from a uniform redshift-dependent ionizing background (Haardt & Madau 2001). The rates thus
depend on redshift, gas density, temperature and chemical
composition.
2.3

Metal Diffusion

In many standard implementations of chemical enrichment
in SPH (also true for Scannapieco et al. 2005), the metallicity of a particle can only change by enrichment. This can
lead to situations, where gas particles with similar thermodynamic properties, but very different metallicities live next
to each other. This occurs e.g. when a galactic wind particle travels through unenriched IGM. Wiersma et al. (2009)
suggested that smoothed metallicities should be used to get
rid of these situations. Although this improves the modeling by smoothing out differences, it also leads to fluctuating
metallicities for individual particles for the IGM situation
discussed above.
In the ISM, once metals have been released from stars,
turbulent motions of gas are responsible for their spreading. Including a corresponding model for the turbulent diffusion of metals was already suggested by Groom (1997),
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but until recently, most galaxy formation SPH codes did
not consider this process. Recent implementations were presented in Martı́nez-Serrano et al. (2008), Greif et al. (2009)
and Shen et al. (2010).
The diffusion equation for a metal concentration c
(metal mass per total mass) of a fluid element with density ρ and a diffusion coefficient D is
dc
1
= ∇ · (D∇c),
dt
ρ

(3)

where
d/dt
is
the
Lagrangian
derivative.
Cleary & Monaghan (1998) gave the SPH formulation
of the diffusion equation as

X
dci
=
Kij (ci − cj ) ,
dt

(4)

j

where
Kij =

mj 4Di Dj rij · ∇i Wij
.
2
ρi ρj (Di + Dj )
rij

(5)

Here quantities with subscripts i and j correspond to neighbour particles, m is the particle mass, Wij is the SPH kernel
and rij is the separation vector with absolute rij .
Greif et al. (2009) argued for the use of an integrated
equation assuming that the change in c is small over ∆t:
ci (t0 + ∆t) = ci (to )eA∆t +

B
(1 − eA∆t )
A

(6)

with
A=

X

Kij

and

B=

j

X

Kij cj .

(7)

j

As we want to conserve the total metal mass, we modify the
equation for a pairwise exchange of metals. For the metal
mass µi = ci mi we get
∆µi =

X
j

µij =

X h1
j

2

mi 1 − eA∆t

1

A

i

Kij (cj − ci )) , (8)

where the factor 1/2 was included to account for the fact
that most pairs of neighbours are considered twice and µij
is correspondingly subtracted from particle j. To avoid dependence on the ordering of particles all changes ∆µij are
calculated for all pairs of neighbours before the metal masses
of all particles are updated. This procedure is applied at every time-step for all active particles using the standard SPH
neighbour searches. A neighbour particle j can be inactive,
so that the corresponding pair of particles only appears once.
Should the particles still be neighbours at the next active
time-step of j, the larger ∆t compensates for that. Clearly
this formalism includes a number of approximations, but applied to tests as discussed in Greif et al. (2009), we find a
similar accuracy.
This leaves the determination of the diffusion coefficient
D. Greif et al. (2009) argued for Di = 2ρi σi hi , where σ is
the velocity dispersion of gas particles within its smoothing
kernel characterized by the smoothing length hi . Shen et al.
(2010) argued that Di = 0.05ρi |Skl | h2i based on the tracefree tensor Skl (for details see their paper) is a better choice
as it yields no diffusion for purely rotating or compressive
flows. We have tested both ideas and found that for a fixed
test setup the main difference is the strength of the diffusion
coefficient with Greif et al. (2009) predicting values higher

by a factor ∼ 20. For cosmological simulations, we find
that the Shen et al. configuration yields better results when
comparing to observations. As was noticed by Shen et al.
(2010), diffusion leads to outflowing particles losing metals to the circumgalactic medium and subsequently also to
higher gaseous and stellar metallicities in the galaxy. For the
Greif et al. value for D this effect is much stronger than for
the Shen et al. value and makes galaxies lie above the massmetallicity relation. However when we use Di = 0.1ρi σi hi
this criterion loses significance. For consistency, we use D as
suggested by Shen et al. in the simulations presented in this
paper.
2.4

Thermal and Kinetic feedback

As in Scannapieco et al. (2006) we assume that each SN
ejects an energy of ∼ 1051 erg into the surrounding ISM. As
for the metals we split this energy in halves and give those
to the 10 nearest hot and cold gas neighbour particles as
defined above. However, we now split the energy between a
kinetic and a thermal part (see also Agertz et al. 2013).
To determine the kinetic part, we consider the conservation of momentum ∆p = ∆m vout contained in the initial
SN ejecta and assume that this is characterized by a typical outflow velocity vout . We use vout = 3000 kms−1 , a
typical velocity of outflowing material in SN in the Sedov
expansion phase. Note that the kinetic energy carried by
∆m = 10 M⊙ at this velocity is 0.9 × 1051 erg, the average over all SNII according to our choice of IMF and SNII
mass interval is ∼ 1.5 × 1051 erg. With this assumption, the
momentum transferred from a star particle to one of the 20
gas neighbour particles i receiving feedback is determined by
∆mi , the mass transferred to particle i, which we know from
the considerations of Section 2.2 for each particle i at a given
feedback time-step. The momentum transferred to particle i
is simply ∆pi = ∆mi vout . The direction of the momentum
change vector is modeled as pointing radially away from the
star particle towards gas particle i. Our choices of parameters lead to a typical change in radial velocity component of
a gas particle i receiving feedback of ∆vi = 20 − 30 kms−1 .
As ∆m is not spread equally among particles, in extreme
cases ∆vi ∼ 100 kms−1 is possible.
We also know how many SN events are represented
and thus the total energy that is available to be released,
∆Etot , under the assumption that per SN an average of
1.0 × 1051 erg is transferred to the ISM. The transfer of
momentum leads to a change in kinetic energy of the gas
particle ∆Ekin . The remaining energy is considered to be
thermalized, ∆Etherm = ∆Etot − ∆Ekin . For this energy we
follow the ideas of Scannapieco et al. (2006). The fraction
transferred to a hot particle is instantly added to its thermal
energy. Instead, for cold particle we accumulate the energy
from SNe events in a reservoir. Only when the accumulated
energy is high enough, so that it can become a hot particle, the energy is released (’promotion’). To define ’hot’ in
this context, we search for neighbour particles with entropies
high enough to be decoupled from the cold particle in our
multiphase scheme and calculate their mean entropy Ahot . If
a particle has less than 5 such neighbours within 10 smoothing lengths, we set Ahot = Ath , where Ath corresponds to
T = 1.6 × 105 K and n = 2 × 10−3 cm−3 (’seeding’, see
Sawala et al. 2011). Moreover, Ahot = Ath is also assumed
c 2013 RAS, MNRAS 000, 1–??
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if Ahot < Ath , so that Ath acts as a minimum promotion
entropy.
As ∆Etherm > ∆Ekin for the considered situation, the
thermal feedback is only mildly weakened. The kinetic feedback however helps breaking up dense clumps of gas and
thus lowers the cooling rates and the star formation efficiency in a star-forming disk. Gas fractions increase and
so does the efficiency of the thermal feedback. Momentum
is also transferred, when mass is released from AGB stars,
however masses and velocities are much smaller than in SN
explosions, which is why this effect is negligible.
For the age of star particles at which we input SN energy
we choose τSNII = 3 Myr. Clearly this choice is not unproblematic, as most SNII explode after that, but the energy
release from SNII peaks at this time and the most massive
stars are supposed to have the strongest effect on the ISM.
When not using feedback from massive stars before their
explosion as SN as described in the following section, we
find less realistic star formation histories for a later choice
of τSNII . When adding an additional source of feedback this
effect becomes less significant. Star formation rates for individual haloes can go up or down by up to a factor of 2 at
a given epoch for a given halo when τSNII is increased, but
cumulative effects are weaker. From these test, we conclude
that the choice of τSNII does not significantly impact the
results of our paper.

2.5

Radiation Pressure

Hopkins et al. (2011) used high-resolution simulations to
test the idea that the inclusion of feedback from radiation
pressure of young massive stars has a comparable or possibly even stronger effect on the ISM than SN feedback (for
the underlying ideas see e.g. Murray et al. 2005). They developed a model for high resolution simulations, in which
they identify star forming regions and can thus use their
properties to calculate the effect of radiation pressure as a
function of these local properties. Stinson et al. (2013) have
introduced a model, where instead of a momentum transfer, a thermal energy transfer is modeled, assuming that 10
per cent of the radiated energy from massive young stars
is thermalized in the surrounding ISM. Agertz et al. (2013)
presented a model for radiation pressure, which assumes that
each star particle represents a sample of star forming clusters. The effect is however then dependent on their choice
of the maximum cluster mass.
We parametrize the rate of momentum deposition to
the gas as
ṗrp = (1 + τIR )

L(t)
,
c

(9)

where τIR is the infrared optical depth and L(t) is the UVluminosity of the stellar population and we have set additional efficiency parameters to 1 (see Agertz et al. 2013).
This equation states that all UV photons are scattered or
absorbed by dust, which subsequently re-radiates the energy in the infra-red. The IR photons are then scattered
multiple times before leaving the star forming cloud. We
construct L(t) by using the stellar evolution models for massive stars by Ekström et al. (2012) and assuming a Kroupa
(2001) IMF.
More problematic is the estimation of τIR . If we folc 2013 RAS, MNRAS 000, 1–??

Halo

6782-4x
4323-4x
4349-4x
2283-4x
Aq-B-5
1646-4x
1192-4x
1196-4x
0977-4x
Aq-D-5
Aq-C-5
Aq-A-5
0959-4x
0858-4x
0664-4x
0616-4x

Mvir
[1010 M⊙ ]

mdm
[106 M⊙ ]

mgas
[105 M⊙ ]

Origin

17.03
29.50
30.28
49.65
70.35
81.61
100.03
113.81
129.56
150.43
151.28
164.49
164.54
182.44
213.74
235.77

3.62
3.62
3.62
3.62
1.50
3.62
3.62
3.62
3.62
2.31
2.16
2.64
3.62
3.62
3.62
3.62

7.37
7.37
7.37
7.37
2.87
7.37
7.37
7.37
7.37
4.40
4.11
5.03
7.37
7.37
7.37
7.37

LO
LO
LO
LO
CS
LO
LO
LO
LO
CS
CS
CS
LO
LO
LO
LO
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Table 1. Overview over the haloes studied in this paper, including the name of the halo, its virial mass Mvir , the dark matter
particle mass mdm and the initial gas particle mass mgas . Under
’Origin’ we distinguish between haloes from ’CS’ (CS09) and ’LO’
(Oser et al. 2010).

low Hopkins et al. (2011), τIR = Σclump κIR with κIR ∼
5 cm2 g−1 , we effectively have to know the surface density of
the star forming gas clump. Due to our coarse resolution, we
do not resolve such clumps. We therefore use the following
model:
τIR = τ0 f (ρ, Z)g(σ).

(10)

Each gas particle is characterized by its density and metallicity through f (ρ, Z), whereas the environment of the star
particle is characterized by g(σ). f (ρ, Z) basically models
the dependence on the dust surface density represented by
a particle:

 

f (ρ, Z) = max 1,

ρh
ρth hth

 

Z
Z⊙



(11)

Here we use ρh with the smoothing length h as a measure for
the surface density represented by a particle and limit the
effect of this factor at the star formation density threshold.
We also assume a linear dependence of dust on metallicity
Z. If we set g = 1, we gain insight into how our model works.
If we choose τ0 = 25, which is a value in the range of values
10-100 found by Hopkins et al. (2011) in their models of star
forming high-z disks, we find that indeed radiation pressure
significantly reduces high-z star formation rates and brings
them into better agreement with abundance matching results, similar to the findings of Stinson et al. (2013). However, the low-z star formation efficiencies become too low
and the final galaxy masses are too small indicating that
radiation pressure is too strong at later times (see Figure 1
and discussion in Section 4.1).
However low-z disks show significantly lower gas velocity dispersions than gas-rich, turbulent high-z disks
(Genzel et al. 2008). For a typical Milky-Way type halo, we
find the average gas velocity dispersion σ is ∼ 40 kms−1
at z ∼ 2, which is in agreement with observed galaxies at
that time (Förster Schreiber et al. 2009), and at low redshift
σ ∼ 15 − 20 kms−1 , which is too high, but explained by our
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coarse resolution. Star forming regions, and thus the values
of τIR , are thus much larger at high z. If we assume that
the Jeans mass is a valid estimator for clump mass, then
the mass scales as Mcl ∝ σ 3 (we ignore the dependence on
density as we are not modeling densities above the star formation threshold properly). As is pointed out in the review
of observed star forming clouds in Agertz et al. (2013), the
final radius of clusters depends weakly on mass, which leads
to our crude estimation



σ
σ0

3

.

(12)

To estimate σ in the environment of the star particle, we determine the velocity dispersion σkernel of gas particles within
the smoothing kernel for each gas particle. Then we average
over the values σkernel of all the neighbour gas particles to a
young star particle to avoid strong fluctuations.
We acknowledge that this line of estimation is not particularly stringent, but it qualitatively assures that the effect
of radiation pressure is stronger in galaxies with higher gas
velocity dispersions and thus larger star forming regions.
In our simulations, we model the momentum change
∆p = ṗrp ∆t where ∆t is the time-step of the star particle,
as a continuous force acting on the 10 nearest cold neighbour
particles during the first 30 Myr in the life of a star particle.
We use τ0 = 25 for σ0 = 40 kms−1 , so that the effect at
high-z reduces star formation rates and is weak at low-z.
We also limit g(σ) at a value of 4 to avoid overly strong
forces. By construction, we thus find values of τIR ∼ 20 at
z ∼ 2 with extreme values going up to 100, whereas we find
significantly lower values of the order 1 − 5 at low redshift.
We discuss the choice of parameters in Section 4.1.

3

THE SAMPLE

As initial conditions for our cosmological zoom-in simulations we use haloes from the Aquarius Project
(Springel et al. 2008, CS09), one of which was also used for
the Aquila Project (CS12). In addition, we use a selection of
haloes from Oser et al. (2010).
The Aquarius haloes are a suite of high resolution zoomin resimulations of regions chosen from the Millenium II simulation (Boylan-Kolchin et al. 2009) which follows a cosmological box of a side-length 137 Mpc. They were simulated
from z = 127 assuming a ΛCDM universe with the following
parameters: ΩΛ = 0.75, Ωm = 0.25,Ωb = 0.040, σ8 = 0.9 and
H0 = 73 kms−1 Mpc−1 . The haloes were selected to have a
similar mass to that inferred for the Milky-Way dark halo
and to have no neighbour exceeding half of their mass within
1.4 Mpc. For details we refer to Springel et al. (2008) and
CS09. Because of the second criterion, the haloes have a relatively quiet low-z merger history. They are thus expected
to host galaxies with high disk fractions at z = 0. Disks were
indeed found to form in these haloes by CS09 and CS12, but
with low disk-to-bulge ratios and several other properties
that do not compare well to observations.
The haloes from Oser et al. (2010) were selected from
a simulation of a cosmological box with a side-length of
100 Mpc, and were simulated from z = 43 assuming
a ΛCDM universe with the following parameters: ΩΛ =
0.74, Ωm = 0.26, Ωb = 0.044, σ8 = 0.77 and H0 =

Mstellar [MO•]

g(σ) =

10
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CS09, 700 pc
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1010

RP final model, 300 pc
RP no sigma, 300 pc
RP on SF gas, 700 pc
RP on SF gas, 300 pc
RP simple, 300 pc
Moster et al. (2013)
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Figure 1. The evolution of the stellar galaxy mass Mstellar vs.
redshift z in halo AqC for various code configurations (coloured
lines). Overplotted are the predictions of MNW13 in two ways:
a) The predicted mass evolution of a typical halo with the z = 0
mass of AqC (black dashed line) and b) the predicted evolution
taking into account the actual halo mass of AqC at six redshifts
(points with 1 σ error-bars).

72 kms−1 Mpc−1 . Unlike the Aquarius haloes, these haloes
were not chosen specifically as candidates for disk galaxies
and the sample thus also contains z ∼ 0 mergers. For details we refer to Oser et al. (2010), who resimulated lower
resolution versions of these haloes.
The haloes we selected from these two samples are
listed in Table 1. Our combined sample comprises 16 haloes
with z = 0 re-simulated virial masses Mvir ranging from
1.7 × 1011 M⊙ to 2.4 × 1012 M⊙ . The resolutions of the simulations are characterized by the initial gas particle masses,
which lie between 2.87 and 7.37 × 105 M⊙ and dark matter particle masses between 1.50 and 7.37 × 106 M⊙ . For
our re-simulations we applied comoving gravitational softening lengths of hbar ∼ 300 pc for gas and stars, and of
hdm ∼ 650 pc for dark matter. We thus use shorter softening lengths than in CS09.

4

STAR FORMATION HISTORIES

We begin to analyze the outcome of our simulations
by considering the star formation history (SFH) of the
model galaxies. As has been shown by Moster et al. (2013)
(MNW13 hereafter), the majority of simulations predicts
stellar galaxy masses that are significantly higher than abundance matching results suggest at all redshifts z = 0−4 with
overproduction being stronger at high redshift (for exceptions see e.g. Stinson et al. 2013; Kannan et al. 2013). As
real disk galaxies form most of their stars at low-z, when
destructive mergers are rare, it is crucial for simulations to
c 2013 RAS, MNRAS 000, 1–??
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produce reasonable SFHs in order to get galaxy structural
properties right.
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109
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Halo AqC has been studied in CS12 with a variety of different simulation codes. Although some of these codes produce realistic z = 0 masses, none produced a good match to
abundance matching results for the SFH at all z = 0 − 4.
Compared to haloes of similar z = 0 mass, AqC is among the
ones which assemble their dark mass earliest (see Figure A1
in Scannapieco et al. 2011). When developing our feedback
models, we found that AqC is particularly sensitive to the
choice of model details, which we demonstrate in this section. We caution, that the effects we discuss here can vary
from halo to halo and not all conclusions drawn from AqC
are true for all haloes. Moreover, abundance matching gives
statistical properties for a galaxy sample and AqC could well
be an outlier. As we will show below, our calibration method
is justified by the fact that the feedback model that works
best for AqC produces a sample of galaxies with reasonable
properties.
In Figure 1 we plot the evolution of the stellar mass
Mstellar from z = 4 − 0 for various runs of the same initial
conditions. We compare it to the evolution predicted by the
abundance matching results of MNW13, who provide two
different ways of comparison. On the one hand, fitting formulae for typical SF and accretion histories are presented
as a function of z = 0 halo mass M200 . We represent these
predictions by the dashed line in Figure 1. On the other
hand, we know the halo mass at each redshift z and can
thus make use of the fitting formulae for Mstellar /M200 (z).
We represent these by six data-points with corresponding
error-bars from z = 4 to 0. This method yields significantly
higher predictions for Mstellar at high z, which reflects the
early assembly of halo AqC. Clearly the latter predictions
should be used as a guideline for model calibration.
The original model by CS09 produces a stellar mass at
z = 4 that is about an order of magnitude too high compared to the MNW13 value. It remains more than 1σ above
predictions at all redshifts. If we add our updated metal
production and metal cooling rates (no RP, no kin FB ) the
changes are negligible. Changing to our new thermal and
kinetic feedback (no RP ) also does not improve the SFH at
high redshifts (the run was stopped at z = 2). We note that
the change from the CS09 thermal feedback to our new thermal and kinetic feedback can produce significant changes in
star formation histories in other haloes.
Stinson et al. (2013) argued that adding feedback from
young stars before their explosion as SNe would significantly
shift SF to later times. Kannan et al. (2013) tested this idea
on a simulation of a cosmological volume and found good
agreement with the results of MNW13 at high z. We tested
various models of feedback from radiation pressure (RP)
First we consider a simple model for RP (simple RP ) where
all affected gas particles are treated equally independent of
density, metallicity and gas velocity dispersion (assuming
an effective optical depth τ0 = 25, see Equation 10). For
this model we achieve a reduction of the early SFR so that
the z = 4 stellar mass matches predictions. However, the
feedback is too strong later on and SFRs are drastically re-
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1010

109
1011
Mstellar [MO•]

The effect of changing feedback models on the
SFH of AqC

z=2

1010

109
1011

z=3.5
Mstellar [MO•]

4.1
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1011
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1010

109
1011

1012
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Figure 2. Stellar galactic mass Mstellar plotted against halo virial
mass M200 at redshifts z = 0, 1, 2 and 3.5. The coloured points
are the models discussed in this paper. Each colour represents a
simulation. A colour can appear more than once at high-z representing progenitor haloes. This colour coding is used for figures
throughout the paper. The gray points are models of the same set
of haloes run with the code used in CS09. The black lines are the
abundance matching results of MNW13 with 1σ regions indicated
by the dashed lines.
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Figure 3. Star formation rates SF R as a function of redshift z for all our models. The haloes are split into M200 < 5 × 1011 M⊙ (left),
5 × 1011 M⊙ < M200 < 1.55 × 1012 M⊙ (middle) and M200 > 1.55 × 1012 M⊙ (right). Overplotted are predicted SFRs for typical haloes
given by MNW13 for the mean, lowest and highest halo mass per panel.

duced so that the z = 0 stellar mass is more than 2σ low.
When modifying our model so that the force is only acting
on star-forming particles with ρ > ρth (RP on SF gas), the
strength of feedback is reduced especially at high z, so that
the SFR is high at z > 4, but the agreement at z = 0 is
significantly better, however with low-z SFRs being still too
low. A model which includes a metallicity and density dependence to account for the dust surface density of each gas
particle as described in Section 2.5 (RP no sigma) lowers the
effect of RP at low z when metallicities are higher but the
densities of the affected gas particles are on average lower,
as the systems have lower gas fractions. Our full model including the dependence on the gas velocity dispersion σ (RP
final model ) models the dependence of RP on the size of star
forming regions. As σ is higher in high-z galaxies, the effect
of RP is strengthened at high and weakened at low z leading
to a significant change in the shape of the M⋆ − z curve and
bringing it within 1σ of the predictions of MNW13 at all
z < 4.
Krumholz & Thompson (2013) have argued that the efficiency of the coupling between the radiation field and the
dusty gas is significantly lower than assumed in the approach
of Hopkins et al. (2011), which is the basis of our model
here. This would imply that radiation pressure is less efficient in reducing the problem of overly high SFRs in simulated galaxies at high z. We thus caution, that the uncertainties in the modeled processes remain high and we take
the agreement of simulated SFH with the results of MNW13
as a justification for the model we apply.
We also use Figure 1 to show a dependence of our feedback on the gravitational softening length ǫ. Going from 700
to 300 pc baryonic comoving softening length significantly
reduces the high-z SFRs, as shown by two versions of our
RP on SF gas model. This seems to originate in a higher
feedback efficiency due to denser structures in the very early
stages of galaxy formation. Because of this effect, we apply
ǫbaryons = 300 pc for our simulations, a significantly lower
value than in CS09. We note that reducing the softening

length has no significant effect on the high-z SFR in the
absence of a model for radiation pressure.
We conclude that the inclusion of a parametrized model
for feedback from young stars in the from of radiation pressure is indeed an efficient way to bring star formation histories into better agreement with results from abundance
matching techniques. We caution that details of the modeling have a significant effect on the outcome and that these
effects vary from halo to halo. It is crucial to test the model
on a set of haloes, as we describe in the next subsection.
4.2

Applying the model to all haloes

We now apply our updated galaxy formation code to the full
sample of haloes described in Section 3 and examine if the
resulting SFHs agree with observations of the real galaxy
population.
We start by discussing stellar masses Mstellar as a function of their halo masses M200 at redshifts z = 3.5, 2, 1 and
0 in Figure 2. Mstellar is defined as the mass of stars within a
radius rgal defined by visually analyzing the spherical stellar
mass profile Mstellar (< r) and determining where its radial
growth saturates. The coloured points in this Figure are for
the models with our updated code, whereas the gray points
are for a sample of simulations run on the same set of initial conditions with the code version and model parameters
applied in CS09. Note that the colour coding according to
halo mass that we apply here is used for all appropriate figures throughout the paper. For the haloes 2283 and 0977,
which are undergoing major mergers at z = 0, we use the
combined mass of the galaxies about to merge, as their dark
haloes have already merged. At z = 0, the population as a
whole agrees nicely with the halo occupation modeling by
MNW13. However, there are trends in the sample that disagree. The four most massive haloes are 1−2σ high, whereas
the lower mass galaxies show a tendency towards overly low
mass.
The sample simulated with the CS09 code shows z = 0
c 2013 RAS, MNRAS 000, 1–??
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Figure 5. Mean mass-weighted z = 0 age of stars within 3 stellar
half-mass radii R50 vs. stellar galactic mass Mstellar compared
to the observed relation found by Gallazzi et al. (2005) for a
magnitude-limited sample of galaxies (magenta lines). We also
overplot in black the relation for the luminosity-weighted age of
elliptical galaxies by Thomas et al. (2010). Dashed lines represent
1σ errors.
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Figure 4. Star formation rates SF R at z = 0, z = 1 and z =
2 (averaged over 1 Gyr each) vs. stellar galactic mass Mstellar
compared to the observed relations found by Elbaz et al. (2007)
(z = 0, 1, black), Daddi et al. (2007) (z = 2, black) with 1σ errors
represented by dashed lines and to median relations found by
Kajisawa et al. (2010) (z=1,2, magenta and cyan).

stellar masses that are generally too high, but in reasonable
agreement with MNW13 at lower halo mass. The strong
discrepancy between the old code version and abundance
matching results becomes better visible at higher redshifts,
as in Figure 1. The old code version yields stellar masses
that for all haloes are more than 1σ high at z > 1, as was
also shown for a large number of other codes in MNW13.
For the models simulated with our new code version the
situation at z > 1 is significantly different. Although there
is still a tendency towards too high mass at z > 2, all values are within 1σ uncertainties of the abundance matching
results. At z = 1, our models show perfect agreement with
MNW13, indicating that the problematic trends at z = 0
originate only at low-z. We conclude that compared to the
old code version and to compilations of previous simulations
(e.g Guo et al. 2010; Sawala et al. 2011, CS12, MNW13) our
results look promising.
We analyze the SFH problems further by separately
c 2013 RAS, MNRAS 000, 1–??

plotting the SFHs of the most massive (M200 > 1.55 ×
1012 M⊙ ), least massive (M200 < 5. × 1011 M⊙ ) and remaining haloes in Figure 3. We determine SFHs by following the
in-situ growth of the main progenitor of the z = 0 galaxy, so
that accreted stars do not appear in the SFH. To be consistent with Figure 2, for the two z = 0 major merger haloes,
we add up SFHs of the two merging galaxies. In each of the
panels we overplot the predicted average SFHs for typical
haloes of the lowest, mean and highest z = 0 halo mass
in the panel as given in MNW13. These SFHs also do not
include accreted stars. As discussed above, individual halo
assembly histories can differ significantly from the assumed
average assembly histories. The comparison can however reveal trends in the SFHs of our sample of simulated galaxies.
We start with the middle panel including AqC, which
we have analyzed above. There is a trend for these haloes to
overproduce stars at z > 4, with AqC showing the the highest SFRs, which are however mostly caused by its early assembly of mass. Otherwise this trend agrees with the slightly
high stellar masses at z > 2. As a population, these haloes
show reasonable later agreement, leading to the agreement
found in Figure 2 at z 6 1. Probably due to the high-z overproduction, the predicted peak at z = 1−2 is not well reproduced by the models. Moreover, there is a small tendency
towards underproduction at z < 1. Generally, the conclusions for this sub-sample are the same as for AqC alone.
For the low mass haloes in the left panel, there is hardly
any overproduction at high-z, which might be connected to
the lack of resolution and the consequently unresolved star
formation in small progenitor haloes. Tests with higher resolution indicate that high-z SFR increase with resolution for
these haloes. The sub-sample agrees with the predictions at
z ∼ 0.5 − 5, but late SFRs are low. This leads to the agreement with abundance matching at z = 1, but to the low
z = 0 masses seen in Figure 2.
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Figure 6. Edge- and face-on images of the z = 0 stellar V -band surface brightness ΣV (left) and of the gas surface densities Σ for our
model galaxies in haloes (top to bottom): 6782, 1646, AqB and one of the merging galaxies in 0977.

The high-mass haloes in the right panel show a significant overproduction of stars at high redshift only for halo
AqA, which has a similar mass assembly history to AqC.
There is good agreement with predictions at z ∼ 0.8 − 4.
However, SFRs are significantly too high at later times and
lead to high z = 0 stellar masses. We find that at these
times there is still efficient inflow of gas onto the galaxies,
but stellar feedback as applied in our models is too weak to
efficiently remove gas from the disks as most of the ejected
gas returns in galactic fountains. AGN, which we do not
model, are generally believed to stop hot halo gas from
cooling onto galaxies at these redshifts in massive haloes,
though typically for higher masses than in our sample (e.g.
Croton et al. 2006).
To have a more direct comparison of our model SFRs

to observation, we determine SFRs at z = 0, 1 and 2 for
Figure 4 by averaging over 1 Gyr of star formation each.
We compare the corresponding values to the relations found
by Elbaz et al. (2007) and Daddi et al. (2007) for observed
SFRs vs. galaxy stellar masses. For the major merger models 2283 and 0977 we here separately include the merging
galaxies. Apart from our least massive halo 6782, in which
there is hardly any star formation after z ∼ 0.4, our model
sample agrees well with observation and all model galaxies
lie within 2σ of the observed relation at z = 0. The highmass haloes do show a tendency for high SFRs, as expected,
and the rest of the models show a slightly lower average
than observed, as was also concluded from Figure 3. It has
to be noted, that the observations of Elbaz et al. (2007) and
Daddi et al. (2007) only considered blue, star-forming galaxc 2013 RAS, MNRAS 000, 1–??
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Figure 7. As in Figure 6 for galaxies in haloes (top to bottom): AqD, 0959, 0664 and 0616.

ies, whereas the results of MNW13 are an average over blue
and red galaxies.
At all three redshifts in consideration, the slope of the
SFR vs. Mstellar relation constituted by our models is in
good agreement with observation. At z = 1, where the
different observations agree well, SFRs are typically ∼ 1σ
low, which we can connect to the fact that our models
do not reproduce the peak in the SFHs at z = 1 − 2
properly, but on average predict a flatter SFH. At z = 2,
our model SFRs are ∼ 2σ low compared to the results of
Daddi et al. (2007). Kajisawa et al. (2010) find lower SFRs
at Mstellar < 1010 M⊙ , which our lower mass galaxies agree
with. The higher mass galaxies have significantly lower SFRs
compared to these observations as well. This seems to disagree with the results from Figure 3, where no deficiency
at that time is apparent. If we take into account that the
c 2013 RAS, MNRAS 000, 1–??

model stellar masses at z = 2 are slightly high, it seems reasonable to assume the measured SFRs together with stellar masses according to the MNW13 predictions from abundance matching. This can explain part of the discrepancy,
but it this is not enough to explain the full difference between observations and models. Interestingly, Kannan et al.
(2013) found a similar discrepancy with observations for
their galaxies in a simulation of a cosmological volume.
Another direct comparison to observation can be made
for ages. We determine the mean age of populations within
three stellar half-mass radii and compare them to two observational relations in Figure 5. Gallazzi et al. (2005) provided
an age-stellar mass relation for a magnitude-limited sample
of SDSS galaxies, whereas Thomas et al. (2010) examined a
sample of morphologically selected elliptical galaxies. This
figure very clearly reveals the trends discussed above and a
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MORPHOLOGY AND KINEMATICS
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division of our sample in three parts. The trend of ages of all
model galaxies with stellar mass is almost flat and thus disagrees with the full galaxy population. The Aquarius haloes
and the other haloes with masses ∼ 1012 M⊙ are in reasonable agreement with both observational datasets, which
strengthens the conclusions about their well-modeled SFHs.
The massive galaxies with high late SFRs only marginally
agree with the youngest observed M⋆ ∼ 1011 M⊙ galaxies. The lower mass galaxy models, which include the three
haloes with lowest masses and the galaxies undergoing a
major merger at z = 0, overlap with the observed elliptical
galaxies but are more than 1σ high compared to the Gallazzi
et al. sample, which at these masses is dominated by disks.
In conclusion, our feedback model, calibrated on halo
AqC, works well for all haloes with similar and slightly lower
masses. These models show overly high SFRs only at high
redshift. In the most massive haloes we studied, we find that
SFRs are significantly too high at low redshift, possibly on
account of the lack of a model for AGN feedback. For our
lower mass galaxy models we find too low SFRs at z < 1,
which makes the ages of their stellar populations too high
for disk galaxies at these masses.
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After studying how the stellar mass assembles in our model
galaxies, we now have a closer look at the morphology and
the kinematics of their stellar components.
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Structural Properties

We start by a visual inspection of galaxy morphologies. We
use the models of Bruzual & Charlot (2003) to assign V band luminosities to the stellar particles according to their
mass, age and metallicity. We then create edge-on and faceon surface brightness ΣV images for the stellar component
without taking obscuration into account. We also create gas
mass images and present the results for eight model galaxies
at z = 0 in Figures 6 and 7 to display the variety of galaxy
types produced in our simulations.
In Figure 6 we present lower mass galaxies. All of these
galaxies do show extended gas disks, as do observed disk
galaxies (e.g. Walter et al. 2008). Moreover, the gas disks
and, with the exception of 6782, also the stellar components
do show warps of varying extent. Warps are also frequently
observed in real galaxies (Sancisi 1976). Considering our full
sample of 18 galaxies in the 16 simulated haloes (2 each for
2283 and 0977), 10 galaxies show warps and 11 have gas
disks that extend beyond the stellar populations.
The stars of the galaxy in our least massive halo 6782
(first row of Figure 6) show an ellipsoidal distribution, which
is only mildly flattened. The gas however lives in an extended, warped disk, which is dominated by two spiral arms.
The gas disk has formed after a major merger at z = 0.4. Our
model 1646 (second row) also shows elliptical morphology
in stars, the visible rotational flattening is however higher.
Moreover, there are signs of a disk and a misaligned ring.
The gas displays a strongly warped, relatively compact disk
with disturbed spiral structure. We will show below that
this galaxy features strongly misaligned infall at z ∼ 0.1
and a counter-rotating stellar population. Misaligned infall
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Figure 8. Radially averaged z = 0 face-on V -band surface brightness ΣV as a function of radius R for all our model galaxies. We
split the sample into three bins of halo mass: M200 < 5 × 1011 M⊙
(top), 5 × 1011 M⊙ < M200 < 1.55 × 1012 M⊙ (middle) and
M200 > 1.55 × 1012 M⊙ (bottom).

and reorientation of disks are frequent phenomena in our
simulations. About half of the z = 0 disks have experienced
reorientation of 40 degrees or more since they started forming.
Halo AqB (third row) hosts a very thin, extended stellar
disk galaxy with flocculent spiral structure and a prominent
bulge. The gas forms a very extended, slightly warped disk
with spiral structure as in the stellar component. One of
c 2013 RAS, MNRAS 000, 1–??

Spiral galaxies in cosmological simulations
0

2

R / R50

4

6

4

6

400

Vcirc [km/s]

300

200

100

Vcirc,DM / Vcirc,stellar

0

1.0

0.1

Vcirc,gas / Vcirc,stellar

1.0

0.1

0

2
R / R50

Figure
9. Spherically averaged z = 0 circular velocity Vcirc =
p
GMtot (< r)/r for all our models (top panel). The middle
panels shows the fraction of the contributions to Vcirc by dark
matter (DM) and stars Vcirc,DM /Vcirc,stellar , where, Vcirc,i =

p

GMi (< r)/r. The bottom panel depicts Vcirc,gas /Vcirc,stellar .

the disks in the major merger halo 0977 (fourth row) shows
similarities to the one in AqB in terms of spiral structure
and central bulge. However signs of the interaction with its
neighbour are clearly visible. The system shows elongated
tidal features and the stellar disk has been considerably
thickened. The edge-on views reveal that the SF regions in
the spiral arms do not lie in a well-defined plane as in AqB
but in projection superpose to create a thick disk.
In Figure 7 we display four galaxies with higher masses.
0959 and 0616 show overly high SFRs at z = 0, whereas
c 2013 RAS, MNRAS 000, 1–??
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AqD and 0664 have reasonable z = 0 masses. For these
galaxies, only 0959 (second row) shows an extended, warped
gas disk. It also displays a prominent stellar bar and a multiarm spiral pattern. Only three of our 18 z = 0 galaxies
show clear signatures of bars, though more galaxies show bar
signatures during their evolution. The z = 0 rate of bars is
thus lower than in real galaxies (Eskridge et al. 2000). The
model galaxy in halo 0664 (third row) has a low gas fraction
with gas being confined to a compact, un-warped disk The
edge-on stellar morphology shows a disk and an underlying
spheroidal distribution, the face-on image shows no distinct
spiral structure. The morphology is thus reminiscent of S0
galaxies.
In the next subsection, we will show that AqD has the
highest kinematic disk fraction of all our model galaxies.
The first row of Figure 7 reveals a large stellar disk with
a small bulge and faint spiral structure. The gas lives in a
thin, un-warped disk, which is less extended than its stellar counterpart. The morphology of the galaxy in halo 0616
(fourth row) is clearly also disky and features spiral arms.
However, the disk appears significantly thicker and more
compact. The gas disk is also compact and thick explaining
the high SFRs. Moreover, the gas distribution extends vertically beyond the disk. We find it to be inflowing as part of
a galactic fountain.
Disk galaxies have long been known to show roughly
exponential surface density profiles with central bulge concentrations (de Vaucouleurs 1958). In the recent years it has
become clear that most of these exponentials actually consist
of two or more parts which themselves are approximately exponential. Most of these breaks (or truncations) in profiles
are down-bending, however a significant fraction of galaxies has up-bending profiles (see e.g. Martı́n-Navarro et al.
2012).
As the majority of our galaxies are disky their profiles should show similar shapes, which indeed they do. In
Figure 8 we plot radially averaged face-on V -band surface
brightness profiles for all our model galaxies and split them
into three panels according to halo mass (note the different
scales). We find several interesting details: The lower mass
galaxies are less extended than higher mass galaxies, as observed (Courteau et al. 2007). Also most galaxies do show
(almost) exponential parts in their profiles. As in real disk
galaxies, the central excess is more pronounced for higher
mass galaxies and there are low mass galaxies showing no
or hardly any central upturn. Four out of 18 galaxies have
profiles that can be fit with a single Sersic profile with n > 1,
one of which could be classified as ’pure-exponential’.
Out of the galaxies with a central component, one has a
single exponential outer component. In the remaining model
galaxies, the disk components feature breaks. Nine of them
are bulge+disk+down-bending profiles, but four of our massive galaxies (lower panel) show up-turning features in their
outskirts as well. So from a qualitative point of view, the
distribution of surface brightness profiles is in reasonable
agreement with observations.
Cosmological simulations of galaxy formation have long
suffered from an over-concentration of baryons in the centers
of haloes (Navarro &pBenz 1991). This is reflected by circular velocity Vcirc =
GM (< r)/r curves that are strongly
centrally peaked (see e.g. some models in CS12). Observed
gas rotation curves of galaxies are however fairly flat or rising
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Figure 10. Distributions of circularity ǫ = jz /jcirc (E) for our model galaxies at z = 0. The panels for the mergers 2283 and 0977 contain
distributions for both galaxies. For 2283 the two galaxies show almost indistinguishable distributions. For haloes AqA, AqB, AqC and
AqD we overplot the ǫ-distributions for the corresponding models of CS09 in grey.

outwards in low mass disk galaxies (de Blok et al. 2008). To
reproduce this observation, it has been shown that feedback
models have to selectively remove low angular momentum
gas (e.g. Brook et al. 2011).
In the top panel of Figure 9 we plot circular velocity
curves for all our model galaxies as a function of the radius
normalized to the stellar half mass radius R/R50 . Only the
two galaxies in 0959 and 0616, which show a strong overproduction of stars at low z and feature compact, thick gas-rich
disks show central peaks in Vcirc , but to a less severe extent
than e.g. several models in CS12. The other galaxies indeed
show very flat circular velocity curves with detailed shapes
depending on the details of their formation histories. In general, our feedback mechanism is thus capable of producing
realistic central mass distributions.

In the other panels of Figure 9 we show the fractions of
the contributions of dark matter, stars and gas to the Vcirc
curves. Clearly the centrally peaked models are dominated
by stars. It is interesting to note that there is a continuous
transition in our galaxies from low-mass galaxies for which
at all radii the gravitational potential is dominated by dark
matter to more massive galaxies, which are star-dominated
in the centers and for which dark matter becomes dominant
at a radius that increases with galaxy mass. As far as gas
is concerned, the baryonic contribution is dominated in the
centers by stars for all galaxies. However for low-mass, more
gas-rich galaxies, the gas contribution surpasses the stellar
contribution at the outskirts of the galaxies.
In summary, our model galaxies display a range of realistic morphologies in gas and stars. Unlike in many previc 2013 RAS, MNRAS 000, 1–??
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Figure 11. Rotation to dispersion ratios Vrot /σz at z = 0 as a function of the fraction of stellar galactic mass that has formed until the
formation time tform of a star particle relative to the stellar galactic mass at z = 0. Our model galaxies are split into three bins in halo
mass: M200 < 5 × 1011 M⊙ (left), 5 × 1011 M⊙ < M200 < 1.55 × 1012 M⊙ (middle) and M200 > 1.55 × 1012 M⊙ (right).

ous simulations they are not too centrally concentrated and
show no significant disagreement with observed galaxies in
terms of radial surface density profiles and circular velocity
curves.

5.2

Circularity distributions

We now want to connect morphology to stellar kinematics.
Circularity ǫ = jz /jcirc (E) distributions (Abadi et al. 2003)
are a tool that have been widely used to quantify stellar
disks in simulations. Here jz is the z-component of the specific angular momentum of a stellar particle in a cylindrical
coordinate system with the disk axis as symmetry axis and
jcirc (E) is the specific angular momentum of a particle of
energy E on a circular orbit. Particles on circular orbits
thus show ǫ = 1 and a thin disk results in a peak close to
this value. A bulge will results in a peak around ǫ = 0. We
have computed such distributions for all of our models and
present them in Figure 10.
We notice, that apart from 6782, the lowest mass halo,
all our models show distinct disk peaks. 6782 shows an asymmetric distribution indicating some rotational support, but
no stellar disk as we had observed in the first row of Figure
6. The spheroid results from a major merger at z ∼ 0.4 and
a lack of SF afterward. 4323 shows a small disk and a dominant bulge, whereas 4349 shows a broadened disk peak indicating a rather thick disk. Considering that all these haloes
have overly low SFRs in the low-z era of disk formation, the
lack of dominant thin disks is not surprising.
For the haloes with z = 0 major mergers, 2283 and
0977, we plot distributions for both galaxies. In each case
they show very broad disk peaks, indicating that these are
mergers of disk galaxies with similar masses. The galaxies
are still separated but the gravitational interaction has alc 2013 RAS, MNRAS 000, 1–??

ready considerably heated the stellar disks. The thickening
of one of the galaxies in 0977 is clearly visible in the fourth
row of Figure 6.
The most peculiar distribution of circularities is exhibited by 1646. It consists of two disks with opposite directions
of rotation that live on top of each other. The co-rotating
disk is more massive, but is also considerably thicker than
the young and relatively thin counter-rotating disk. Additionally, a distinct bulge peak is visible. This composition
explains the disturbed and more elliptical morphology visible in the second row of Figure 6. The model galaxy in halo
1192 shows a disk peak with a wide tail to lower values of ǫ,
which is connected to a bar present throughout the evolution
of the disk.
Among the most massive haloes, 0664 has the lowest
low-z SFR and a correspondingly small disk peak, which
has formed after a merger at z ∼ 0.7. The circularity distribution is dominated by a broad bulge peak resulting from
the merger. This explains the S0 like morphology seen in
Figure 7. 0959, 0858 and 0616 show dominant disk peaks
with tails to lower values of ǫ indicating rather thick disks.
The ǫ distribution of 0959 is shaped by the presence of a
bar (see Figure 7, whereas the disks in 0858 and 0616 are
heated by minor mergers occurring throughout their evolutions. The bottom row of Figure 6 correspondingly shows a
compact and thick stellar disk in 0616.
The most dominant and thinnest disk peaks indicating high fractions of thin, star forming disks can be found
in the panels for the Aquarius haloes. Of the haloes from
Oser et al. (2010) only 1196 shows a comparably thin disk
peak, which however only forms after a merger at z ∼ 0.7.
This is not surprising as the Aquarius haloes were selected
to be prime candidates to host such galaxies. However, CS09
were not able to completely confirm this conception in their
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Figure 12. The normalized number densities of the stars in six of our galaxy models at z = 0 over the plane of circularity ǫ vs. formation
scale factor aform , n(ǫ, aform /nmax ). The models are from top to bottom: 6782, 1646, AqB, one of the two merging galaxies in 0977, AqC
and 0616.

study of all haloes, as their highest kinematic disk fractions
were ∼ 25%. Higher disk fractions were found for different
codes for AqC in CS12, but these galaxies did not compare
well to observed disk galaxies. Okamoto (2013) presented
the best Aquarius cosmological disk models so far for haloes
AqC and AqD, their circularity distributions are however
less disk dominated than ours. Considering the idealized,
semi-cosmological models in AqA and AqC from AW13, our
cosmological simulations produce disk fractions similar to
the reference model ARef, but not as good as the best models presented there. This is not surprising, as these models
ignore the evolution at z > 1.3 when destructive mergers
occur.
To illustrate the change in circularity distributions between the models of CS09 and our models we over-plot
in Fig. 10 the corresponding curves for their models of
AqA, AqB, AqC and AqD in grey. 1 For AqA they found

hardly any disk and correspondingly the difference between
their bulge-dominated and our disk-dominated model is very
prominent. For AqC they found their highest disk fraction,
but the increase in disk-fraction by a factor of almost 3 is still
clearly visible. For AqB and AqD, the increase in disk fraction is also striking. This comparison clearly favours the use
of very efficient feedback recipes in simulations. We however
note that more conservative approaches to feedback models
have also been successful in producing distinct disk peaks
in circularity distributions (see e.g. Governato et al. 2007;
Few et al. 2012).
In summary, our models show a large variety of kinematic properties ranging from rotating spheroids, bulgedominated disks and counter-rotating components over disks
thickened by misaligned infall, bars and mergers to compact,
massive disks and dominant thin disks.

5.3

Disk Fractions

1

Note that the circularity distributions presented in Figure 3
of CS09 were based on a different
definition of circularity, ǫV =
p
jz /(rVcirc (r)) with Vcirc =
GM (< r)/r. Comparing Figure 3
of CS09 to Figure 2 of Tissera et al. (2012), who used the same
definition as we did and analyzed the models of CS09, illustrates
how the definition of circularity affects the shape of the circularity
distribution.

Disk fractions in simulations are sometimes quantified by mock photometric surface brightness decompositions (see e.g. Agertz et al. 2011; Guedes et al. 2011).
Scannapieco et al. (2010) showed that this way of estimation yields significantly higher disk fractions than kinematic
decompositions. In this work, we focus on kinematic disk
c 2013 RAS, MNRAS 000, 1–??
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Figure 13. An overview of the disk fractions at z = 0 in our model galaxies. In all panels we compare to our definition of thin disk
fraction fthin given by the mass fraction in the ’thin disk area’ of the ǫ-a plane (see Fig. 12). The left panel shows f (ǫ > 0.7), the fraction
of stars with circularity ǫ > 0.7, the middle panel the fraction of the kinetic energy in rotation κ = Erot /Ekin as defined by Sales et al.
(2012) and the right panel the scale factor when disk formation starts, adiskformation .

fractions way as they constitute a more fundamental characteristic of the stellar population.
To have a direct comparison to the models presented
in CS12 we have calculated a distribution of circularities
ǫV according to their definition based on the local circular
velocity of a stellar particle. We then determined the fraction
fǫ = ǫV > 0.8. For AqC we find fǫ = 0.55. All models in
CS12 showed fǫ < 0.55, with the highest values occurring
in galaxies with centrally peaked rotation curves. Moreover,
our ǫV distribution for AqC shows a higher ratio of disk
peak to bulge peak than those galaxies. We thus conclude
that our model produces a better disk than any of those
models.
In AW13 we argued that rotation-to-dispersion ratios
are a good additional tool to characterize disks. We sort
all stars in a galaxy as a function of age and bin them in
equal-mass bins. We define a disk plane perpendicular to
the total stellar angular momentum and calculate Vrot as
the mean tangential velocity and σz as the rms velocity in
the direction of the rotation axis for all stars in a certain
age bin. In Figure 11, we plot the ratio Vrot /σz as a function
of the fraction of the z = 0 stellar mass that has formed up
to the time in consideration. We again split the models into
three bins according to halo mass and include two galaxies
per major merger halo.
The idealized disk models from AW13 showed a monotonic decrease of Vrot /σz with increasing age. However these
models did not include mergers, which for all haloes occur
at high z. We thus expect an additional component with
Vrot /σz ∼ 0 for the oldest ages. Moreover, the idealized models showed that, at the resolution in consideration, values
of Vrot /σz >> 10 as they are observed for the Milky Way
thin disk (e.g. Aumer & Binney 2009) are prevented by the
coarse resolution and the specifics of the modeling of ISM
physics (see also House et al. 2011). In general populations
of stars with Vrot /σz > 2 can be interpreted as disky and
the plot can thus be used to estimate disk fractions.
Significant counter-rotating components are only found
for the 15 % youngest stars in 1646 as discussed above and
for the mildly (counter-)rotationally supported oldest bulge
c 2013 RAS, MNRAS 000, 1–??

component of 4323. All models show dispersion-dominated
bulge populations for their oldest components, as expected.
For the low mass haloes only 4349 shows a significant ’thin’
component with Vrot /σz > 5. The merger-thickened disks in
haloes 2283 and 0977 show Vrot /σz < 2 for all populations
and the disk populations of 1192 and 1646, which suffer from
a bar or misaligned infall, all show Vrot /σz < 5. So, as suggested in AW13, misaligned infall or reorientation of the
disk plane heats existing stellar populations and prevents
the formation of thin disks.
All other haloes show distinct disk populations as discussed for Figure 10. The highest ratios Vrot /σz ∼ 10 are
displayed by the disks in AqB and AqD, but the massively
star forming disks in the most massive haloes also reach
Vrot /σz ∼ 8. If disks are present their Vrot /σz ratios decrease almost monotonically with age, a sign for continuous
disk heating (e.g. Jenkins & Binney 1990), as discussed in
AW13. The disks with the highest fractions of populations
with Vrot /σz > 2 are AqA and AqD with fractions similar
to 60 %.
To gain a better understanding for the formation times
of stellar disk components in our simulations we present in
Figure 12 the distribution of stellar mass in the plane of
circularity ǫ vs. formation scale factor aform . We present six
different models to give an overview of how different evolution histories show up in this plot. The SFH of 6782 is bursty
and stops at z ∼ 0.4, when a major merger occurs. Stars of
all ages show a similar distribution of circularities, which
characterizes an elliptical galaxy with small net rotation.
A merger is still ongoing in halo 0977. Here we see twostage formation. The stars that formed at z > 1.3 show
a bulge distribution similar to 6782, whereas all younger
stars live in a disk, which has been disturbed by the ongoing
merger. The galaxy in 1646 shows three-stage formation.
Again stars that formed at z > 1.3 live in a bulge, whereas
stars that formed at 1.3 > z > 0.15 make up a thick disk.
In this case the disk was heated by a drastic change in the
angular momentum orientation of the infalling gas starting
at z ∼ 0.25. This reorientation results in the formation of a
thinner counter-rotating disk.
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In 0616 the picture is more complicated. Stars at all
formation times a < 0.8 show a broad bulge distribution. At
a = 0.8 a last destructive merger occurs. However there is an
older disk population, formed at 0.6 < a < 0.8, that has survived thickened by the merger. A thinner disks forms after
a = 0.8, but there are also young stars with thick disk circularities, which are connected to ongoing interactions with
satellite galaxies after a = 0.8.
This is not the case for the disks in AqB and AqC.
For both a dominant disk population is visible at high ǫ
after some well-defined time when formation starts, which
for AqB is a destructive merger at z ∼ 1. In AqC disk settling starts around z = 2 when mergers stop disturbing the
galaxy. The disk populations widen in ǫ for older ages, again
indicating continuous disk heating.
These ǫ vs. a plots provide us with a good procedure
to define disk fractions. We can define a ’disk area’ in this
diagram, which for AqB is clearly given by a > 0.55 and
ǫ > 0.8. The lower border for ǫ is not well-defined, however
ǫ ∼ 0.75 works well for all examples. We hereby also define a
time when disk formation starts. With this definition, 6782
and 0977-1 have no disks, the latter as the stellar system
has been significantly heated by the ongoing merger. We
therefore refer to this definition of disk fraction as ’thin disk
fraction’ fthin , but caution that observed thick disks would
not necessarily be excluded by this method.
For 1646, the counter-rotating disk is counted as the
thin disk and for 0616 only the disk that formed at a > 0.8
is included. We use this procedure to determine fthin for
all model galaxies and use the values in Figure 13. In the
right panel we plot disk formation time aform against fthin .
The values for fthin range between 0.15 (the counter-rotating
disk in 1646) and 0.64 (AqA and AqD). We clearly see a
correlation in the sense that younger disks have smaller mass
fractions, which is not surprising. It is however interesting to
have qualitative predictions for the connection of the time
of the last destructive event and the final disk fraction. It is
also interesting that the best disks in the Aquarius haloes
AqA, AqC and AqD separate from the rest of the population
indicating that their selection criteria indeed yielded haloes
which host dominant disk galaxies.
We also compare to previously used definitions to quantify disks. CS12 used all stars with ǫV > 0.8. We find that
for our definition of the circularity ǫ > 0.7 gives similar
results. From the left panel in Figure 13 we see a clear correlation between the two disk fractions. However a simple ǫ
cut assigns a disk fraction to the thick merging systems as
well as to the elliptical galaxy 6782. Sales et al. (2012) used
the fraction of kinetic energy in rotation κ = Erot /Ekin as
an indicator for diskiness. κ increases with increasing fthin
except for ongoing mergers.
In conclusion, we have shown how rotation-todispersion ratios and the distribution of stars in the plane
of circularity vs. formation time can be used to connect the
kinematics and the formation history of model galaxies. Our
galaxies are not as dynamically cold as real galaxies due to
numerical issues. However, they realistically show that the
oldest components of galaxies are dispersion dominated and
that rotational support increases with decreasing age of stars
as observed in disk galaxies. We have shown that the model
disk fractions in our Aquarius galaxies are higher than in
any previously published simulation for these haloes. The
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Figure 14. The fraction of the mass in gas with T < 104 K to
total baryonic mass within 20 kpc vs. the galactic stellar mass
Mstellar at redshifts, z = 0, 1 and 2. Overplotted are the observed
mean z = 0 relation presented by Peeples & Shankar (2011),
an approximate relation for z = 2 obtained from the results of
Erb et al. (2006) and data from Tacconi et al. (2010).

disk fraction in our simulations depends mostly on the time
since the last destructive event, be it merger or misaligned
infall.

6

SCALING RELATIONS

We continue our study of the galaxy population constituted
by our models and have a look at how they compare to
observed relations involving stellar and gas masses, rotation
velocities, sizes and metallicities.
6.1

Gas fractions

Observed gas fractions in z = 0 galaxies show a clear
trend of higher gas fractions at lower galaxy masses
(Haynes & Giovanelli 2012, see Peeples & Shankar 2011 for
a recent compilation of data). At z = 1 − 2, Tacconi et al.
c 2013 RAS, MNRAS 000, 1–??
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6.2

Sizes

Another important test for galaxy formation models is the
size distribution of galaxies. Galaxy sizes depend on the distribution of baryonic angular momentum and reproducing
c 2013 RAS, MNRAS 000, 1–??
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(2010) using measurements of CO showed that gas fractions
at a given stellar galactic mass are on average significantly
higher. They however analyzed galaxies more massive than
the ones in our simulations. Erb et al. (2006) provided gas
fractions for lower mass z ∼ 2 galaxies by estimating the gas
mass applying the local Kennicutt-Schmitt relation to SFR
measurements. At higher masses, they found significantly
lower gas fractions than those measured by Tacconi et al.
(2010).
These observations provide an important test for our
models of star formation and feedback in the context of cosmological gas accretion. Star formation uses up gas, whereas
feedback can prevent gas from cooling and thus forming stars
or eject gas from galaxies. Ejected gas can leave the halo if
energetic enough or come back in galactic fountains. Clearly
inappropriate modeling of these processes can thus be identified from such a relation.
In Figure 14 we attempt such a comparison. We determine the mass of gas with T < 104 K within 20 kpc and
use it to determine the fraction of cold gas to total baryonic
mass in the galaxy. At z = 0, our simulations reproduce
the observed decrease in gas fraction with increasing stellar
mass which becomes shallow or potentially flat at masses
M⋆ > 1010.5 M⊙ . For the shallow part of the relation, the
gas fractions in our model galaxies scatter around ∼ 15 %,
as in real galaxies. For the lower mass galaxies, gas fractions
can be as high as 65 % and the low-mass population in total
shows a higher mean than observed. The low-mass galaxies that lie significantly above the relation all live in haloes
which show low stellar masses in the Mstellar − M200 relation
discussed in Figure 2. Thus for these galaxies the low SFRs
at low-z lead to an underproduction of stars despite a significant reservoir of gas in the model galaxies. This inefficient
SF then leads to overly high gas fractions at z = 0.
As in real galaxies, the gas fractions in our model
galaxies at fixed Mstellar steadily increase when going to
redshifts z = 1 and 2. At z = 1, the gas fractions for
Mstellar < 1010 M⊙ are intermediate to the z = 0 and z =
observational constraints. For Mstellar > 1010 M⊙ , the gas
fractions agree well with the observations of Tacconi et al.
(2010). At z = 2, our models lie on top of the observational
relation provided by Erb et al. (2006), with only a slight
discrepancy towards low gas fractions for the lowest stellar
masses, consistent with the fact that these galaxies show
too high stellar masses at these times. Considering the gas
fractions measured by Tacconi et al. (2010) for higher mass
galaxies, our gas fraction in higher mass galaxies at z = 2
appears too low. Narayanan et al. (2012) recently reported a
similar discrepancy for the simulations of Davé et al. (2010).
They argue that this discrepancy arises from an overestimation of gas fractions based on incorrect CO-to-H2 conversion
factors.
In summary, the evolution of gas fractions in our model
galaxies reproduce observed trends well. Deviations from observational data can be linked to deviations from the predicted SFH and uncertainties in high-z observations.
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Figure 15. Stellar half-mass radius R50 vs. galactic stellar mass
Mstellar at redshifts z = 0, 1 and 2. Overplotted in all panels is
the observed relation for late-type SDSS galaxies by Shen et al.
(2003) for z = 0 with 1σ scatter denoted by dashed lines.
Nagy et al. (2011) find that galaxies at z = 1.5 − 2.0 are typically 27 % and galaxies at z = 2.0 − 2.5 typically 42 % smaller
than galaxies of the same mass at z = 0. We overplot the corresponding lines in the z = 2 panel.

this distribution is crucial for achieving correct morphologies, and thus also SFRs, gas fractions etc. Cosmological
simulations have long suffered from an over-concentration
of low angular momentum material in the centers of haloes
(Navarro & Benz 1991). It has been shown that in order to
reproduce observed galaxy sizes the invoked feedback mechanism has to preferentially remove gas with low angular
momentum (Dutton & van den Bosch 2009). Thus feedback
modeling is effectively tested by galaxy sizes.
In Figure 15 we attempt a comparison of our galaxy
model sizes with observations by Shen et al. (2010) for SDSS
late-type galaxies and by Nagy et al. (2011) for z = 1.5−3.0
star-forming galaxies. The half-mass radius R50 of observed
galaxies at all redshifts increases on average with galaxy
stellar mass Mstellar . Nagy et al. (2011) find that galaxy sizes
at a given Mstellar increase with time, being ∼ 41% smaller
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than local galaxies at z = 2.0 − 2.5 and ∼ 27% smaller at
z = 1.5 − 2.0. This suggests that around z = 1 galaxies start
to lie on the local relation (see also Barden et al. 2005).
For our model galaxies, we also detect such an increase
of R50 with time. At z = 2 the sizes scatter around values
similar to those found by Nagy at z = 1.5 − 2.0, whereas
at z = 1 and at z = 0 they scatter around the z = 0 relation. At z = 1 − 2 the increase of R50 with stellar mass also
agrees well with observations. At z = 0 our models lie on an
overly flat relation. We already showed that the most massive haloes in our sample at z = 0 host compact, overly starforming galaxies. Here these galaxies explicitly appear as too
small. On the other hand, our sample also includes two major mergers. The two galaxies in halo 0977 show elongated
features due to their gravitational interactions and thus are
most extended relative to the observations. Ignoring these
model galaxies yields a relation with reduced scatter and a
clear trend of increasing size with increasing mass, which is,
however, still shallower than observed.
Considering the connection of sizes and feedback modelling we note that our prescriptions are capable of reproducing observed galaxy sizes well at z > 1, but tend to be
too strong at late times in removing low angular momentum
gas in haloes with M200 < 0.7 × 1012 M⊙ and too weak in
haloes with M200 > 1.6 × 1012 M⊙ .

of Avila-Reese et al. (2008) and Hall et al. (2012), who find
shallower slopes and significantly more scatter. We attempt
to compare to these observational relations in Figure 16. We
plot the mass of stars and gas within rgal (as defined
in Secp
tion 4.2) against the circular velocity Vcirc = GM (< r)/r
at r = 4 R50 . We use this radius, as McGaugh (2012) use
measurements of velocities where rotation curves are flat,
which is well reproduced by our choice as depicted in Figure
9. Note that Avila-Reese et al. (2008) use the maximum rotation velocity and Hall et al. (2012) use the velocity at half
light radius. Only for the most massive, compact galaxies in
our sample which overproduce stars at low z, would a different choice of radius alter the data-points significantly. A
different choice for the radius within which we consider the
baryonic mass does also not change our conclusions.
The baryonic Tully-Fisher relation is intrinsically connected to the M⋆ − Mhalo relation discussed in Figure 2
and to the gas fractions discussed in Figure 14. Moreover as
was shown e.g. in CS12, the correct distribution of matter and thus the sizes of galaxies as discussed in Figure
15 also play an important role. The Tully-Fisher relation
is thus a good test for the interplay of the model ingredients included in our galaxy formation code. Considering that
for all the mentioned Figures we found at least reasonable
agreement with observation, with smaller deviations we expect also to find this in Figure 16. Compared to McGaugh
(2012), this is not, however, the case. Only a minority of
galaxies lies within 1σ of these observations and the powerlaw slope constituted by our model sample is closer to 3 as
advocated by Avila-Reese et al. (2008) and not 4 as found
by McGaugh (2012). Due to the greater scatter found by
Hall et al. (2012), our galaxies are marginally consistent
with their results and there is good agreement with the results of Avila-Reese et al. (2008).
Considering that the power-law slope of the relation
given by our model galaxies is smaller than most observations, it is interesting to discuss the trends. The most
massive galaxies have too high rotation velocities for their
masses. This agrees with the fact that they are too compact
for their baryonic mass. There is a weaker trend for lowmass galaxies to lie above the relation, possibly connected
to too efficient feedback for these haloes preventing a further
concentration of the halo.
In summary, our model galaxy sample shows a powerlaw slope for the baryonic Tully-Fisher relation, that agrees
only with the lowest in the range of values found observationally. The deviations from the relation can be connected to
the remaining fine-tuning problems for the feedback mechanisms which have already been discussed in the previous
sections.

6.4
6.3

The baryonic Tully-Fisher relation

The luminosities and rotation velocities of disk galaxies are
strongly correlated, they lie on the Tully-Fisher relation
(Tully & Fisher 1972). In recent years, it has been shown
that using the total baryonic mass instead of luminosity
yields a tighter correlation (McGaugh 2012). As McGaugh
gives a relation that is among the steepest and tightest found
in the literature, we also consider the observational results

Metals

Another way to test how well the complex interplay of gas
accretion, star formation, galactic winds and gas recycling
is modeled, is to consider the amount of metals stored in
the galactic stars and gas. Metals are produced in stars and
returned to the ISM in stellar explosions or winds. Thus
metal production and energetic feedback are intrinsically
coupled. Consequently, galactic winds are an efficient way to
get metals out of galaxies. However, the metals in outflows
c 2013 RAS, MNRAS 000, 1–??

Spiral galaxies in cosmological simulations

9.4
12+log(O/H)gas

z=0
0.0
[Z]stellar

Mstellar [MO•]
1010

109

0.5

-0.5

z=0

9.0
8.8
8.6
Maiolino (2008)
Andrews (2012)
Tremonti (2004)

8.4

1011

1012

Mstellar [MO•]
Figure 17. Mean mass-weighted galactic stellar metallicity
within r = 3 R50 , [Z] vs. stellar galaxy mass Mstellar at z = 0
compared to the observational results of Gallazzi et al. (2005)

can diffuse into hot halo gas and re-accrete, alternatively,
outflowing material can return in galactic fountains, providing ways for ejected metals to re-enter the galaxy. Moreover,
the metal content of galactic gas can be diluted by the accretion of pristine gas. Basically all ingredients in our galaxy
formation simulations have a direct influence on the galactic
metallicities.
Whereas gas metallicities probe cumulative effects over
the whole evolution of galaxies, stellar metallicities contain
probes from every stage in galaxy formation. In Figure 17 we
attempt a comparison of the mean stellar metallicities of our
model galaxies to the observational data of Gallazzi et al.
(2005). Apart from the too-metal-rich massive galaxies, the
sample agrees well with observations and reproduces the
slope of total stellar metallicity [Z] with stellar mass.
The picture is different however for gas phase metallicities, which we explore in Figure 18. The observed relations
are quite uncertain in their calibration, which is why different authors find deviations of up to 0.3 dex in the normalization of the relation of oxygen abundance 12 + log(O/H)
versus galaxy stellar mass. The slope also differs, but too
a smaller amount. Typically, quoted 1σ errors at z = 0
are of the order 0.1-0.2 dex depending on mass and calibration. We include three different observed z = 0 relations by Tremonti et al. (2004), Andrews & Martini (2013)
and by Maiolino et al. (2008) and compare our results to
them. Our galaxies follow a significantly steeper relation
with higher mass galaxies (M⋆ > 2 × 1010 M⊙ ) agreeing with Maiolino et al. (2008) and Tremonti et al. (2004)
and the lower mass galaxies in better agreement with
Andrews & Martini (2013), but on average more metal-poor
than all three observational relations.
At higher redshifts, we do not find such a disagreement
with the observational slope of the relation. When we compare to the results of Maiolino et al. (2008) at z = 0.7 − 3.5,
we find reasonable agreement between our models and observations when taking into account the observational uncertainties. At z = 3.5, our model galaxies are slightly too
c 2013 RAS, MNRAS 000, 1–??
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Figure 18. Mean galactic gas-phase oxygen abundance
12 + log(O/H) vs. stellar galaxy mass at compared to
the observational results of Maiolino et al. (2008)(black),
Andrews & Martini (2013)(magenta) and Tremonti et al. (2004)
(cyan, dotted lines mark 1σ regions) at z = 0, 0.7, 2.2 and 3.5. At
z = 3.5, Maiolino et al. (2008) give two calibrations.

metal rich, which considering the over-production of stars
at z > 4 is not surprising. At z = 2 we find perfect agreement with observations, whereas at z = 0.7 our models are
slightly metal-deficient, probably due to the small deficit in
SFRs around z = 1. The discrepancies at z = 0 obviously
origin at z < 0.7.
At late times, four lower mass galaxies are metal defi-
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Figure 19. Mean luminosity-weighted galactic stellar oxygen to
iron ratio [O/F e] vs stellar galaxy mass at z = 0 compared to
the observational results of Johansson et al. (2012) for elliptical
galaxies.

cient. They include two of the haloes with the lowest masses
and the two galaxies involved in the major merger of halo
0977. We have noted that these galaxies are too gas rich.
From observed relations, we know, that higher gas fractions
and lower metallicities are present in lower mass galaxies. As
our lower mass galaxies are deficient in SF and too gas rich,
late low metallicity infalling material can dilute the metallicity and lead to even lower metallicities than the observed
ones. The most massive galaxies tend to be too metal-rich,
which, as discussed for stellar metallicities, can be connected
to overly high low-z SFRs.
It is well known that SNII and SNIa produce different
fractions of elements and explode on different timescales.
Because of that, fractions of O (SNII) to F e (SNIa) test the
validity of the modeling of metal production yields, SFHs
and model SN time distributions. In Figure 19, we plot the
mean luminosity-weighted element ratio [O/F e] in stars. We
compare them to observations from Johansson et al. (2012)
for elliptical galaxies. Although the average [O/F e] in our
galaxies agrees with ellipticals, these values are too high,
as disk galaxies typically show lower values of [O/F e] due
to the higher SFRs at late times. Compared to observed
ellipticals, the increase in [O/F e] with galaxy mass is much
shallower in our model galaxy sample. Clearly, higher lowz SFRs in lower mass galaxies would shift [O/F e] to lower
values and the opposite is true for the highest mass galaxies
which overproduce stars at low redshifts. However, to shift
the normalization, a different calibration of yields and SN
distributions over time is necessary. As we noted in Section
2.2, the metal production yields we apply were not calibrated
in any way.
The modeling of turbulent diffusion of metals also has
an influence on the metallicity in galaxies. We find that using higher normalizations for the diffusion coefficients yields
higher metallicities in galaxies. Using the normalization proposed by Greif et al. (2009) (see Section 2.3) increases the
metallicity of model galaxies by ∼ 0.2 − 0.4 dex and would

lead to significantly worse results compared to observations.
The reason for this is, that outflowing gas is metal-enriched
and thus loses metals to the circumgalactic gas by diffusion.
The halo gas can later accrete onto the galaxy (Shen et al.
2010). This effect is enhanced by stronger diffusion coefficients.
Metals in galaxies are not equally distributed. Most
galaxies show gas oxygen metallicities that decrease outwards, with gradient slopes in units of dex per scale length
being independent of galaxy mass (Zaritsky et al. 1994). As
more massive galaxies are more extended, absolute gradients
in dex/kpc are thus steeper for galaxies with lower masses
and smaller sizes. Disk galaxies have steeper gradients than
ellipticals and than interacting disks (Kewley et al. 2010).
Zaritsky et al. (1994) found gradients ranging from -0.23 to
+0.02 dex/kpc for a sample of ∼ 40 disk galaxies with a
mean ∼ −0.06 dex/kpc. Gradients are believed to arise from
the inside-out formation of disk galaxies and the corresponding variation of SF and feedback efficiency with radius.
In Figure 20, we plot the gradients which we find in the
oxygen abundances in the gas disks of our model galaxies
and plot them against galaxy mass. All our galaxies show
clear negative gradients, but they are rather shallow ranging from -0.053 to -0.007 dex/kpc , being a factor of ∼ 3 − 4
shallower than observations. We do however reproduce the
fact that absolute gradients are steeper for smaller galaxies.
As far as our interacting galaxies in the merger haloes 2283
and 0977 are concerned, the extended disks in halo 0977 indeed have flatter gradients than the other galaxies of similar
mass. The significantly more compact galaxies in halo 2283
however show the steepest gradients in our sample.
It is interesting that Pilkington et al. (2012) found
steeper gradients in a set of cosmological simulations with
AMR and SPH codes. Considering our modeling there are
two ingredients which can make gradients become too flat.
Turbulent diffusion of metals is modeled on the scale of the
SPH smoothing kernel and thus is not independent of resolution. In test simulations, we find that stronger diffusion
produces flatter metallicity gradients, as diffusion intrinsically acts against metallicity gradients. Moreover, our two
phase enrichment model, which spreads half of the metals
into the hot gas phase, intrinsically yields a relatively nonlocal enrichment of the ISM, which also weakens gradients.
Recently, Gibson et al. (2013) compared gradients in
cosmological simulations which share initial conditions but
use different feedback prescriptions. They found that models
which assume efficient SN feedback and pre-SN early stellar
feedback produce shallower metallicity gradients than more
conservative feedback models, as they spread metals over
larger scales. As our models, their stronger feedback models also do not predict a steepening of gradients at high-z,
a behaviour displayed by their weaker feedback models. In
general, their conclusions about the interplay between feedback and gradients thus agree well with ours.
In summary, our model galaxies reproduce the observed
relation of stellar metallicity vs. stellar mass well. The evolution of the gas phase oxygen abundance is also reproduced
reasonably well at z > 1. At low-z the problems with SFHs
discussed in Section 4.2 lead to deviations from observation.
The oxygen-to-iron fractions [O/Fe] in our models are too
high and the metallicity gradients in our gas disks are too
shallow. This indicates that the details of our modeling of
c 2013 RAS, MNRAS 000, 1–??
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metal production, enrichment and diffusion still needs finetuning.

7

CONCLUSIONS

We have presented an extensive update to the multiphase
SPH galaxy formation code by Scannapieco et al. (2005,
2006). This includes updated metal cooling rates based on
individual element abundances, a continuous modeling of
metal production in SNIa and AGB stars, an increase in the
star formation threshold and a model for the turbulent diffusion of gas phase metals. Moreover, we now use feedback
prescriptions which spread energy in kinetic and thermal
form and apply a model for the effect of radiation pressure
from massive, young stars on the surrounding ISM.
We calibrate our feedback model to match the SFH of
the previously well studied halo Aquarius C (CS09, CS12)
predicted by results from abundance matching techniques
out to z = 4 (MNW13). By doing so, we confirm the findings
of Stinson et al. (2013) that modeling feedback from young
stars can play a very important role in shifting star formation to later times, in increasing the efficiency of feedback
at high z and thus in improving cosmological simulations
of galaxy formation. We find that in order to reproduce the
inferred SFH, the influence of radiation pressure from young
stars on the ISM has to be stronger at higher redshifts. We
achieve this by invoking a model in which the higher gas
velocity dispersions at early formation stages lead to larger
star formation regions and thus to greater column densities
of dust, which enhance the effect of radiation pressure. Our
model still predicts an overproduction of stars at z > 4,
however, pointing to inaccurate modeling of SF at early formation stages.
It was noted in CS12 that there is a priori no reason why
this halo should not be an outlier in terms of its SFH. However, considering the many previous galaxy formation models for halo AqC from CS12, our model not only improves
c 2013 RAS, MNRAS 000, 1–??
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the shape of the SFH, but also yields the most dominant
disk galaxy in this halo known to us. The galaxy properties
show good agreement with a variety of observations.
The efficiency of the coupling between the radiation
field and the dusty gas is uncertain and some have argued
that the approach of Hopkins et al. (2011), which is similar
to our modeling, overestimates the effects of radiation pressure (Krumholz & Thompson 2013). The influence of our
radiation pressure model on the SFH is, however, a key ingredient for improving the agreement of simulated galaxies
with observations. We conclude that any kind of feedback
process acting before the explosion of SNe with effects similar to those in our model is likely to achieve this effect (see
also Stinson et al. 2013; Brook et al. 2012).
We have applied our code to a sample of 16 haloes
with virial masses M200 ranging from 1.7 × 1011 M⊙ to
2.4 × 1012 M⊙ , including haloes which were selected to have
no recent major mergers (Springel et al. 2008) and haloes
with low-z mergers (Oser et al. 2010). As a population
the resulting galaxies reproduce the observed M⋆ − Mhalo relation well at all redshifts z = 0 − 4. There are however
trends of too high stellar masses at high z, of low-mass haloes
under-producing stars at low z, and of high-mass haloes
overproducing stars at late times.
Our model galaxies also reproduce observations of gas
fractions, stellar half-mass radii, star formation rates and
gas phase metallicities at z = 0 − 3 reasonably well. At
z = 0, our sample also shows agreement with observed stellar metallicities and the galaxies provide a reasonable fit
to the baryonic Tully-Fisher relation. Deviations from the
observed scaling relations can mostly be connected to the
problems with SFHs mentioned above. Considering these results, one could argue that our finding that reproducing the
SFH helps in reproducing a range of observations to some
degree validates the abundance matching methods used by
MNW13.
The problems at the high mass end could well be explained by the lack of a model for AGN feedback, which
could prevent the cooling of large masses of halo gas at low
z, which occurs in our models (see e.g. Puchwein & Springel
2013). The low-mass haloes indicate that our model is far
from perfect, as feedback in these galaxies is too efficient at
preventing star formation at late times. Again, the question
arises whether our calibration method is appropriate. As the
peak in conversion efficiency M⋆ /Mhalo appears to happen
at slightly lower masses than that of AqC, it is justified to
note that lower halo masses could be more appropriate for
calibration. Brook et al. (2012) argue that calibrating their
galaxy formation model at a halo mass M200 < 1011.6 M⊙
enables them to produce galaxies that reproduce a range of
observations up to the peak in conversion efficiency.
Compared to simulations with the previous code version
(CS09) the resulting morphologies are significantly more
disk-dominated. 15 out of 16 models show stellar disk components. Morphologies include spheroidal components, extended gas disks, disks that are disturbed and thickened
by mergers, warped gas and stellar disks, disks suffering
from reorientation and misaligned infall, barred disks, a
galaxy with counter-rotating disks living on top of each
other, thin extended disks with varying bulge fractions
and massive disks, which are compact and thick. Radial
surface brightness profiles of our galaxies show pure ex-
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ponentials and bulge + exponential disk profiles, as well
as up- and down-bending breaks, as found in observations (Martı́n-Navarro et al. 2012). Moreover, apart form
two massive galaxies, all circular velocity curves are flat and
none show strong central peaks of the kind encountered in
many previous simulations (e.g. some models in CS12).
We show how distributions of stars over the circularity ǫ vs. formation time aform plane can be used to visualize formation histories and extract disk populations. This
tool nicely reveals mergers and misaligned infall of gas. Interestingly, if misaligned infall and/or the reorientation of
existing disks occur, the signatures of these processes which
heat stellar populations, are very similar to those observed
for idealized, semi-cosmological models studied by AW13.
These processes are of interest in the context of the formation of counter-rotating components and 2σ signatures
found in several elliptical galaxies (Krajnović et al. 2008).
Most of the disks in our model sample feature a welldefined start for disk formation, defined by a merger or a
misaligned infall event. The later the last destructive event
occurs, the lower the disk mass. These ’disk ages’ all correspond to z < 2. It is interesting that the age inferred for the
thin disk population in the solar neighbourhood is even older
(see Aumer & Binney 2009 and references therein). It should
also be noted that observational evidence in favour of a picture where a significant fraction disk galaxies (re)-formed
after a destructive event since z ∼ 2 exists (Puech et al.
2012), consistent with the idea that the Milky Way’s formation history was more quiescent than that of an average disk
galaxy (Hammer et al. 2007).
The disk fractions derived from the ǫ−aform plots range
from 15 to 65 %. Some galaxies are thus disk dominated.
However, there are real galaxies with even higher disk fractions. Considering the shortcomings of our SFHs at z > 4,
and assuming disk formation times are correctly modeled,
we can estimate disk fractions for our haloes under the assumption that SFHs follow the MNW13 predictions. For our
three most disk-dominated galaxies, these estimations yield
an increase in disk fraction from 59-65 % to 70-77 %. We
thus conclude that high disk fractions are not problematic
for ΛCDM haloes with sufficiently quiet merger histories.
The Aquarius haloes show the highest disk fractions and
the quietest merger histories, as was expected from their selection. However, previous simulations (CS09, CS12) failed
to validate these predictions.
Some of the problems of our simulations are connected
to metallicities. Although our model galaxies reproduce the
stellar metallicity - stellar mass relation, the z = 0 gas phase
metallicity - stellar mass relation is too steep, our alphaelement abundances are too high and the metallicity gradients in our disks are too shallow. No optimization of yields
has been attempted for our models so far, leaving room for
improvement. Shallow metallicity gradients are likely to be
connected to the details of our diffusion model and our twophase enrichment scheme, which both could require modification. Another problem is that tests indicate unsatisfactory
convergence of our results when increasing the resolution.
Such problems are common for galaxy formation codes (see
e.g. the discussion in CS12). One must take into account that
important ingredients are ’sub-grid’ and thus that a dependence on the lowest resolved length-scale is expected when
resolution is increased without adjusting model parameters.

In general, our simulations provide us with an interesting sample of simulated galaxies with realistic properties at
least for MW-like halo masses M200 ∼ 1012 M⊙ . The simulations predict many more observables that can be compared
to the real galaxy population than are touched in this paper.
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N., Kereš D., Weinberg D. H., 2010, MNRAS, 404, 1355
de Blok W. J. G., Walter F., Brinks E., Trachternach C.,
Oh S.-H., Kennicutt Jr. R. C., 2008, AJ, 136, 2648
de Vaucouleurs G., 1958, ApJ, 128, 465
Dutton A. A., van den Bosch F. C., 2009, MNRAS, 396,
141
Ekström S. et al., 2012, A&A, 537, A146
Elbaz D. et al., 2007, A&A, 468, 33
Erb D. K., Steidel C. C., Shapley A. E., Pettini M., Reddy
N. A., Adelberger K. L., 2006, ApJ, 646, 107
Eskridge P. B. et al., 2000, AJ, 119, 536
Fall S. M., Efstathiou G., 1980, MNRAS, 193, 189
c 2013 RAS, MNRAS 000, 1–??

Spiral galaxies in cosmological simulations
Few C. G., Gibson B. K., Courty S., Michel-Dansac L.,
Brook C. B., Stinson G. S., 2012, A&A, 547, A63
Förster Schreiber N. M. et al., 2009, ApJ, 706, 1364
Gallazzi A., Charlot S., Brinchmann J., White S. D. M.,
Tremonti C. A., 2005, MNRAS, 362, 41
Genzel R. et al., 2008, ApJ, 687, 59
Gibson B. K., Pilkington K., Brook C. B., Stinson G. S.,
Bailin J., 2013, A&A, 554, A47
Gnedin N. Y., Tassis K., Kravtsov A. V., 2009, ApJ, 697,
55
Governato F., Willman B., Mayer L., Brooks A., Stinson
G., Valenzuela O., Wadsley J., Quinn T., 2007, MNRAS,
374, 1479
Governato F. et al., 2010, Nature, 463, 203
Greif T. H., Glover S. C. O., Bromm V., Klessen R. S.,
2009, MNRAS, 392, 1381
Groom W., 1997, PhD thesis, Cambridge Univ.
Guedes J., Callegari S., Madau P., Mayer L., 2011, ApJ,
742, 76
Guo Q., White S., Li C., Boylan-Kolchin M., 2010, MNRAS, 404, 1111
Guo Q. et al., 2011, MNRAS, 413, 101
Haardt F., Madau P., 2001, in Neumann D. M., Tran
J. T. V., eds, XXIst Moriond Astrophys. Meeting, Clusters of Galaxies and the High Redshift Universe Observed
in X-rays, Editions Frontieres, Paris
Hall M., Courteau S., Dutton A. A., McDonald M., Zhu
Y., 2012, MNRAS, 425, 2741
Hammer F., Puech M., Chemin L., Flores H., Lehnert
M. D., 2007, ApJ, 662, 322
Haynes M. P., Giovanelli R., 1984, AJ, 89, 758
Hopkins P. F., Quataert E., Murray N., 2011, MNRAS,
417, 950
House E. L. et al., 2011, MNRAS, 415, 2652
Iwamoto K., Brachwitz F., Nomoto K., Kishimoto N.,
Umeda H., Hix W. R., Thielemann F.-K., 1999, ApJS,
125, 435
Jenkins A., Binney J., 1990, MNRAS, 245, 305
Johansson J., Thomas D., Maraston C., 2012, MNRAS,
421, 1908
Johansson P. H., Naab T., Ostriker J. P., 2012, ApJ, 754,
115
Kajisawa M., Ichikawa T., Yamada T., Uchimoto Y. K.,
Yoshikawa T., Akiyama M., Onodera M., 2010, ApJ, 723,
129
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