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Abstract

Almost a century ago, Albert Einstein predicted the existence of gravitational waves,
ripples in the spacetime, as a possible solution of the linearized general relativity. Surpris-
ingly, shortly after that, Einstein himself changed his mind, and since after, like many
other physicists of his time, he believed that they are not physical but an artifact of
linearization. It was not until Herman Bondi’s 1957 Nature paper that the first mathe-
matically precise definition of gravitational waves in the full Einstein equations has been
discovered. Seventeen years later, Hulse and Taylor made the first indirect detection
of this mysterious waves. And finally, in another historic event, only three years ago,
these waves were first detected directly by LIGO. Apart from the astrophysical gravita-
tional waves, a stochastic background of relic gravitational waves is also highly expected.
These tensor perturbations are the only missing (key) prediction of the inflation paradigm
which has not been detected yet. These primordial gravitational waves, either vacuum or
sourced by relic particles, are free-streaming since inflation and can teach us a lot about
the physics at its highest possible energy scales. This talk has two parts. In the first part,
I will talk about the gravitational waves in asymptotically flat spacetimes and will ex-
plain the Bondi’s brilliant formalism to prove the physicality of the gravity waves. In the
second part, I focus on the gravitational waves in our expanding cosmological universe.
I explain the spin-2 fluctuations generated during inflation and the resulting stochastic
gravitational background.
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Part 1
Asymptotically flat spacetimes

1 Linearized GR and Gravitational Waves

Shortly after proposing general relativity, Albert Einstein linearized his field equation
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and realized that general relativity admits solutions in which the fluctuations of the Minkowski
space-time are plane waves traveling with the speed of light. In the following, we explain
some basic features of these linear solutions of general relativity.

1.1 The weak-field metric

A weak gravitational field corresponds to a region of the spacetime that is weakly curved. In
other words, throughout such region, there exist coordinate systems in which the spacetime
metric takes the form

Guv = Nuv + }NLum (2)
in which libm, and all its partial derivatives are small
huw <1 and h,, <1 (n>1). (3)

Note that we can well consider small perturbations about some other background metric, such
that g, = guu + Buv- In particular, we will use a similar weak field approach for cosmological
perturbations around FRW metric in section

In the weak-field general relativity, we expand the field equations in powers of h,, and
keep the linear terms. In fact, from the Einstein equation in , we find the linearized
gravitational field equation for h,,

000 hyu + 0,0y h — 0,0\, — 0O\ — 0 (0a0h — 0,0\0) = —167G T, (4)

where h is the trace of the field, h = Bﬁ Although linearized, the above equation does not
look like a wave-equation. However, this messy equation can be simplified in terms of the
field redefinition

5 1 -
hw/ h;u/ - §nuuha (5)

which is the trace-reverse cousin of h, i.e. h = —h. Moreover, these fields are defined only up
to gauge transformations, and in this case, the most convenient gauge is the Lorenz gauge

8" = 0. (6)

The linearized field equation in terms of h,, in the Lorenz gauge takes the most simple form
below

00hyy = —167G T}, (7)

which in the vacuum has the desired wave-like form.

1.2 General solution of the linearized field equation
The linearized equation in vacuum has plane wave solutions of the form
h;w = A,ul/(k/\) eXp(’L.k‘)\.iL‘/\), (8)

where A, are constant components of a symmetric tensor and k,, is the wave vector. Equation
implies that the wave vector is null, k,k* = 0. Therefore, the homogeneous linear Einstein
gravity has the following general solution

hyy = / d%(AW(E) exp(ik,at) + A%, (k) exp(—z’kum“)>, ©)
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which is the superposition of all possible plane waves.
In the presence of a source with nonzero 7},,, we need to solve the inhomogeneous equation
with the Green’s equation

DadGlak — y) = 54 — ), (10)
where the required retarded Green’s function for z° > 3° is

1

— 52— — |- 7).
(47T)|£_g|5( y =17 —1l) (11)

Gt —y") =

Therefore, the sourced part of the linear gravitational equation is

S

T;u/(g: ct — ’f - g’)
ct '

In fact, the gravitational field at an event point (¢, ) is the integral over the past lightcone
of the event point occupied by the source.

Figure 1: The change in the gravitational field at an event point (¢, Z) is the sum of the effects of the source’s
T, at the point ((t — |Z — 4]),¥) on the past lightcone.

1.3 The compact-source

For astrophysical purposes, the gravitational source has a spatial size much smaller than the
distance to the point of the observation. In such cases, it is sufficient to consider the first
term in the Taylor expansion

» 128
|ﬂl - :}+yl§, +yiyj<w> T (13)
r r r




where r = |Z| is the spatial distance from the origin to the field point. In particular, the
linear solution has the far-field approximation

» 4G »
h;w(xa t) = _E d3yTW(y, ct — T), (14)
which decays as 1/r. The physical meaning of each component in the above is as follows:
o [ Td3y = Mc? is the total energy of source particles,
o [ TY%d3y = P'c is the total momentum of source particles in the z’-direction,
o [ T3y =TIV is the integrated internal stresses in the source.

For an isolated source, the conservation of energy-momentum tensor reads
py
0,T" = 0.

Therefore, in the linear theory, M and P’ are conserved. Furthermore, for a compact object,
P! can be written as

Pl = a(zo[/Too(yo,ﬁ)yzdSy} o (15)
Y- =c T
which can always set to zero by choosing the origin of the coordinate system at the source’s
center of mass. Therefore, we can always work in a coordinate system associated to the center
of momentum frame of the source particles in which P* = 0.
Finally, in the center of momentum coordinate, we have the desired h,, components as

4GM
h = — 16
00 2r ) ( )
hoi = 0, (17)
4G _,
by = g [ Tt =iy, (18)

It is possible to further simplify the form of h;; for the compact-source case. We can Writelﬂ

[y = [ @@+ oury) . (19)

Moreover, the energy-momentum conservation leads to
iky, 7 73 d i0, 7 13
(T )ydyz—dT/U Ty dy |, (20)

By using the energy-momentum conservation once again and dropping the total derivative
term, we have

o o d o
/ (Tzoyj + Tjoyz)d?’y = @ {/Tooyzyjd?)y} . (21)
Thus, in terms of the quadruple-moment tensor of the source

Li;(y°) = / Too(v°, Dy'y’ d*y, (22)

1Nofce that enclosing the integral outside the source, we dropped the total derivative term in the RHS,
f@k(leyj)dzsy =0.



we can express h;; in the far-field limit as

. 2G d?
hij(t, %) = Ty dy? []ij(yo)} . (23)
yO=ct—r

The above can be decomposed into the trace and a traceless tensor, v;;, as

hij(t, &) = hdij + vij, (24)
where v;; is
Yij = —g% [Jij (yo)] , (25)
cSr dy -

and J;; is the reduced quadrupole-moment tensor of the source distribution

1
Jij = Iij — gaijl,’j. (26)

1.4 Polarization states and effect on free particles

In the previous section, we saw that similar to the Maxwell’s equation which predicts elec-
tromagnetic waves, the linearized GR, also suggests the existence of gravitational waves. In
this section, we discuss the propagation of gravitational radiation in flat space.

Let us consider a general gravitational perturbation satisfying the empty-space linearized
field equation and the Lorenz gauge condition (see (9)). Under a coordinate (gauge) trans-
formation of the form

ot s = gt g (27)
the transformed perturbation
B;w — il;w - ugu - ug,ua (28)

is still in the Lorenz gauge condition provided that the 4-vector £ satisfies 0,0”¢* = 0. Also
the trace-reverse field tensor in transforms as

h,luzz = h;w - aufu - &/fu + nuuaafa' (29)

We can use the above gauge transformation to set any four linear combinations of h,, to
zero. In particular, the transverse-traceless gauge, so called T'T gauge, is defined by choosing

T =0 and R'T =0. (30)
Moreover, we are still in the Lorenz gauge which in the TT gauge gives
hig =0 and 0'hj;" =0. (31)

Notice that for non-stationary (time-dependent) gravitational fields, as for a general gravi-
tational wave disturbance, it implies that thT also vanishes. As a result, for those cases, we
are left with the spatial components of a symmetric, traceless and transverse tensor, i.e. we
have only two dynamical degrees of freedom.



For a given gravitational wave with a spatial wave-vector k = kf in an arbitrary coordinate
system, we can read the form of the wave in the TT gauge as

1
k pl kl
ALl = (PPl - 5P Pi) A, (32)
where P;; is the spatial projection tensor
Pij = i — 0y, (33)

which projects tensors to the 2 dimensional surface normal to n. Similar to the electro-
magnetic waves, the two dynamical modes in the AET can be decomposed in terms of two
polarization states. Writing 7 in terms of polar and azimuthal angles, 6§ and ¢, as

7 = (sin @ cos ¢, sin O sin ¢, cos 0), (34)

one can define the complex polarization vectors

1 . .
+ /A .
et (n)=—(0=+1i 35

()= 750 £id) (3)
where 6 and gZ; are orthogonal unit vectors in the plane perpendicular to 7, in the directions
of increasing 6 and ¢, respectively. In terms of e* and (#, ¢), we can construct two types of
polarization states:

i) the linear, plus and cross, polarization tensors,

us/ A 1 A A 77 TOSS [~ 1 0.7 i)
egl (1) \/§<9i0j —qﬁiqﬁj) and elcj (n) \/§<6i¢j +¢i0j>7 (36)

and ii) the circular, right- and left-handed, polarization tensors

RL/~\ _ + +
i (n) =e; e (37)

Notice that these two pair of tensors are related as

1
GR’L(’fZ) _ \ﬁ (ePlus + ieC’ross) (38)

For n = 23, the P=plus and C=cross polarization tensors can be written in terms of the
components

P_ P _ C_ C_ PC_
, and ey =ey =€) =exp =¢€;3 =0, (39)

Sl

while the circular ones are given as

R,L

L 1 L L i
el 1 R7 P R7 R7 P :t

J RL _ RL
=—€yy = —=, €19 =€ — and ey =€ =0. 40
22 /2 12 21 /2 3i i3 (40)
In order to have a feeling about the effect of each of the above polarization states of
gravitational waves, it is useful to consider their effect on the geodesic deviation of free-
falling particles. Consider two nearby (non-interacting) free-falling particles initially at rest
with separation vector

& = (0,&). (41)
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Figure 2: Effect of gravitational wave in different polarization states on a ring of freely-falling particles. The
continuous lines and the dark filled dots show the positions of the particles at different times, while the dashed
lines and the open dots show the unperturbed positions. This illustration is barrowed from [1].

The arrival of a gravitational wave will perturb the geodesic motion of the two particles and
produce a nonzero contribution to the geodesic-deviation equation. We recall the geodesic-
deviation equation, the changes in the separation four-vector X* between two geodesic tra-
jectories with tangent four-vector u*, is

D2X*

s = R, (42)

where D
Dr =u'V,,

is the covariant time derivative along the geodesic of a particle. Therefore, the geodesic
deviation of the nearly particles in the presence of the GW is

D%xt

In the rest frame of particle A, around the particle the connection vanishes and in the TT
gauge the coordinate time and the particle’s proper time coincides at the leading order (t =
7+ O((h})?)), and we simply have

d>X(t)

Lo, 77,
dt2 = §at hz‘j &, (44)



which gives the separation vector as
i j 1
Xit)y=¢ (5,~j + 2h?jT(t)>. (45)

In figure [2| we present this effect by each of the 4 possible polarization states of GWs on a
ring of freely-falling particles.

2 Physicality of Gravitational radiation?!

Shortly after proposing general relativity, Albert Einstein linearized it and predicted the
existence of gravitational waves as a possible solution of his theory. However, he mistakenly
thought they are not the solutions of the full nonlinear theory and therefore unphysical. He
advanced arguments against the existence of gravity waves, which stopped the development of
the subject for decades. It was only after his death that the actual physical nature of GWs was
understood. In this section, first, I briefly mention the ambiguity and fundamental problems
which led to this mistake. Then, I will explain the mathematically and geometrically precise
definition of GWs by H. Bondi, F. Pirani, I. Robinson, and A. Trautman which proved the
existence of GWs as the solutions of the full theory.

2.0.1 Theoretical issues of linear gravity

Unlike Maxwell’s equations, gravitation is a non-linear theory. That is the direct result of
the fact that gravity gravitates. More precisely, any energy-momentum acts as a source
of gravity, including its energy-momentum tensor. That is unlike the electromagnetic field
(photons in QED) which are not charged. So an important question that one should address
before taking the linear solutions too seriously is:

Do the fully nonlinear Einstein equations admit solutions that can be described as grav-
itational waves? If yes, are they coincide with the linear solutions far from the source? If
everything is fine, then we need to solve some other subproblems, including;

i) What is the definition of a plane gravitational wave in the full theory?

ii) Do they carry energy and angular momentum? Etc.

In 1958, H. Bondi formulated the first mathematically precise definition of GWs, which
followed by papers by H. Bondi, F. Pirani, I. Robinson, and A. Trautman proved the existence
of GWs as the solutions of the full theory and confirmed that they do carry energy. Here,
I briefly review their stunning results. For a nice and recent review on the mathematics of
GWs and the history behind it, see [2]. More details about the asymptotically flat spacetimes,
BMS group, and the IR gravity can be found in [3].

2.1 Geometric definition for GWs

Even before Bondi’s Nature paper, Felix Pirani used a Brilliant idea as the first attempt at
a purely geometric definition of spacetime with gravitational waves. Pirani’s intuition was
based on using the algebraic form of the Weyl tensor, the so-called Petrov classification to
see if spacetime has radiative regions. That intuition makes sense since far from the source
the Ricci tensor vanishes, and the Riemann tensor reduces to Weyl. Here we briefly discuss
this idea and the resulting geometrical description of radiative spacetimes.

In 4d, the Riemann curvature tensor has 20 independent components in which 10 indepen-
dent components are associated to the Ricci tensor. The other 10 independent components



can be assigned to the (traceless) Weyl tensor which is a conformal tensor
1

3R 9uYo)v- (46)

C,uy)\cr = R,uu)\a - (gu[)\Ro]u - gu[/\Ra],u) +

More precisely, it is unchanged under a conformal transformation of the metric E|

Guv 7 g:u/:Q2g/u/a (47)
Cuwx = Cul=0Cux. (48)

More intuitively, the Weyl tensor expresses the tidal forces that a free-falling body feels along
a geodesic. However, unlike the Ricci tensor, it does not have information about the change of
the volume, but only how the shape of the body is distorted by the tidal forces (see illustration

in figure [3)).
-
g/
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Figure 3: Weyl vs. Ricci. Weyl tensor is blind to the scaling and change of volume while Ricci is blind to the
tidal forces!

2.2 Petrov classification for Weyl tensor

The Petrov classification describes the possible algebraic symmetries of the Weyl tensor at
each event in a Lorentzian manifold. This classification was found in 1954 by A. Z. Petrov
and independently by Felix Pirani in 1957. The classification is based on the observation
that an arbitrary asymmetric tensor

X;w = _Xl/;u
under the action of the Weyl tensor transforms to another asymmetric tensor as
XWC‘“;ﬁ =Y,3. (49)

Therefore, the natural question is to find the eigen-bivectors and eigenvalues of the above
equation, i.e.

1 v
5 X" = AXap. (50)

[0}

2Therefore, we have Crire = Q?Cuvro-



The Weyl tensor can have at most four linearly independent eigen-bivectors at each given
event which are associated with some null vectors in the original spacetime, called the princi-
pal null directions (PND). The Petrov classification states that there are precisely six possible
types of algebraic symmetries, known as the Petrov types:

e Type I: four simple PNDs,

Type II: two simple PNDs and two PNDs coincide,

Type D: two pairs of coinciding PNDs,

Type III: one triple and one simple PNDs,
Type N: all PNDs coincide,
e Type O: the Weyl tensor vanishes.

We present these six types of the Weyl tensor in figure ] Let us take a closer look at the
Petrov types D, N, and O.

L en)
-ﬁ
TT/ v TT__)
\¥I ¢ D —
BHs

Mmoo,

I ® ——5> ® N
. FRW &
GWs Minkowski

Figure 4: The schematic form of the Petrov classification of the Weyl tensor. The green arrows correspond to
each of the principal null directions and the parallel green arrows represent the number of coinciding PNDs.
In the O type, the Weyl tensor vanishes.

Type D regions are associated with the gravitational fields of isolated massive objects, e.g.,
stars and black holes, which is entirely characterized by its mass and angular momentum.
The two coincided PNDs present radially ingoing and outgoing null congruences near the
object.

Type O regions are conformally flat places with zero Weyl tensor, e.g., exact Minkowski
and FRW. In this case, any gravitational effects must be due to the immediate presence of
matter or the field energy of some non-gravitational field.

Type N regions are those regions with transverse gravitational radiation. A spacetime
region is type N, if and only if there exists a null vector, £, such that

Courok® = 0. (51)

The four coinciding PNDs are given by this null vector which is the wave vector of the
propagating gravitational wave.

It is noteworthy to mention that the Petrov type of a spacetime may vary from region
to region. For instance, in figure ] the blue arrow shows the direction of change of Petrov
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type of Weyl tensor as we approach null infinity in an asymptotically flat spacetime. E| To
summarize, the Weyl tensor of a radiative spacetime must be of type N very far from the
sources, i.e. in the asymptotic future.

2.3 Gravitational radiation after Bondi

Herman Bondi in his Nature paper [5] followed by a subsequent paper by Bondi, Pirani and
Robinson [6], provided the first mathematically precise definition of gravitational waves in
the full Einstein equation. Moreover, he proved that gravitational radiation carries energy.
Here, we review that in asymptotically flat spacetimes. In this part, we adopt the Bondi’s
(u,r, z, Z) coordinate largely because they are used in most of the literature on asymptotically
flat spacetimes.

Figure 5: The Penrose diagrame of an asymptotically flat spacetime. The future/past null infinities, I*, are
parametrized by retarded/advanced Bondi time u/v. The red ring, i, is the spatial infinity. The two blue
cones in the upper half, present two null surfaces specified with © = w1 and v = us. The shaded area is the
cut in ZT with u1 < u < ua.

Far from the source, the spacetime is very close to flat Minkowski space
ds® = —du® — 2dudr + 2r*n,zdzdz, (53)

and throughout we use the Bondi retarded coordinate (u,r, z, Z) which in terms of the spher-
ical coordinate (t,r,0,¢) are given as

0 . 0
u=t—r, z=cot ie“z’ and Z = cot ie*“ﬁ. (54)

3This effect is due to the peeling theorem in general relativity which describes the asymptotic behavior of
the Weyl tensor as one goes to null infinity. Let « be a null geodesic from a point p to null infinity, with affine
parameter A. Then the theorem states that, as A approaches infinity

1 2 3 4
C , C O, €,

A A? A3 At

Cabed = + . (52)

where Ci?cd is type N, Cﬁld is type III, Cﬁ)cd is type IT and Cﬁ)cd is type T [4].
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Here u is the Bondi (retarded) time while the advanced time (in Minkowski) is
v=t+r. (55)

e Definition I. Asymptotic flatness: An asymptotically flat spacetime is a Lorentzian man-
ifold in which, the curvature vanishes at large distances from some region so that the
geometry becomes indistinguishable from Minkowski. Outside the source, the Ricci
tensor is zero and therefore, the asymptotic flatness impose some asymptomatic falloff
conditions on the Weyl tensor.

e Definition II. Future null infinity: I+ is defined as endpoints of all future-directed null

geodesics along which r — co. This null surface is the product of S? with a null line u
taking values in R. Each null hypersurface, o,,, intersects Z* in a 2-sphere with u = ug.

(See figure

Now, we want to study gravitational theories in which the metric is asymptotic, but not
exactly equal to, the flat metric, and we abbreviate ©4 = (z, z). Choosing the Bondi gauge

Grr = gra = Oa (56)
gapy _
OTdet( 7“2) — 0, (57)

the most general four-dimensional metric has the form
1 1
ds? = —Udu® — 2e*dudr + gap (d@A + 2UAdu> <d@B + 2UBdu> : (58)

Notice that the gauge condition completely fixed the local diffeomorphisms. Moreover,
it implies that r is the luminosity distance. Up to now, we just wrote a general metric in
the specific gauge . Any geometry can be described locally by the metric . Imposing
the asymptotic flatness condition at large r with fixed (u, z, z) leads to falloff conditions on
the metric components. For the natural choice made by Bondi, van der Burg, Metzner, and
Sachs (BMS) [7], the large-r structure of the metric is constrained to be

ds* = —du® — 2dudr + 2r°n.zdzdz

2mp

+ du® + r7,,dz* + rCs:dz% + D*..dudz + D*~zsdudz

(59)

r

1/4 1
+ . <3(NZ +ud,mp) — 48Z('yzzfyzz)> dudz +c.c.+ ...,

where D, is the covariant derivative with respect to 7,z while ~,., mp and N, are r indepen-
dent and functions of (u, z,z). The first three terms in are simply the flat Minkowski
metric, and the remaining terms are the leading corrections:

e The first quantity mp(u, 2, Z) is the Bondi mass aspect (for Kerr BH, mp = GM),

e The next one is N,(u, z,Z) which is the Bondi angular momentum aspect (for a Kerr
BH N, = 2GmL),

e The last term is 7,z which describes the gravitational waves. This quantity is transverse

to Z1 and r~!-suppressed comparing to the dominant orders. The Bondi news tensor is
defined as

N.z = O0y2sz, (60)
which is the gravitational analogue of the field strength in gauge field theories, i.e.

F,., = 0,Axz.
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e Definition III. The Bondi mass at a Bondi time, u1, is defined as the integral over S?
(the sphere with uj at Z), as

1

MB(UI) - 47TG S2

dQZT]ngB(’U,l, z,Z). (61)

The Bondi mass is positive and time dependent, such that it is always non-increasing with
time. Moreover, in the limit u — —oo, S2 asymptotically approaches the spatial infinity,
and the Bondi mass is equal to the (conserved) ADM mass [8}9]

Mapum :uEIElOOMB(u). (62)

Moreover, the time evolution of mp is given by the Einstein equation component G, at 7+
as

1 1
Oump = 7 [DIN** + DIN*] = S N..N** — 4xG lim [T ], (63)

r—00

where TM is the matter field’s energy-momentum tensor. Using the Einstein equation in
and considering a compact source with 72T ~ O(r=1) at future null infinity, we have

1 [
Mp(ug) — Mp(uy) = —4/ du/dQangszN”, (ug > uq), (64)
ul

in which the D2N*? terms vanishes under the S? integral. This is the famous Bondi mass-
loss formula which measures the amount of mass-loss after some radiation through Z* (see
figure . That is zero in case that the Bondi news vanishes. Otherwise, the Bondi mass is
decreasing with time in the form of gravitational radiation.
The angular momentum aspect,
N.(u,z,z),

defined in the above is governed by a constraint equation
1 2zz 2zZZ 1 zz 1 2z : 2mM
OuN, = ZOZ(DZC — D;C*) — ud,0,mp — ZaZ(CZZN ) — §C’ZZDZN + 887G li)m T, .(65)
T oo

Integrating the above similar to the mass aspect, one can find the amount of angular mo-
mentum carried by the GWs.

Part 11
Expanding Universe

3 Gravitational Waves in expanding Universe

In the first part, we studied gravitational radiation in asymptotically flat spacetimes. In
this part, we want to explore the generation and evolution of gravitational waves in the
cosmological background.
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Cosmological era Eq. of state Scale factor Hubble SEC

Cosmic inflation w~ —1 a(t) = Exp(Ht) H(t) = Hing No

(e=-2 <) w=-1+2¢ a(r)=—-7= H(r)= -1

Radiation era w=1 a(t) = (%)% H(t) = 2 Yos
a(r) = & H(r) =1

Matter era w=0 a(t) = (%)% H(t) = % Yes
a(r) = ()’ Hr) =2

Table 1: Equation of state, scale factor, and the Hubble parameter for the each cosmological eras. The last
column shows the validity or violation of strong energy condition (SEC) during that era, i.e. if p + 3P > 0.
Here H = aH.

3.1 Cosmological background

Modern cosmology is based on two key observational facts: i) the universe is expanding and
ii) on large scales (> 100Mpc) the matter distribution is homogeneous and isotropic. The
average spacetime is then described by the Friedmann-Lemaitre-Robertson-Walker (FLRW)
metric

dr?

Tz T r2d0?), (66)

dstrpw = —dt* + a* (1)

where ¢ is the cosmic time, a(t) is the scale factor, and k = 0,41, —1 describe flat, positively
curved and negatively curved spacelike 3-hypersurfaces, respectively. From now on, we re-
strict our discussion to the case of the flat universe with k¥ = 0 which is favored by present
observations.

For a perfect fluid with energy density, p, and equation of state, w

P = wp,

we have the Friedmann equations as

G

' 1
3M§.1(%)2:p and M2, —5(1+3w)p. (67)

a i
The scale factor is a function of only time and during different cosmological eras is given in

the table [l
The cosmic time, t, is related to the conformal times, 7, as

TE/;(Z;. (68)

Solving for the scale factor in (67)), we have a(t) in terms of the cosmic time and conformal
time respectively as

tr TI

a(t) = <t>(+”” and a(r) = <T>””) (69)

where t; and 77 are some positive constants.
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Figure 6: The (comoving) causal past of an observer today at 7o (redshift zo = 0), in FLRW spacetime made
of ONLY ordinery matter, i.e. 1+ 3w > 0. The orange line shows the last scattering surface, Tr.. (at redshift
Zree = 1090). A and B are two causaly disconnected points at last scattering surface. In fact, the angle spaned
by the shaded area at the last scattering surface is the comoving horizon at recombination.

In order to understand the causal structure of the cosmological spacetime, ds? = 0, we
consider the radial null geodesics given as

r(r) —r(r) = /T: dr' = /0: C%, (70)

which is specified in terms of the comoving (particle) horizon, (aH)™!, as

(ot = LI o s, (71)

Horizon problem:

Ordinary forms of matter, with positive pressure, satisfy the strong energy condition
(SEC), i.e. p+ 3P > 0. Thus from (7I), the comoving horizon increases as the universe
expands. Now, let us compute the angle spanned by the comoving horizon at recombination,
6. As we see in figure[6], 6 is given as

2(7'7‘ec - Ti)

sinf = (72)
T0 — Trec
On the other hand, we can read the 7 integral in (68]) as
2 dz
S B 73
L HG) (%)
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where z is the redshift parameter

1
L+z= s, (74)

in which we set the scale factor today to unity, ag = 1. Moreover, the Hubble parameter is

H(z) = /(1 + 2 + Q,(1+ 2)1 + Q. (75)
where Q,, = 0.3, Qy = 122’;7 and Qp = 1 — Q,, are the matter, radiation, and (late time)

dark energy fraction (z¢, = 3400). Using and in and solving the integral, we
find

0, ~ 2.3°. (76)

Therefore, causal theories should have vanishing correlation functions for 6 > 6. = 2.3° and
therefore CMB at the time of decoupling naively should be consisted of about 10* causally
disconnected patches. However, we observe an almost perfectly uniform CMB temperature
field across super-horizon scales at recombination. As we see in the following, cosmic inflation,
an early period of accelerated expansion in which the SEC is violated, solves the horizon
problem dynamically and allows our universe to arise from generic initial conditions.

3.2 Cosmic inflation

The inflation paradigm postulates a brief period (within 1073* s) of quasi-exponential accel-
erated expansion during which the scale factor increased by over 60 e-folds. This considerable
expansion is sourced by a negative pressure component in energy-momentum of the matter
contents and drives the universe towards almost perfect homogeneity, isotropy, and flatness
that we have observed.

Our discussion of horizon problem was based on the validity of SEC (1 + 3w > 0) and
therefore growing Hubble sphere of the standard Big Bang cosmology. A simple solution
therefore is a phase of decreasing Hubble radius in the early history of the universe,

d(aH)™!
(adt> <0 where 143w <O0. (77)
If this lasts long enough, e.g. —%end = €0 the horizon problem can be solved.

Ainitial

During this phase, the spacetime is very close to a de Sitter space and the Hubble pa-
rameter, H, is almost constant. The deviation from a perfect de Sitter space is quantified in
terms of two slow-roll parameters

é
H? He’
which should be small during the slow-roll inflation. For a very nice lecture notes on differnt
aspects of cosmic inflation see The Physics of Inflation by Daniel Baumann.

€= — and n= (78)

4 Gravitational waves in cosmological eras

We perturb the metric around cosmological background and keep only the transverse trace-
less perturbation, i.e. gravitational waves, as

ds* = a2< —d7? + (65 + ’yij)dxidxj) (79)
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Figure 7: Evolution of conformal horizon, (aH)™! (red line), comparing with a given wavelength, k= (blue
line), as a function of Ina. Image credit: Inflation by Daniel Baumann .

X
Inflation radiation . matter
A
- -
— —
—-— "
- N\
1 a
——
==
— \
. N\
a 1 o=\
—_— -_ \ —_—
k H

a

Figure 8: The Hubble radius, %, and the physical wavelength, ¥, as functions of the scale factor. Notice that
X is the physcial coordinate, X = ax. The black line shows 1/H, the red and blue lines are the physical
wavelength of two modes which re-entered the cosmic Horizon during radiation domination (RD) and matter
domination (MD) eras respectively. The shaded yellow region shows causally connected points, while the gray
shaded one shows our ignorance about reheating.

It is more convenient to go to the Fourier space and expand the field in terms of its polarization
states

’Yij(7-7 E) - Z 6%(];3)’}’0(7', ];;)a (80)

o=+,X
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+
]

equation of v, (7, k) is

where et (k) and e;(l%) are the plus and cross polarization tensors respectively. The field

V(K) + 2HAL (k) + kg () = 0, (81)

where again a prime denotes a derivative with respect to the conformal time and H = aH. We
can extract analytically some general features of the solution by using the field redefinition

ho (T, k) = avy (T, k). (82)

The field equation takes the simple form

W, K) + (k> — —)he(,k) = 0, (83)

/

where ' means derivative with respect to the conformal time and the effective mass term

< = LaH)*(1 - 3w) is

a

2H*(1—€) ~ %(1—¢) inflation
=40 radiation-era . (84)

%7—[2 ~ % matter-era

When the mode functions are outside the horizon (% > 1), the gravitational wave is a constant

while when it is well inside the horizon (% > 1), it is a simple oscillating function scales like
1/a

. {'yo (& <1 (85)

U’T,kO( s
1o (T k) Lsin(k +a) (£ 1)

a

where vy and « (a phase), are both given by the initial conditions. See figure @ The energy
density of the gravitational waves are given as

_ 1 2
pPGW = 397G JZ;X (Y (86)

where the expectation value denotes average over several wavelengths. For gravitational
waves inside the horizon, we have ¥ o< k cos(% + a)/a® which gives

—4
pPGw X a -,

as it is expected from any form of radiation.

4.1 Inflation and primordial gravitational waves

Cosmic inflation generates primordial scalar perturbations that seeds all structure formation
in the observable universe. More precisely, most of the inflationary models consistent with
the date predict an adiabatic and almost non-Gaussian scalar perturbation, the comoving
curvature perturbation ¢ with a nearly scale invariant power spectrum as

A= A () (87)
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Figure 9: The time evolution of v+ x (7, k), normalized to its initial value as a fucntion of z = log(a), for
three different values of the wavelength. Image credit: Gravitational Waves. Vol. 2: Astrophysics and
Cosmology [11].

which specifies in terms of two numbers A, and the spectral tilt

dlnPC
dink’

which is of the order of slow-roll parameters. Another critical prediction of inflation is the
existence of a stochastic primordial GWs background (PGW) generated by tensor perturba-
tions in the geometry of the very early universe. In this part, we discuss this mechanism.
Just like CMB, this relic stochastic GWs is a random noise of GWs with no sharp, specific
characters in either the time or frequency domains. However, GWs has an advantage over
the CMB because while photons decoupled about 4 x 10° years after the big bang, primordial
GWs could free-stream from times as early as (possibly) Planck scales.

We are interested in metric perturbations that correspond at present time to gravitational
waves. The linear Einstein equation for such a metric perturbation is given by Eq. where
V,, is the covariant derivative in FLRW metric and it is sourced by the anisotropic stress
tensor of matter fields

(83)

ng=1+

1
mij = 0T} — gaijaT,f. (89)
More precisely, we have

83%]‘ + 3Hovij — a*28£%~j = 87TG7F£-, (90)
in which 77;:? is the traceless and transverse part of m;;. E| Before going any further, note that
the tensor sector of perturbations, h;; and 777;],
transformations. Hence they are gauge invariant and physical quantities.

are invariant under infinitesimal coordinate

e Quantum origin of the perturbations:

4Using the standard scalar, vector, tensor decompostion, we can decompose 7'('7;7;- as
1
Tij = 8i2j7rs - §a27TS52‘j + 23(1-7@/) + TI'Z;,
where 9y} = 8i7riTj = 0 [12]. Being a perfect fluid or having irrotational flows are physical properties,

thus their corresponding conditions are gauge-invariant. In other words, ©°, 7", 777;]- are all invariant under
infinitesimal space-time coordinate transformations.
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For solving the field equation, we then need to set the initial condition. Assuming seeds of
perturbations to be from the quantum fluctuations, so-called Bunch-Davies vacuum, imposes
the initial value in the asymptotic past as

- 1
lim h k)= —
T—I)IPOO +x (7—7 ) m
hence both polarization states have the same initial values. In general relativity and the ab-
sence of cosmological higher spin fields, e.g., gauge fields and fermions, to serve as a stochastic
source for gravitational waves, the anisotropic stress is zero. Therefore, the resulting pertur-
bations are originated by vacuum fluctuations

efilm'7 (91)

-,

hi(T) = ha(7,k) = hy (1, K). (92)

which are un-polarized.

4.1.1 Adiabatic perturbations

Interestingly, regardless of the cosmological era which we have, in the limit that the physical
wavelength is much smaller than the Hubble rate, k/a < H, the field equation has two
solutions

Tend dT/
hEl(T) = cst. and hE’z(T) :/ ()" (93)

which as we see, the second solution is decaying with time. Moreover, these are the solutions of
a second order differential equation so in the absence of any new degree of freedom, the above
are all the possible super horizon solutions. Therefore at late times and for a genetic initial
condition, the gravitational waves eventually get dominated by h/}',r The above solutions are
the adiabatic modes which are the result of the Weinberg’s adiabatic modes theorem [12].
Here we only use its automatic result, but later in section I will get back to it and discuss
this theorem. The above simple observation has an amazing physical consequence. Recalling
that during inflation many Fourier modes leave the Hubble horizon which eventually during
radiation or matter era return to our causal patch, the above implies that once the adiabatic
mode is outside the horizon it is conserved and constant, regardless of the complicated and
unknown physics inside the horizon. Thus, this powerful effect allows us to connect the
distant past of our Universe to its recent past. Therefore, in the absence of the super-horizon
entropy and anisotropic inertia perturbations, inflation predicts adiabatic fluctuations.

4.2 (Almost) scale invariant Power spectrum

Here by solving the field equation in . The general solution during inflation is expressed
as a linear combination of Hankel functions

k .
hi(T) =~ W(2 |T|)el(1+2”R)”/4 (clH,E;)(T) + CQHIE]Z) (T)) , (94)
where

3
vp g te (95)
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Now, focusing on inflationary era and after imposing the usual Minkowski vacuum state
for the inflationary solution in , we obtainc; =1and ey =01in . The 2-point function
of gravitational waves is

272 37 L IINA2
Yevg) = Fé (k+K)AT (96)

where A?p is the power spectrum of the fluctuations. During inflation, the super-horizon
(k > aH) tensor power spectrum is

2 H? K
AZ = 2 (2 97
T 2 '7”1%1<GH) e ) < )

and its deviation from exact scale invariant, tensor spectral index nyp, is

dln A2
nr =~ = —2¢. (98)

The power spectrum predicted by inflation is specified by the energy scale of inflation and is
nearly (but not exactly) scale invariant. Another important quantity is the tensor-to-scalar
ratio

R (99)

which is the ratio of the power spectrum of GWs to the scalar curvature perturbations. The
current upper limit on tensor fluctuations is

r0.05 < 0.07 at 95% CL

which comes from the latest joint analysis of Planck and BICEP2/Keck array measurements
[13].
4.3 Nearly non-Gaussian stochastic field

At the level of linear approximation, inflationary fluctuations have a Gaussian probability.
The statistical properties of an isotropic Gaussian fields are completely determined by the
2-point function

(Pry Py} = (2)26° (k1 + k) Pyl ), (100)

while any odd-point function, e.g. its bispectrum, is exactly zero

(Pky PkyPrs) = 0. (101)

This Gaussianity is a direct consequence of i) neglecting 2nd order terms in the equation
of motion as well as ii) the cosmological principle. However, both of the above are not
exact conditions during inflation and cosmic fluctuations break them both. As a result, the
generated perturbations are not exactly Gaussian. The deviation from Gaussianity can be
formulated in terms of the bispectrum as

(Phy Phahs) = (27)30% (k1 + ko + K3) By (ki ko, k3). (102)
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Figure 10: Marginalized joint 68 % and 95 % CL regions for ns and r at k = 0.002Mpc~* from Planck alone
and in combination with BK14 or BK14 plus BAO data, compared to the theoretical predictions of selected
inflationary models. Image credit: Planck 2018 results X: Constraints on inflation .

If the power spectrum is scale-invariant, then the shape of the Bispectrum only depends on
two numbers as

By (k1, k2, k3) = k; ° By (1, 22, x3), (103)

k1
of the bispectrum. Considering k1 to be not greater than ko and k3, we have the following

three possible limits. In the limit that k; < ko ~ k3, the bispectrum is called squeezed. In
case that k1 = ko = kg it is called equilateral and if ko = k3, it is folded. Depends on the
details of the inflationary model, the bispectrum has a peak in different limits.

squeezed equilateral
— T3

10F

where 3 = %2 and 25 = %} In figure we present the possible momentum configurations

09+
0.8 F
T2
0.7F

0.6

0.5 £y

Figure 11: The shaded area shows the possible momentum configurations of the bispectrum. Image credit:
Primordial Non-Gaussianity by Daniel Baumann.

Computing the gravitons 3-point function as well as the combination of 2 scalars and
one graviton Bispecturms in the squeezed limit for the vacuum GWs in general relativity,
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one realizes that they are both slow-roll suppressed. The reason for that is the fact that
the self-interaction terms are subleading by slow-roll parameters. In the squeezed limit, an
adiabatic long (classical) wave gravitational wave acts as a coordinate transformation for the
other short wavelength modes, either gravitons or scalars. That then leads to the Maldacena’s
powerful consistency relation which we review in the next section.

5 Adiabatic modes and inflationary consistency relations

Here, we briefly review Weinberg’s adiabatic modes theorem and Maldacena’s inflationary
consistency relations. For more details on Weinberg’s adiabatic modes see [12,/15] and for
further information on Maldacena’s inflationary consistency relations see the seminal paper
[16]. The adiabatic modes and consistency relation can be extended to include the gradient
expansions. Maldacena’s original consistency relation has been generalized to the conformal
consistency relation in [17] and to an infinite set of Ward identities in [18].

5.0.1 Weinberg’s Adiabatic modes

We start with the construction of Weinberg’s adiabatic modes in the Newtonian gauge which
is essential for the derivation of the consistency relations. Fixing the gauge, uniquely specifies
all the modes with finite momentum, k # 0. However, there are residual gauge symmetries
for the very long-wavelength modes, which remain a symmetry of the gauge-fixed action.
Starting with the flat FRW metric as the unperturbed metric

ds® = —dt* + a*dx>. (104)

Here we focus on the implications of the diffeomorphism invariance on the nature of the very
long-wavelength modes with k/H < 1. Therefore, only the homogeneous diffeomorphisms
are relevant. The general spatially homogeneous perturbed metric in the Newtonian gauge is

ds® = —(1+2®(t))dt* + a? <(1 —2W(t))6i; + ’yij(t)>d:cid$j, (105)

where ® and ¥ are the Bardeen potentials and «;; is the traceless tensor perturbation, gravity
wave. E| One can decompose the general spatially homogeneous perturbed energy-momentum
in the Newtonian gauge as

Too = —pgoo +6p(t) and Ty, = —(p+ P)o;du(t), (106a)
Tij = P(t)gi;(t) + a® <5ijap(t) + 055 (t) + ) (t)) : (106b)
where a bar denotes an unperturbed quantity, dp, P and du are the perturbed density,
pressure and velocity potential respectively. Moreover, 7° and 773;» are the scalar and tensor

anisotropic inertia which characterize departures of 7}, from the perfect fluid form. H
Under the action of diffeomorphism transformations

at = ot =t + e (t, x), (107)

SHere we neglect the vector perturbations due to their damping nature in most of the inflationary models
including our axion-gauge field model.

5Tt is interesting to note that in the decomposition (I06b), the effects of bulk viscosity are included in
op [15).
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there is a e* which generates spatially homogeneous transformations on the metric and pre-
serve the Newtonian gauge [12]

60(t7 X) = _f(t) - X(X)7 (1083‘)

€(t,%) = (66 + o13)27 — Dx(x) / af(tt) (108b)

where 6 is a constant scalar and o;; is a constant, traceless and symmetric matrixﬂ o = 0.
Therefore, choosing the Newtonian gauge, we are still left with residual gauge symmetries
for the zero wavenumber modes. These diffeomorphisms do not vanish at spatial infinity and
therefore are called large gauge transformations. The scalar functions f(¢), x(¢) and 6 act
only on the scalar perturbations

D(t) — O(t) + f(t) and U(t) — U(t)+ 60 — Hf(t), (109)

while keep the tensor perturbations untouched. On the other hand, o;; acts only on the
gravitational waves as

Yij (t) —> Yij (t) — 20'1']‘. (110)

Therefore, if ®(t), ¥(t) and 7;;(t) are solutions of the spatially homogeneous Einstein equa-
tions, their transformed quantities and their differences are also the spatially homogeneous
solutions. In particular, in the scalar sector, we have spatially homogeneous solutions of the
form

Da(t) = —f(t) and Wa(t) = Hf(t)—0, (111)
which corresponds to a cosmic fluid given as
dpa(t) = —pf(t), SPA(t) = —Pf(t), dua(t) = f(1), (112)

with a vanishing scalar anisotropy

5 (t) = 0. (113)

That leads to a constant comoving curvature (R = —W¥ + Hdu) and curvature perturbation
((=-¥—Hdp/p)

Ra(t) =Calt) = 0. (114)

There is also a spatially homogeneous solution in the tensor sector as
At) = 204 115
71]( ) = 4044, ( )
with a vanishing tensor anisotropic inertia

T () = 0. (116)

Up to now, the solutions (111)) and (115]) are only gauge degrees of freedoms for the k = 0
mode and the Weinberg’s theorem relates them to the physical modes. The essential step in

“In general, ei(t, x) can have a constant term €} as well as a term like Wij z’ where wij = —wj;. Here, however,
we ignored them because (due to the spatial translational and rotational symmetry of the background metric)
they do not have any effects on the linear perturbed metric.
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Weinberg’s theorem is as follows. In case that the anisotropic inertia 7;;(¢, k) and the entropy
pSP—Pdp
3(p+P)?
are extendible to modes with k& % 0. Since solutions with non-zero wavenumbers have no
residual gauge symmetry in the Newtonian gauge, these modes are physical. When solving
the linearized Einstein equations, there are two scalar and two tensor physical solutions which
are constant at k/H < 1 (eq.s and (115)), called adiabatic solutionsﬁ One immediate
consequence of this theorem is that these modes freeze out at horizon crossing and become
indistinguishable from a redefinition of the background metric

g,ll»l/(w + 5931/(0 = éuu(i’)u (117)

perturbations, vanish in the limit k/H < 1, the spatially homogeneous solutions

which implies

09 (t) = LG (1), (118)

where L, denotes the Lie derivative with respect to e*.

5.0.2 (Gaussianity and Maldacena’s consistency relation

Now, we turn to the consistency relations which is a powerful probe of the early universe
physics and holds under very general conditions, i.e., when the long-wavelength mode is
adiabatic. Therefore, assuming Banch-Davis initial condition, the scalar consistency relation
only holds for single clock inflationary models in which the entropy perturbation is zero.
However, gravity waves consistency relations hold for more general inflationary models. More
precisely, assuming Banch-Davis initial condition, only models in which WiTj # 0 at super-
horizon scales can violate tensor consistency relations, e.g., solid inflation [19] and anisotropic
inflation [20]. Asshown in [21], such inflationary models violate the cosmic no-hair conjecture.

Since the tensor modes are the main focus of this work, here we present the consistency
relation for the gravity waves. The scalar consistency relation is the same and one only needs
to replace ’y{]\- with the (adiabatic) curvature perturbation (s. The key physical point behind
the consistency relations is the observation that the adiabatic long-wavelength modes can be
removed by the local coordinate transformation of the background metric, i.e. . Hence,
they act as a classical background for the short wavelength modes, which freeze out much
later than the long mode. In particular, an n-point correlation function of the short modes
can be written as

(C(z1)¢(@2) - C(Fn))ya (@) = (C(Z1)C(T2) -+~ C(Tn)), (119)

which Taylor expanding RHS around 2!, we find the change of the short distance n-point
correlation function as

3(C(&1)¢(E2) - C(Fn)) = Y 0LV I{C(21)C(w2) -+ () + -+ (120)
I=1
where 2% and Z° are related as
P =g 4 %73:1:1. (121)

8This solution leads to equal values of 6p,/p, for all individual elements in the cosmic fluid which explains
the name adiabatic.
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As a result, the (n+1)-point correlation function including the long-wavelength mode is given
as

@ anelen) Gl = 5 (onhte leal (@6l G, (122

in which we only keep the dominate term that has the relevant contribution. The above
equality is the consistency relation in real space. Going to the Fourier space, we can expand

vi5(q) as

72] Z 7/\ ez] Q> ) (123)

where e;;(¢,\) are the time-independent polarization tensors, e;;(qg, )\)e*ij(q“,j\) = 25”‘, in
which A = + corresponding to the +2 helicity states. Moreover, the two-point function at
late time is given as

(@) (@) = (2m)36@ (q + @) Py (q)s™, (124)

in which

3 H2
P(q) =q" <M§1>’ (125)

is the power-spectrum. Then using the above and neglecting the gradients, we arrive at the
Maldacena’s consistency relation

1
(7 (@) Gy Gy~ - Ckn>/ = _§P¥ac ZeU q,A khakly (Cir Gz~ ke n> for ¢—0, (126)

where the prime in (---) indicates that we extracted the prefactor (27)35®)(q + Y7 ki)
associated to momentum conservation. Note that the above result follows directly from the
fact that adiabatic long-wavelength gravity wave is equivalent to a change of coordinate for
the short wavelength mode, regardless of the super-horizon behavior of the short modes.
Therefore, as far as our inflationary system generates adiabatic tensor perturbations the
above consistency relation holds.

6 Gravitational waves and CMB

We now come to the effect of GWs on CMB anisotropies.

6.1 Integrated SachsWolfe effect

For that purpose we need to compute the effect of the perturbations on the photon trajectories

v @ ()PP =0, (127)

where PH = % is the photon’s 4-momentum and I'j/5(z*())) is the Christoffel symbols up
to the first order of perturbations. The photon’s energy measured with respect to the rest
frame of the baryon-photon fluid is

E(2") = —=P"(2")uy(z"). (128)
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Suppose that a photon emitted with energy Ep at a point, zf, and is observed at 1"5 with
Eo. Then, the temperature at m’é and at x’é in a rest frame of baryon-photon fluid are given
as

E T
=0 -9 (129)
Egp Tg

From the above and the photon’s geodesics (127]), the temperature perturbation today in
direction 7 is given in terms of the perturbations at the time of the photon decoupling, 74,
as

AT(n 1 . . .

% = Zé'y(Tdecv TLn) + ‘Il(Tdecy TLn) + q)('rdeca TLn)

0 1 . .
+ / dr [@'(T, (1o — 7)R) + (1, (10 — T)R) — §nznjhgj (1, (10 — T)n) | ,(130)

T

dec

where 77, = 70 — Tgee, O~ (Tdee, 77) is the density perturbation in the radiation fluid and nt is
the propagation direction of the photon. The second line is the integrated SachsWolfe effect
which receives contributions from the whole period from 7. to the present, 9. That includes
the effect of a time-varying gravitational wave during the passage of the CMB photons from
the last scattering to the present.

6.2 CMB polarization

Up to now, we considered the temperature fluctuations in CMB which its two-point temper-
ature correlation function provides an important characterization of CMB anisotropies. In
addition to the temperature anisotropies, there is more information to be gained by measur-
ing CMB. More precisely, CMB photons are expected to be polarized due to the Thomson
scattering by free electrons before decoupling. The polarization of CMB photons provides
the cleanest and a promising method to detect primordial gravitational waves.

3 minutes: nucleosynthesis
few months: thermalization e

Hot

Thomson
Scattering

Linear
Polarization

N)

Figure 12: Left: A brief thermal history: nucleosynthesis, thermalization, recombination and reionization.
Image credit: from Wyne Hu lecture notes . CMB formed during the recombination epoch at redshift
Zrec =~ 1090, when free electrons became bound into hydrogen and helium. The universe back to full ionization
again around z ~ 10 leaving an extended neutral period between recombination and reionization. Right:
Thomson scattering of CMB radiation by a free electron. An unpolarized radiation with quadratic anisotropy
becomes linearly polarized by Thomson scattering.
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The polarization of an electromagnetic wave is described in terms of the Stokes param-
eters. Consider a monochromatic electromagnetic plane wave that propagates along the
direction 3, can be decomposed as

El ei91
E — efi(wtfl;.:f) E2€i02 ) (131)
0

We can describe the above radiation field with the 4 Stocks parameters

I = (E})+(E3), (132)
Q = (Bf)—(B3), (133)
U = 2(Ei1Ejcos(61 — 02)), (134)
V = 2(E1Eysin(6; — 02)), (135)

where only 3 of the above are independent, i.e.
P=Q*+U*+V2
See figure [13] for the polarization corresponding to each of the Stokes parameters.

e The quantity [ is total intensity of the wave, here the temperature anisotropy.
e () describes the difference between the linear polarization in é; and é; directions.

e The U and V parameters give information on the phases. In particular, expanding the
wave in the £1 helicity polarization states, é+ = (é1 £ ié3)/v/2, we have

V=(Ey)* —(BE-)%, (136)

which represents the difference between the positive and negative helicity intensities.
The U can be written as

U= 2<E+E_ sin(9+ - 9_)> (137)

e Note that the mechanisms that generates CMB polarization produces only linear polar-
izations, and no circular one. Therefore, in the absence of any parity violation interaction
during inflation, we can set V = 0.

e Finally, the angle of polarization is

Es
t = —. 138
an o El ( )

Under a rotation of angle ¢ around the és3 as

/ .
(x/) _ < cos ¢ sm<p> <x> 7 (139)
Y —singp cosy /) \y

the intensity, I, and the helical (circular) polarization, V, remain invariant. However, the
linear polarizations, ), and U, transforms like spin-2 fields

(Q'(e3) £iU'(e3)) = e (Q(é3) £ iU(é3)). (140)
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Therefore, I and V' can be expanded in terms of scalar (spin-0) spherical harmonics, just as
the temperature is expanded as

= Zalm }/lm(ﬁ)a (141)
l,m

while @ £ iU can be expanded in terms of spin-weighted (spin-2) spherical harmonics as

Q(n) +iU(n Zalm +9Yim (R (142)

For any arbitrary n direction, a function sf(72) defined on the sphere is called to be of
spin s if under a rotation of angle ¢ around the 7, it transforms as

sf'(R) = e f ().

Any function of spin-s on the sphere can be expanded in terms of the spin-s weighted spherical
harmonics, sYj,, (7). The spin-weighted spherical harmonics are related to the scalar (spin-0)
spherical harmonics as

Yim(R) =/ 015V, (R) for 0<s<I (143)
$Yim () z,/g_g)i(_nsw*)*s m(R) for —1<s<0, (144)

where 0T are the spin raising and lowering operators given as

8% ,f(h) = — sin®® 9<89 + sifle‘%) [sin* 6 ,f(7)]. (145)
Using ((143]) and (144]), we can express the polarization as

(0%)*(Qn) £iU () =

Z Vi (12). (146)

Since the Stokes parameters, Q £ iU, are not invariant under rotation, it is more convenient
to expand them as

(Q(A) £iUR)) = (afy, £iaf},) +2Yim(h). (147)

Lm

Therefore, one can define two scalar (spin-0) fields instead of the spin-2 fields, Q + iU, as

=> af,Yim(h) and B(h Z af Yim (1 (148)
Im

See left panel of figure

e The scalar quantities £ and B, completely determine the linear polarization fields.

e The E-mode is curl-free and even under the action of parity. Its polarization vectors are
radial around cold sports (under dense) and tangential around hot spots (over dense).

e The B-mode is the divergence-free field and odd under parity. Its polarization vectors
have vorticity around the under and over dense areas.
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Figure 13: Left: The polarization correspondingtoU =V =0 (aandb), @ =V =0 (candd),and Q =U =0
(e and f). Right: E-mode and B-mode patterns of polarization. The polarization vectors around a cold spot
and hot spot are shown in blue and red respectively.
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Figure 14: E- and (delensed) B-mode power spectra for a tensor-to-scalar ratios r = 0.3, and for » = 0.01.
Shown are also the experimental sensitivities for WMAP, Planck and two different realizations of a future
CMB satellite (CMBPol) (EPIC-LC and EPIC-2m).

e The angular power spectra are defined as

1
S 1 > (amal,) where XY =T,E,B. (149)

m

The autocorrelations of E- and B-modes, denoted by FE and BB, are presented in the
right panel of figure

e Scalar perturbations create only F-modes and no B-modes. However, vector perturba-
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tions create mainly B-modes.

e Tensor perturbations create both F-modes and B-modes.

Primordial gravitational waves and B-modes have not yet been detected. Recalling that

scalars do not produce B-modes while tensors do, a detection of primordial B-modes is a
smoking gun of primordial gravitational waves, and therefore of inflation.
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