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A lot of things done together!

Relativistic 
jets

AGN jets: 
• kpc-scale 
• pc-scale 
• blazars

GRB jets: • collapsars 
• mergers

Supernova 
connection

Modeling  
the central  
engine 

• GR-CC-CoCoNuT 
• CFC GW-forms 
• MHD core collapse 
• Growth of seed B-

fields

SN bound 
remnants

• Magneto-elastic 
oscillations of NS 

• GRHD CC to BH

SNR • 3D simulations of 
SN remnants

According to AD
S, we 

have publ
ished together

 

73 papers
 since 19

94!

• EM - Martí - Ibáñez (1994-98): Exact solution 
of the RRP and first relativistic jets in planar 
and cylindrical symmetry. 

• EM - Aloy - Martí - Ibáñez (1998-03): 
Relativistic jets in 3D planar symmetry.

• EM - Mimica - Aloy (2004-08): advanced 
radiation transfer coupled to RMHD for 
blazars.

• EM - Scheck - Aloy - Martí (2001-02): Long 
term evolution with realistic EoS.

• EM - Leismann - Aloy - Martí - Ibáñez 
(2001-02): RMHD jets.

• EM - Dimmelmeier - Font -Cerdá-Durán - 
Ibáñez, 2000-08:  1st relativistic waveforms 
in CFC. Birth of the CoCo+ codes (CoCoA, 
CoCoNuT, M-CoCoA,…)Ibáñez talk!

• EM - Obergaulinger - Cerdá-Durán - 
Rembiasz - Dimmelmeier - Aloy, 2004-17: 
Dynamical effects of the B-field on CC, GW-
signals, explosion mechanism

• EM - Gabler - Font -Cerdá-Durán - Ibáñez, 
2011-17:  Relation between torsional 
oscillations of magnetars and observed 
QPOs.

• EM - Cordero-Carrión- Montero - Cerdá-
Durán - Font, 2006-17: “hydro-without-hydro” 
evolutions of spherical and rotating relativistic 
stars in equilibrium, and single BHs

• EM - Obergaulinger 2013-14:   interaction of 
supernova shock waves with a clumpy 
environment.
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Progenitors lGRB: Collapsars
Woosley (1993) 

– Collapse of a massive (M* ~ 30M�) rotating star that does not 
form a successful SN but collapses to a BH (MBH ~ 3M �) 
surrounded by a thick accretion disk. The hydrogen envelope is 
lost by, e.g., stellar winds, interaction with a companion (WR).

MacFadyen & Woosley (1999)

– Key: Formation of a funnel 
around the rotation axis  

 (ρfunnel /ρdisk ~ 10-3- 10-4)            
if 3≤ j16≤ 20 cm2 s-1 

– The viscous accretion onto the 
BH ⇒ strong heating ⇒ 
thermal νν-annihilating 
preferentially around the axis 
⇒ formation of a relativistic jet 
(Γ>10)?. 

– Alternative generation: 
hydromagnetic (Blandford-
Payne mechanism) or 
electromagnetic (Blandford 
Znajek mechanism). 4
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Things I learned with Ewald from 
simulations of collapsar jets

– Outflows highly variable due to KH or SD instabilities ⇒ extrinsic 
variability which can be the source of internal shocks. Extrinsic/
intrinsic(=source) variability might be indistinguishable.

– Jets show transverse structure: 
ultrarelativistic spine (Γ~50) + 
moderately relativistic, hot shear 
layer (Γ~5-10). 

– The jet breakout through the 
stellar surface and its interaction 
with the stellar wind could lead 
to some precursor activity.  

– The cocoon transports a 
sizeable fraction of the energy 
and could yield γ-ray/hard X-ray 
transients  
⇒ unification GRBs/XRR-GRBs/XRF 

– Jets are inertially confined by 
the star with θbreak<5o.

Aloy, Müller, Ibáñez, Martí & MacFadyen (2000)
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Core collapse with B-fields and rotation

B0 = 1010 GB0 = 1010 G

B0 = 1013 G

B0 = 1011 G B0 = 1011 G

B0 = 1012 GB0 = 1012 GB0 = 1013 G

Obergaulinger, Aloy, Müller (2006) Obergaulinger, Aloy, Dimmelmeier, Müller (2006)
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Fig. 6. The dynamics and the GW signal of model A1B3G3-D3M12. The upper left and middle panels provide a comparison of the evolution of
the rotational energy parameter βrot and the maximum density of this model (solid lines) with those of model A1B3G3-D3M10 (dashed lines).
The upper right panel displays the evolution of βmag (solid line), βφ (dashed line), and βmag − βφ (dotted line), respectively. The GW signal is
shown in the lower panels: total amplitude (solid line, left; the dashed line gives the total amplitude of model A1B3G3-D3M10), −AE2

20;hyd (solid
line, middle), AE2

20;grav (dashed line, middle), and AE2
20;mag (right). The corresponding variables of model A1B3G3-D3M10 are shown in Fig. 2.
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Fig. 7. Snapshot of the inner regions of model A1B3G3-D3M12 at t =
76.94 ms showing the magnetic pressure (color shaded), the bipolar
flow field (vectors), and the magnetic field lines, respectively.

times due to the MRI modes (that could not be resolved for the
weaker field; see Sect. 4.3), but farther away from the center
the fields have a similar topology.

Around the time of bounce the GW signal of
model A1B3G3-D3M12 is very similar to the one of the
less magnetized core A1B3G3-D3M10, and also the contribu-
tions of the individual parts of the total signal are comparable
(Fig. 6, lower panels). In the post-bounce evolution, both
the hydrodynamic and the gravitational part of the amplitude
start to decrease in magnitude, as the rotationally induced
asphericity of the core decreases along with the extraction of
rotational energy. The magnetic amplitude increases strongly
as magnetic forces act on the core decreasing its rotation. The
oscillations of the core are still imprinted on the post-bounce
GW amplitude, but their impact on the signal decreases
with time. In the long run, the amplitude assumes positive
values and varies relatively little. Dynamically, this phase is
characterized by the emergence of a weak outflow along the
polar axis far behind the shock wave created at core bounce.
This outflow is predominantly driven by magnetic forces
(Fig. 7). The positive long-term GW amplitude is mainly
due to the AE2

20;vrvr
term which is large inside the outflow,

whereas the inner parts of the model and the almost spherical
shock wave contribute little to the total signal. Despite the
differences in the post-bounce GW amplitude contributions
of the two models A1B3G3-D3M10 and A1B3G3-D3M12
their total signals are quite similar, i.e. distinguishing the
two models observationally would be very difficult.

• Axisymmetric collapse with simplified physics: influence 
of B and Ω on dynamics and GW signal 

• First with simple MHD methods 
• The byproduct of these models are realistic 

configurations for collapsars.
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The Aenus MHD code 
Obergaulinger et al. (2006a, 2006b, 2009, 2010,…)

1. Flux-conservative, FV, Eulerian formulation of the ideal MHD 
equations  

2. High-resolution shock capturing methods: 
• various optional high-order reconstruction algorithms: 

– 2nd-order total-variation diminishing piecewise-linear (TVD-PL) 
scheme (Minmod, van Leer or MC). 

– 4th-order weighted essentially non-oscillatory (WENO4) 
scheme (Levy et al. 2002). 

– 5th-, 7th- and 9th-order monotonicity-preserving (MP5, MP7, 
MP9) schemes (Suresh & Huynh 1997) 

•  Approximate Riemann solvers based on the MUSTA method (Toro & 

Titarev 2006).  
3. Self-gravity: Poisson solver. 
4. Constraint-transport scheme to maintain a ∇B = 0 (Evans & Hawley 1988): 

• Due to the staggering of different variables, careful (high-order) 
interpolation between different numerical grids. 

• We compute E from the velocity and the B-field at cell interface 
which we get as the result of the Riemann solver:  E-field consistent 
with the solution of the Riemann problem!. 

5. Parallel (MPI/OpenMP)-Fortran90 code.
7
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Initial models: Rigid rotator + Erot/Egrav = 0.009 

– Do not form tori+funnel systems 
– Do not produce polar outflows 
– Yield Bmax ~ 5x1014 G, with Btor/Bpol ~1-10 
– Mc~ 0.75 M�, Jc~ 2x1015 cm2/s ⇒ jBH ~ 0.6

B0 = 1010 GB0 = 1010 G

B0 = 1013 G

B0 = 1011 G B0 = 1011 G

B0 = 1012 GB0 = 1012 GB0 = 1013 G

Initial models: differential rotator + Erot/Egrav = 0.04 
– Form tori+funnel systems 
– For B0>~1012 G produce polar outflows 
– Yield Bmax ~ 1015 G, with  Btor/Bpol ~1-10 
– Mc~ 1 M�, Jc~ 1016 cm2/s ⇒ jBH ~ 1

Obergaulinger, Aloy, Müller (2006) Obergaulinger, Aloy, Dimmelmeier, Müller (2006)
Byproduct of magneto-rotational CC: realistic 

configurations for collapsars.
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B-field growth during collapse

WD-like structure

R~1000 km 
B0 ~ 109 G

pNS

collapse

R~10 km 
Bc ~ 1013 G

B-flux 
conservation

but Bc << 1015 G ⇒ collapse insufficient

Since we begin from massive stars with cores having 
WD-like configurations (B0 ~108 - 109 G) 

and by compression the (seed) B-field is be amplified to 
Bc ~1012 - 1013 G.

9
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Mechanisms for extra B-field growth
(differential) rotation 

+ 
convection 

+ 
seed B-fields

magnetic field 
amplification

accretion

R~10 km 
Bc ~ 1015 G?

convection 
MRI

BHpNS NS

collapsar protomagnetar

10
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Figure 1: Profiles of the radiation momentum density
in a stellar toy model. The lines show the results of
a simulation at times t ≈ 0,5,100,250,500, and 1000
with black, blue, light green, dark green, red, and or-
ange lines, respectively. Yellow vertical lines show the
borders of the different opacity regimes.

parable to the kinetic energy of the flow. Since the pre-
collapse field strength is expected to be rather weak
(Meier, Epstein, Arnett, and Schramm 1976), efficient
amplification of the field has to take place during and
after the collapse. Several mechanisms for field am-
plification involve a rapid rotation of the core. Among
these, the magneto-rotational instability (MRI; Bal-
bus and Hawley 1991; Balbus and Hawley 1998) lead-
ing to an exponential growth of a weak seed field may
be most promising. Under conditions typical for a SN
core, the MRI grows fastest on very short scale; fur-
thermore, its saturation, and hence the magnetic en-
ergy that can be reached, depends crucially on physics
at small spatial scales. Thus, the MRI is studied exten-
sively by means of local (shearing-box) simulations
(Hawley and Balbus 1992).
In order to study the physics of the MRI, we started

a series of local simulations (Obergaulinger, Cerdá-
Durán, Müller, and Aloy 2009). These differ from
similar computations performed before by the fact
that they focus on conditions typical for SN cores:
they study, e.g., the interplay between the MRI and
convection. The goal of these models is to find the de-
pendence of the saturated state on, e.g., the initial field
strength. Although simulations in small local boxes
can use comparably fine grid resolutions, highly ac-
curate numerical methods are nevertheless important
since they have a reduced numerical viscosity and re-
sistivity, and therefore allow to explore a larger range

Figure 2: The structure of 3d MRI model in the non-
linear saturated state: a volume rendering of the mag-
netic field strength and magnetic field lines. The red
and green arrows are pointing in the radial and Φ (ro-
tational) direction, respectively.

of (magnetic) Reynolds numbers. We show the struc-
ture of the magnetic field of a three-dimensional box
simulation in Fig. 2. In the non-linear saturated phase
of the instability, the flow and magnetic field exhibit
features of a wide range of spatial scales. The field
is organised in magnetic flux tubes elongated in the
direction of the fluid rotation (the green structures
in the figure). The mean magnetic energy of the tur-
bulent field is low, but in many simulations coher-
ent large-scale structures develop recurrently, the so-
called channel modes, that correspond to a strongly
increased magnetic field strength.

We investigated a related issue in the context
of neutron-star mergers (Obergaulinger, Aloy, and
Müller 2010). The two merging neutron stars touch
each other in a contact surface where strong shear
flows lead to the growth of Kelvin-Helmholtz (KH)
instabilities. Large-scale global simulations of merg-
ers (Price and Rosswog 2006; Rezzolla, Giacomazzo,
Baiotti, Granot, Kouveliotou, and Aloy 2011) found
that the magnetic field of the neutron stars is ampli-
fied very strongly there. Due to the limited resolution
of the simulations, no converged saturation level of
the field strength could be determined. Therefore, we
performed local box simulations of idealised models
of magnetised KH instabilities to investigate the de-
pendence of the saturated magnetic field on the seed
field and the parameters of the shear flow. We were
able to determine laws for the scaling of the final field
strength and energy with the most important parame-
ters of the model. Our results confirm local equipar-
tition of the magnetic field with the kinetic energy of
the flow as an upper limit to the amplification.
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Fig. 11. Details of the magnetic field structure of the core at three different times after bounce: t − tb = 9 ms (left), 11.5 ms (middle), and 14 ms
(right), respectively. The ratio of magnetic pressure to thermal pressure Pmag/P is shown color-coded. Thin, white lines are poloidal magnetic field
lines, while the thick, white line marks the neutrino-sphere. The axis labels are in units of km.

resulting elliptic equations are solved using a linear Poisson
solver. The motivation to use CFC is based on the astrophysical
applications envisaged for the code, which do not deviate signifi-
cantly from spherical symmetry. Furthermore, the code incorpo-
rates several equations of state, ranging from simple analytical
expressions to tabulated microphysical equations of state.

We have presented a number of stringent tests of our new
GRMHD numerical code, which are the main focus of this pa-
per. The test calculations demonstrate the ability of the code to
handle properly all aspects appearing in the astrophysical scenar-
ios the code is intended for, namely relativistic shocks, strongly
magnetized fluids, and equilibrium configurations of magnetized
neutron stars. One of the tests the code has passed successfully
is in fact an application, namely the simulation of general rela-
tivistic magneto-rotational core collapse using a realistic stellar
progenitor model and a microphysical equation of state. We have
compared the results obtained by our new code with those of a
previous study based on the passive magnetic-field approxima-
tion, and find good agreement for initially weakly magnetized
progenitors.

Finally, we mention that the new code is also capable of
handling the gravitational collapse leading to the formation of
a black hole. Results for this specific application will be pre-
sented elsewhere. Further extensions of the code that we fore-
see in the near future include the incorporation of a simplified
scheme for neutrino transport (to explore the post-bounce evo-
lution of collapsing magnetized cores more reliably) along with
the implementation of resistive MHD.
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B-field growth in PNS and CC-SNe

global modeling  
(Cerdá-Durán, Font, Antón, Müller 2008)

l Related problems: 

l origin of pulsar fields 
l influence of magnetic 

fields on supernova 
dynamics and GW signal 

l field amplification by 

l Convection  

l Magneto-rotational 
instability (MRI) 

mode analysis and 
local modelling  

(Obergaulinger, Cerdá-Durán, 
Müller, Aloy 2009)

l approach: combine local and global 
modeling, using numerical techniques 
of a very high order of accuracy

l goal: a simple description of the 
saturation of the MRI as a sub-grid 
model in global simulation

MRI channel modes 
in the post bounce 

phase.

• but small-scale effects (MRI) crucial 
• new high-resolution code 
• more detailed local investigations of 

MHD instabilities: MRI, KH instabilities

@teMRI + ~reMRI~v = �MRIeMRI � �parepar

@tepar + ~repar~v = �parepar � "dis

closure relations
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• The amplification of seed B-fields is a very computationally demanding task 
because we have to resolve extremely small scales (Obergaulinger et al. 2009):

Amplification by MRI:  
a challenge for numerical models

�FGM
MRI ' 6.9 m

✓
B

1013 G

◆ ✓
⇢

2.5⇥ 1013 gr cm�3

◆�1/2 ✓
⌦

1900 Hz

◆�1

➡ Resolution is important to 
properly set the saturation level: 
depends on the development of 
parasitic instabilities (e.g., KH, 
tearing modes), which feed off 
the MRI channel flows. 
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➡ Though problem!

SuperMUC
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Magnetorotational Instability in Core-Collapse Supernovae
T. Rembiasz1,2, M. Obergaulinger2, J. Guilet2,3, P. Cerdá-Durán2, E. Müller1, M.A. Aloy2

1Max-Planck-Institut für Astrophysik, 2Universitat de València, 3Max Planck/Princeton Center for Plasma Physics

1. Physical Motivation

Only very strong magnetic fields, of the order of 1015 G, can play a
dynamically important role in core-collapse supernovae (CCSNe). The
strongest magnetic fields of typical supernova progenitors (massive stars)
are unlikely to exceed 109 G (Heger et al., 2005). Apart from flux-freezing
compression and hydrodynamic instabilities such as convection, the MRI
is one of the most promising agents amplifying the magnetic field in a
core-collapse supernova explosion is the magnetorotational insta-
bility (MRI; see, e.g., Balbus & Hawley, 1998).

Magnetorotational Instability

• Instability criterion for magnetized rotating fluids:

@R|⌦| < 0,

where ⌦ is the angular velocity and R the radius.

• Its growth rate is independent of initial magnetic field

�MRI = �⌦

2

d ln⌦

d lnR

•Amplifies the magnetic field and velocity of the channel modes ex-
ponentially with time

Bchannel / Vchannel / e�MRIt

• Excites turbulence and transports angular momentum outwards

• Extensively studied in accretion discs, however its saturation level is
still not fully understood

Goodman & Xu (1994) and Pessah (2010) suggested that the MRI
growth is terminated by secondary parasitic instabilities (Kelvin-
Helmholtz and resistive tearing-mode instabilities) growing on top
of MRI modes.

Kelvin-Helmholtz Instability

• Instability occurs when there is velocity shear between two fluid layers
• Its growth rate is proportional to the shear velocity

�KH / V

✓
1� ⌫k

2V

◆
,

V - velocity, ⌫ - shear viscosity

Tearing Mode Instability

•Resistive MHD instability in current sheets that reconnects magnetic
field lines (Furth, Killeen & Rosenbluth, 1963)

• Its growth rate is proportional to the magnetic field
strength and resistivity

�TM / ⌘4/5⌫�1/5B2/5,

⌘ - resistivity, ⌫ - shear viscosity, B - magnetic field

0 1
time
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w
th
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at

e

MRI

KH TM

�KH > �MRI or �TM > �MRI ! MRI termination

2. Our code

• finite-volume 3D Eulerian MHD code Aenus (Obergaulinger 2008)
• flux-conservative, high-resolution shock-capturing methods
• constrained-transport scheme to keep a divergence-free magnetic field
•monotonicity preserving reconstruction scheme of the 9th order (MP9)
• a multi-stage (MUSTA) solver based on the HLLD Riemann solver
•Runge-Kutta of the 3rd order (RK3) time integrator
• written in Fortran 90
• parallelized with MPI (domain decomposition) and OpenMP
• excellent weak MPI scalling, very good OpenMP speed up

3. Simulations performed on the SuperMUC

Since a typical lengthscale is very small, i.e.

�MRI ⇡ 70 cm

✓
b

1011 G

◆✓
⇢

2.5⇥ 1013 g cm�3

◆�1/2✓ ⌦

1900 s�1

◆�1

,

Scales involved in core collapse simulations.

we perform local (semi-global) simula-
tions. A typical simulation is done in
the box of the size 1 km ⇥ 4 km ⇥ 1 km
resolved with 100 ⇥ 400 ⇥ 400 zones
and run on 512 CPUs with a hybrid
(OpenMP+MPI) parallelization. A typ-
ical computational is cost of the order
of 100 kCPUhs. We have performed
around 100 3D simulations (and a few
hundred auxiliary 2D tests) The most
expensive simulation cost was almost
1 MCPUhs. In total we have used
7 MCPUhs.

Typical simulation box placed in-
side of a proto-neutron star (PNS).

4. Results

Radial magnetic field component in the channel mode phase

MRI channels are terminated by the parasitic Kelvin-Helmholtz instability.

Turbunet phase sets in.

Computational domain at t = 11.2 ms seen froma di↵erent angle. Part of the box is
masked so that the direction of the developement of the parasitic instabilities is visible.

Right: Time evolution of the
MRI and parasitic modes.

MRI channels form initially
(from t ⇡ 4 ms) and amplify
the magnetic field exponen-
tially with time until they are
terminated by the par-
asitc Kelvin-Helmholtz
instability (at t ⇡ 11 ms).
Shortly afterwards the turbu-
lent phase sets in.
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In these simulations and ones
done with a spectral code
Snoopy (Lesur & Longaretti
2005), we found that the
amplification factor A:

Bterm
channel ⌘ ABz(t = 0)

is limitted in CCSNe to

A ⇡ 10.

MRI amplification to
1015 G in the channel
mode phase is unlinkely.
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Amplification factor as a function of the ini-
tial mangetic field strength.

5. Conclusions

Based on the results of the simulations performed on the SuperMUC,
we have confirmed the hypothesis that given CCSN conditions, the MRI
is terminated by the parasitc Kelvin-Helmholtz instability. Moreover,
we have determined the minimum number of zones per MRI channel to
obtain both convergent and acceptable (i.e. relative error ⇡ 0.2) results.
Furthermore, we have found that independantly of the initial magnetic

field strength, the MRI can amplify the initial magnetic field by a factor
of ⇡ 10 given CCSN conditions.
Based on our results. we have written three scientific publications (Rem-

biasz et al. 2016a,b,c).

6. Outlook

Thanks to the insight gained in the semi-global simulatons, we know
the minium number of zones per MRI channel to resolve the MRI termi-
nation. This knoweldge is crucial to design future 3D global simulations
of the MRI in CCSNe. In these simulations, which will include neutrino
transport, we will investigate the influence of neutrinos and convection
and global geometry on the MRI termination and subsequent turbulent
phase.
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B-field saturation in PNS
magnetic field amplification
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AMPLIFICATION FACTOR ~ 10-20
Bp,max ~ 1015 G

Bz0 = 4.6 x 1013 G
Under the conditions found in PNSs: 
independently of the initial magnetic field strength,  
an amplification by a factor ~10 can be produced by MRI 
channel modes.

Rembiasz, Guilet, Obergaulinger, Cerdá-Durán, Aloy, Müller (2016b)14

Initially, we did not observed the sage remarks 
Ewald does to his pupils:

If boundary conditions are a 
problem, put them away!!

3330 T. Rembiasz et al.

Figure 4. Amplification factor as a function of initial magnetic field in the
best resolved simulations done with AENUS (i.e. models #A4 #A6 and #A11
from Table 1) and all simulations done with SNOOPY (Table 2). With light
blue solid, purple dashed, green dash dot, and orange dash dot dot lines, we,
respectively, marked theoretical estimates I (equation 37), II (equation 48),
III (equation 55), and IV (equation 56) of the amplification factor. Note that
the results shown for SNOOPY for the same initial magnetic field strength and
resolution display a relatively large scattering as a result of the different
initial amplitude of the perturbations.

Beyond the code agreement on the exact value of A, the amplifi-
cation factor seems to be indeed independent of the initial magnetic
field strength. This conclusion can be drawn on the light of the re-
sults of simulations #S1a–#S1e with an initial magnetic field lower
by one order of magnitude than the rest of the models, i.e. b0z =
0.12 × 1013 G. Even in these cases, the amplification factor stays
the same within the random scatter, i.e. A ≈ 50 (Fig. 4).

Note that this result is also consistent with the results of
Obergaulinger et al. (2009), who found a numerical scalingMterm

rφ ∝
b

16/7
0z , which would translate to A ∝ b0.14

0z (i.e. a very weak de-
pendence of the amplification factor on the initial magnetic field
strength). Note, however, that as Obergaulinger et al. (2009) did not
perform proper convergence studies, it is impossible to conclude
based on their results whether this scaling law was of a physical or
of a numerical origin. Indeed, Rembiasz et al. (2016a,b) observed
dependence of Mterm

rφ on the numerical schemes and resolutions
used in their studies.

5 SU M M A RY

Since the direct numeral simulations of Obergaulinger et al. (2009)
confirming the theoretical predictions of Akiyama et al. (2003),
there is no doubt that the MRI can amplify the initial magnetic field
(close to the surface of a PNS) on a sufficiently short time-scale
in CCSNe produced by rapidly rotating progenitors. However, the
limit of such a magnetic field amplification during a CCSN ex-
plosion remained unknown. In this paper, we aimed to address an
important aspect of this question, i.e. the factor by which the seed

field of the core is amplified during the exponential growth phase
of the MRI. To this end, we performed shearing disc simulations
with an Eulerian MHD code, AENUS, solving full MHD equations
and shearing box simulations with a pseudo-spectral code, SNOOPY,
in the incompressible approximation. We compared our results to
the predictions of the parasitic model proposed and developed by
GX94, Latter et al. (2009), PG09 and Pessah (2010). Part of the
predictions of the parasitic model, i.e. that given CCSN conditions,
the MRI should be terminated by parasitic KH instabilities was con-
firmed in direct numerical simulations of Rembiasz et al. (2016a).
However, those authors neither performed systematical studies of
the amplification factor dependence on the initial conditions, nor
compared the field amplification obtained in their simulations to
the predictions of the parasitic model.

Within the parasitic-termination model, the MRI channel modes
are susceptible to secondary instabilities, in our case of KH type.
The former grow at a constant rate given by the rotational profile
of the core, whereas the growth rate of the former is a function
of the amplitude of the MRI and, thus, increases continuously. At
some point, they will be sufficiently strong to disrupt the MRI
channel modes and thereby terminate the MRI growth. Based on
this observation, PG09 proposed two different criteria to identify the
moment of parasitic termination in their analytic model: termination
occurs when the growth rate of (initially developing much more
slowly) parasitic instabilities starts to exceed the growth rate of MRI
(termination criterion I), or when the amplitudes of the parasitic
instabilities reach the amplitudes of the MRI channels (termination
criterion II).

We tested these two termination criteria and found that in simu-
lations done with both codes, termination criterion II represents a
better description of the results. MRI termination occurs when para-
sitic instabilities roughly reach the amplitudes of the MRI channels,
which happens roughly 3γ −1

MRI after termination criterion I is met.
Next, we compared the theoretical predictions of Pessah (2010),

Latter et al. (2010) and our estimates based on Pessah (2010) for
the amplification factor with our simulation results. We find an
order-of-magnitude agreement of Latter’s model with the numerical
simulations, although this model fails to explain all dependences
accurately. This better agreement could be due to the approximate
inclusion of the background shear by Latter et al. (2010). However,
differences could also be due to non-linearities at termination, not
considered in any theoretical estimate. From our numerical results,
we cannot favour any of those possibilities. Nevertheless, a more
elaborate description of the parasitic instabilities in the presence of
shear may be needed for an accurate prediction of the termination
amplitude.

Another prediction of these simplified models is that the ampli-
fication factor should be independent of the initial magnetic field
strength. We tested this hypothesis with numerical simulations. Our
main finding of this paper is that independently of the initial mag-
netic field strength, the MRI channel modes can amplify the seed
magnetic field by a factor of 20–100. Once these magnetic field val-
ues are reached, further MRI-driven magnetic field amplification is
halted as the MRI channels are attacked and destroyed by parasitic
KH instabilities.

It is true that, in principle, one could obtain an arbitrary value
of the amplification factor from our scaling relation (equation 74)
by tuning the amplitudes of the initial perturbations. However, for
physically plausible conditions found at the surface of the hot PNS,
the initial amplitudes are more likely to be of the order of ∼0.1–
1 of the rotational velocity. Under these conditions, realistically
expected values of the amplification factor are of the order of 10.

MNRAS 460, 3316–3334 (2016)
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Figure 3. Maps of the specific entropy of the cores of all models at different
times after core bounce (names and times listed in the panels). The length
scale of the panels is represented by a ruler of length 100 km.
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Figure 4. Maps of the mass density of the cores of all models prior to the
end of the simulations (names and times listed in the panels). The mag-
netic field is represented by field lines (white) and blue lines show the three
neutrinospheres.

model 35OC-Sw. Thus, though residing quite deep in the gravi-
tational well, the polar regions of the gain layer satisfy the con-
ditions for an explosion as soon as the iron core interface is ac-
creted and the mass accretion rate and ram pressure at the shock
decrease. We note that the latter variables are already before that
point smaller than in model 35OC-Sw. For this reason, the shock
does not retreat as much as in that model. An explosion devel-
ops whose initial geometry is similar to that of model 35OC-Sw
(Panel (b) of Fig. 3). The explosion occurs while matter is still
falling onto the PNS at low latitudes, allowing the PNS to grow.
Compared to model 35OC-Sw, the time of shock revival and the
evolution of the maximum shock radius are almost unchanged,
but the ejecta are more collimated along the axis and both their
mass and energy grow slower (Panels (b,c) of Fig. 2). A rotation-
ally stabilized quasi-toroidal structure extending at the equator to
≃ 60 km (compared to a polar radius of ≃ 16 km) surrounds the
inner core (see Panel (b) of Fig. 4). This equatorial torus contains
a fairly large fraction of the total angular momentum, its surface
rotates rapidly (ΩPNS > 2000 s−1) and is strongly magnetized
(bPNS > 1014.5 G).

If rapid rotation is combined with a strong magnetic field
(model 35OC-Rs), a bipolar explosion develops almost immedi-
ately after bounce (Fig. 3, Panel (c)). Along the poles, the shock
wave never even stalls. The explosion does not result from the re-
duction of the mass accretion rate because shock expansion starts
long before the surface of the iron core has fallen onto the PNS,
i.e., in the phase when Ṁ is greater than at the time of shock ex-

pansion of models 35OC-Sw and 35OC-Rw. Later on, mass accre-
tion, occurring mainly via equatorial downflows is weaker and is at
some point even entirely quenched by the expanding ejecta. Con-
sequently, the PNS mass is by the end of the simulation ≃ 0.2M⊙

smaller than in the other two models, and we do not expect the PNS
to collapse to a BH for many dynamical time scales. The explo-
sion is not caused mainly by neutrinos, whose luminosity is weaker
than in any other model. Instead, the ejecta are generated magneto-
rotationally. By the end of the simulation, the outflows have reached
velocities of vr ∼ c/3, and the speed of the jet head is close to c/5.
The oblate geometry of the PNS is even more pronounced than in
the models discussed so far (Panel (c) of Fig. 4). The surface is at
ΩPNS ≈ 1000 s−1 and bPNS ! 1015 G, i.e., model 35OC-Rs ro-
tates slowlier and is more magnetized than model 35OC-Rw.

The behaviour of model 35OC-RO (panel (d) of Fig. 3) lies in
between those of models 35OC-Rw and model 35OC-Rs. Simi-
larly to the former, the shock wave stalls, but already at t ≈ 200ms
a bipolar outflow is launched out of a region where hydrodynami-
cal instabilities operate (see Fig. 3, Panel (d)). The shock revival is
caused by a combination of strong magnetic stresses and predom-
inantly polar neutrino heating. We find clear signs of the growth
of the magneto-rotational instability (MRI) around the time of the
onset of explosion. The strong magnetic field transports angular
momentum from the interior of the PNS to its outer layers, which
as a consequence possess excess rotational support and assume an
oblate form (Panel (d) of Fig. 4). At the termination of the sim-
ulation, the PNS is very massive (MPNS " 2.6M⊙), but, due
to its fast rotation (the effective spin parameter is a ≈ 0.6), not
very compact (polar and equatorial radii between 16 and 40 km)
and it does not seem to be at the verge of forming a BH. Its sur-
face rotation and magnetic field are characterized by high values of
ΩPNS ! 2000 s−1 and bPNS " 5× 1014 G.

Having a magnetic field too weak to undergo a magneto-
centrifugal explosion, model 35OB-RO explodes in a similar way
to model 35OC-Rw, albeit at a much later time (t ∼ 600 s). We
refer to Panel (e) of Fig. 3 showing the activity of hydrodynamic
instabilities in the gain layer where the shock revival is originated.
The delay is caused by the high mass accretion rates and ram pres-
sures at the shock that persist until the accretion of the interface at
m = 2.3M⊙ (cf. Fig. 1). Because at most locations throughout the
core, the initial density is higher than that of model 35OC, the PNS
mass grows rapidly and reaches MPNS = 2.45M⊙ already at t ≈
1.2 s. At that point, the PNS (at a spin parameter a ≈ 0.45) is rather
compact and only moderately oblate with radii between 16 (poles)
and 22 km (Panel (e) of Fig. 4). It rotates at ΩPNS > 3000ms and
possesses a field strength of bPNS ∼ 6× 1014 G. The model forms
a moderately rotating BH after about 1.4 s.

4 DISCUSION AND CONCLUSIONS

In order to assess their viability as candidates for supernova ex-
plosions and as progenitors of long GRBs, we studied the collapse
and the post-bounce evolution of the cores of stars of initial masses
of MZAMS = 35M⊙ with different degrees of rotation and mag-
netic fields in neutrino-MHD simulations. Among our five simula-
tions, we find very distinct evolutionary scenarios: (1) explosions
within the standard neutrino-driven paradigm of supernova theory,
but followed by collapse to a BH; (2) rapid rotation creating the
conditions for bipolar explosion, namely, neutrino emission con-
centrated along the rotational axis; (3) early magneto-rotational ex-
plosions launching moderately relativistic outflows.

c⃝ 0000 RAS, MNRAS 000, 000–000
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times after core bounce (names and times listed in the panels). The length
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Figure 4. Maps of the mass density of the cores of all models prior to the
end of the simulations (names and times listed in the panels). The mag-
netic field is represented by field lines (white) and blue lines show the three
neutrinospheres.

model 35OC-Sw. Thus, though residing quite deep in the gravi-
tational well, the polar regions of the gain layer satisfy the con-
ditions for an explosion as soon as the iron core interface is ac-
creted and the mass accretion rate and ram pressure at the shock
decrease. We note that the latter variables are already before that
point smaller than in model 35OC-Sw. For this reason, the shock
does not retreat as much as in that model. An explosion devel-
ops whose initial geometry is similar to that of model 35OC-Sw
(Panel (b) of Fig. 3). The explosion occurs while matter is still
falling onto the PNS at low latitudes, allowing the PNS to grow.
Compared to model 35OC-Sw, the time of shock revival and the
evolution of the maximum shock radius are almost unchanged,
but the ejecta are more collimated along the axis and both their
mass and energy grow slower (Panels (b,c) of Fig. 2). A rotation-
ally stabilized quasi-toroidal structure extending at the equator to
≃ 60 km (compared to a polar radius of ≃ 16 km) surrounds the
inner core (see Panel (b) of Fig. 4). This equatorial torus contains
a fairly large fraction of the total angular momentum, its surface
rotates rapidly (ΩPNS > 2000 s−1) and is strongly magnetized
(bPNS > 1014.5 G).

If rapid rotation is combined with a strong magnetic field
(model 35OC-Rs), a bipolar explosion develops almost immedi-
ately after bounce (Fig. 3, Panel (c)). Along the poles, the shock
wave never even stalls. The explosion does not result from the re-
duction of the mass accretion rate because shock expansion starts
long before the surface of the iron core has fallen onto the PNS,
i.e., in the phase when Ṁ is greater than at the time of shock ex-

pansion of models 35OC-Sw and 35OC-Rw. Later on, mass accre-
tion, occurring mainly via equatorial downflows is weaker and is at
some point even entirely quenched by the expanding ejecta. Con-
sequently, the PNS mass is by the end of the simulation ≃ 0.2M⊙

smaller than in the other two models, and we do not expect the PNS
to collapse to a BH for many dynamical time scales. The explo-
sion is not caused mainly by neutrinos, whose luminosity is weaker
than in any other model. Instead, the ejecta are generated magneto-
rotationally. By the end of the simulation, the outflows have reached
velocities of vr ∼ c/3, and the speed of the jet head is close to c/5.
The oblate geometry of the PNS is even more pronounced than in
the models discussed so far (Panel (c) of Fig. 4). The surface is at
ΩPNS ≈ 1000 s−1 and bPNS ! 1015 G, i.e., model 35OC-Rs ro-
tates slowlier and is more magnetized than model 35OC-Rw.

The behaviour of model 35OC-RO (panel (d) of Fig. 3) lies in
between those of models 35OC-Rw and model 35OC-Rs. Simi-
larly to the former, the shock wave stalls, but already at t ≈ 200ms
a bipolar outflow is launched out of a region where hydrodynami-
cal instabilities operate (see Fig. 3, Panel (d)). The shock revival is
caused by a combination of strong magnetic stresses and predom-
inantly polar neutrino heating. We find clear signs of the growth
of the magneto-rotational instability (MRI) around the time of the
onset of explosion. The strong magnetic field transports angular
momentum from the interior of the PNS to its outer layers, which
as a consequence possess excess rotational support and assume an
oblate form (Panel (d) of Fig. 4). At the termination of the sim-
ulation, the PNS is very massive (MPNS " 2.6M⊙), but, due
to its fast rotation (the effective spin parameter is a ≈ 0.6), not
very compact (polar and equatorial radii between 16 and 40 km)
and it does not seem to be at the verge of forming a BH. Its sur-
face rotation and magnetic field are characterized by high values of
ΩPNS ! 2000 s−1 and bPNS " 5× 1014 G.

Having a magnetic field too weak to undergo a magneto-
centrifugal explosion, model 35OB-RO explodes in a similar way
to model 35OC-Rw, albeit at a much later time (t ∼ 600 s). We
refer to Panel (e) of Fig. 3 showing the activity of hydrodynamic
instabilities in the gain layer where the shock revival is originated.
The delay is caused by the high mass accretion rates and ram pres-
sures at the shock that persist until the accretion of the interface at
m = 2.3M⊙ (cf. Fig. 1). Because at most locations throughout the
core, the initial density is higher than that of model 35OC, the PNS
mass grows rapidly and reaches MPNS = 2.45M⊙ already at t ≈
1.2 s. At that point, the PNS (at a spin parameter a ≈ 0.45) is rather
compact and only moderately oblate with radii between 16 (poles)
and 22 km (Panel (e) of Fig. 4). It rotates at ΩPNS > 3000ms and
possesses a field strength of bPNS ∼ 6× 1014 G. The model forms
a moderately rotating BH after about 1.4 s.

4 DISCUSION AND CONCLUSIONS

In order to assess their viability as candidates for supernova ex-
plosions and as progenitors of long GRBs, we studied the collapse
and the post-bounce evolution of the cores of stars of initial masses
of MZAMS = 35M⊙ with different degrees of rotation and mag-
netic fields in neutrino-MHD simulations. Among our five simula-
tions, we find very distinct evolutionary scenarios: (1) explosions
within the standard neutrino-driven paradigm of supernova theory,
but followed by collapse to a BH; (2) rapid rotation creating the
conditions for bipolar explosion, namely, neutrino emission con-
centrated along the rotational axis; (3) early magneto-rotational ex-
plosions launching moderately relativistic outflows.
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Figure 3. Structure of model 35OC-RO at di↵erent times. Panel
(a): entropy, density contours, ⌦ contours, neutrino spheres in

the PNS and its surroundings. Panel (b): entropy and field lines

in the explosion.

The e↵ect becomes evident when considering the char-
acteristic time scales of advection and heating (panel (c)

lof Fig. 2), defined here as ⌧adv = � R
dxv�1

r and ⌧heat =R
dV eint/

R
dV Q⌫ , resp., with the integrals extending over

the gain layer. We compare the time scales computed from
the angularly averaged profiles (black lines) to the ones at
the equator (green) and the poles (orange). The angularly
averaged advection time scale (dash-triple-dotted lines) re-
mains rather constant after t ⇡ 70ms. The advection times
for the equatorial and polar directions are of similar magni-
tude, albeit showing large variations due to the small-scale
structure of the post-shock flow. Both the angular average
and the equatorial values of the heating times (solid lines)
are larger than the respective advection times by an order of
magnitude. They, furthermore, remain roughly constant in
time and do not show any tendency towards conditions that
favour an explosion. The polar heating times, on the other
hand, are consistently less than the averages and gradually
decrease until becoming equal to the advection times after
t ⇠ 100ms. In the absence of large-scale meridional flows
that could e�ciently redistribute the energy deposited at
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Figure 4. Radial velocity (in terms of the speed of light) of model
35OC-RO as a function of time and radius along the north (top)

and south pole (bottom).

high latitudes to the equator and thus reduce the anisotropy
of neutrino heating, shock revival starts at the poles, but
does not extend to lower latitudes, thus generating pro-
late outflows. Thus, we tentatively conclude that the ex-
plosion is launched by asymmetric neutrino heating, but, as
we shall see from a comparison to models with weaker mag-
netic fields, the magnetic field account for a sub-dominant
contribution that reduces the time until the explosion sets
in.

The highly asymmetric explosion coexists with ongo-
ing accretion onto the PNS via downflows near the equator
where the conditions for an explosion are not met. The ac-
creted matter has high angular momentum and, thus, the ro-
tational energy of the PNS increases, leading to an increase
of the degree of asphericity. The contraction of the PNS oc-
curs most markedly along the poles, whereas centrifugal sup-
port centrifugal slows down the contraction of the equatorial
regions (see panel (a) of Fig. 2). Consequently, the axis ratio
increases to about 2 : 1 (for the ⇢ = 1012 g cm�3 iso-surface)
or larger (for the neutrinosphere or the ⇢ = 1011 g cm�3 iso-
surface). The result is a progressively larger anisotropy of
the neutrino emission until the polar fluxes are more than
twice as large as the equatorial ones (cf. the brightness scale
in the top panel at t = 1.6 sec of Fig. 3), hence reenforcing
the polar outflow.

Mass and energy are injected into the jet during the
entire simulations at high rates, as we show in panel (d) of
Fig. 2. We also point to the space-time diagrams of the (ra-
dial) outflow speed in Fig. 4 showing where the outflows are
generated and how fluid elements propagate along the po-
lar axis. We find consistently positive, i.e., outward-directed,
gas velocities and fluxes of mass and energy just outside the
neutrinosphere (black lines), which are comparable to the
fluxes at larger radii (coloured lines). This indicates that
most of the material ending up in the outflows is injected
into the jet at a region just outside the neutrinospheres. The
finding is consistent with the geometry of the inner core dis-
played in the top panel of Fig. 3 where all the gas in grey-
with colours in the figure is ejected. This geometry di↵ers
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Figure 3. Maps of the specific entropy of the cores of all models at different
times after core bounce (names and times listed in the panels). The length
scale of the panels is represented by a ruler of length 100 km.
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Figure 4. Maps of the mass density of the cores of all models prior to the
end of the simulations (names and times listed in the panels). The mag-
netic field is represented by field lines (white) and blue lines show the three
neutrinospheres.

model 35OC-Sw. Thus, though residing quite deep in the gravi-
tational well, the polar regions of the gain layer satisfy the con-
ditions for an explosion as soon as the iron core interface is ac-
creted and the mass accretion rate and ram pressure at the shock
decrease. We note that the latter variables are already before that
point smaller than in model 35OC-Sw. For this reason, the shock
does not retreat as much as in that model. An explosion devel-
ops whose initial geometry is similar to that of model 35OC-Sw
(Panel (b) of Fig. 3). The explosion occurs while matter is still
falling onto the PNS at low latitudes, allowing the PNS to grow.
Compared to model 35OC-Sw, the time of shock revival and the
evolution of the maximum shock radius are almost unchanged,
but the ejecta are more collimated along the axis and both their
mass and energy grow slower (Panels (b,c) of Fig. 2). A rotation-
ally stabilized quasi-toroidal structure extending at the equator to
≃ 60 km (compared to a polar radius of ≃ 16 km) surrounds the
inner core (see Panel (b) of Fig. 4). This equatorial torus contains
a fairly large fraction of the total angular momentum, its surface
rotates rapidly (ΩPNS > 2000 s−1) and is strongly magnetized
(bPNS > 1014.5 G).

If rapid rotation is combined with a strong magnetic field
(model 35OC-Rs), a bipolar explosion develops almost immedi-
ately after bounce (Fig. 3, Panel (c)). Along the poles, the shock
wave never even stalls. The explosion does not result from the re-
duction of the mass accretion rate because shock expansion starts
long before the surface of the iron core has fallen onto the PNS,
i.e., in the phase when Ṁ is greater than at the time of shock ex-

pansion of models 35OC-Sw and 35OC-Rw. Later on, mass accre-
tion, occurring mainly via equatorial downflows is weaker and is at
some point even entirely quenched by the expanding ejecta. Con-
sequently, the PNS mass is by the end of the simulation ≃ 0.2M⊙

smaller than in the other two models, and we do not expect the PNS
to collapse to a BH for many dynamical time scales. The explo-
sion is not caused mainly by neutrinos, whose luminosity is weaker
than in any other model. Instead, the ejecta are generated magneto-
rotationally. By the end of the simulation, the outflows have reached
velocities of vr ∼ c/3, and the speed of the jet head is close to c/5.
The oblate geometry of the PNS is even more pronounced than in
the models discussed so far (Panel (c) of Fig. 4). The surface is at
ΩPNS ≈ 1000 s−1 and bPNS ! 1015 G, i.e., model 35OC-Rs ro-
tates slowlier and is more magnetized than model 35OC-Rw.

The behaviour of model 35OC-RO (panel (d) of Fig. 3) lies in
between those of models 35OC-Rw and model 35OC-Rs. Simi-
larly to the former, the shock wave stalls, but already at t ≈ 200ms
a bipolar outflow is launched out of a region where hydrodynami-
cal instabilities operate (see Fig. 3, Panel (d)). The shock revival is
caused by a combination of strong magnetic stresses and predom-
inantly polar neutrino heating. We find clear signs of the growth
of the magneto-rotational instability (MRI) around the time of the
onset of explosion. The strong magnetic field transports angular
momentum from the interior of the PNS to its outer layers, which
as a consequence possess excess rotational support and assume an
oblate form (Panel (d) of Fig. 4). At the termination of the sim-
ulation, the PNS is very massive (MPNS " 2.6M⊙), but, due
to its fast rotation (the effective spin parameter is a ≈ 0.6), not
very compact (polar and equatorial radii between 16 and 40 km)
and it does not seem to be at the verge of forming a BH. Its sur-
face rotation and magnetic field are characterized by high values of
ΩPNS ! 2000 s−1 and bPNS " 5× 1014 G.

Having a magnetic field too weak to undergo a magneto-
centrifugal explosion, model 35OB-RO explodes in a similar way
to model 35OC-Rw, albeit at a much later time (t ∼ 600 s). We
refer to Panel (e) of Fig. 3 showing the activity of hydrodynamic
instabilities in the gain layer where the shock revival is originated.
The delay is caused by the high mass accretion rates and ram pres-
sures at the shock that persist until the accretion of the interface at
m = 2.3M⊙ (cf. Fig. 1). Because at most locations throughout the
core, the initial density is higher than that of model 35OC, the PNS
mass grows rapidly and reaches MPNS = 2.45M⊙ already at t ≈
1.2 s. At that point, the PNS (at a spin parameter a ≈ 0.45) is rather
compact and only moderately oblate with radii between 16 (poles)
and 22 km (Panel (e) of Fig. 4). It rotates at ΩPNS > 3000ms and
possesses a field strength of bPNS ∼ 6× 1014 G. The model forms
a moderately rotating BH after about 1.4 s.

4 DISCUSION AND CONCLUSIONS

In order to assess their viability as candidates for supernova ex-
plosions and as progenitors of long GRBs, we studied the collapse
and the post-bounce evolution of the cores of stars of initial masses
of MZAMS = 35M⊙ with different degrees of rotation and mag-
netic fields in neutrino-MHD simulations. Among our five simula-
tions, we find very distinct evolutionary scenarios: (1) explosions
within the standard neutrino-driven paradigm of supernova theory,
but followed by collapse to a BH; (2) rapid rotation creating the
conditions for bipolar explosion, namely, neutrino emission con-
centrated along the rotational axis; (3) early magneto-rotational ex-
plosions launching moderately relativistic outflows.
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Figure 3. Structure of model 35OC-RO at di↵erent times. Panel
(a): entropy, density contours, ⌦ contours, neutrino spheres in

the PNS and its surroundings. Panel (b): entropy and field lines

in the explosion.

The e↵ect becomes evident when considering the char-
acteristic time scales of advection and heating (panel (c)

lof Fig. 2), defined here as ⌧adv = � R
dxv�1

r and ⌧heat =R
dV eint/

R
dV Q⌫ , resp., with the integrals extending over

the gain layer. We compare the time scales computed from
the angularly averaged profiles (black lines) to the ones at
the equator (green) and the poles (orange). The angularly
averaged advection time scale (dash-triple-dotted lines) re-
mains rather constant after t ⇡ 70ms. The advection times
for the equatorial and polar directions are of similar magni-
tude, albeit showing large variations due to the small-scale
structure of the post-shock flow. Both the angular average
and the equatorial values of the heating times (solid lines)
are larger than the respective advection times by an order of
magnitude. They, furthermore, remain roughly constant in
time and do not show any tendency towards conditions that
favour an explosion. The polar heating times, on the other
hand, are consistently less than the averages and gradually
decrease until becoming equal to the advection times after
t ⇠ 100ms. In the absence of large-scale meridional flows
that could e�ciently redistribute the energy deposited at
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Figure 4. Radial velocity (in terms of the speed of light) of model
35OC-RO as a function of time and radius along the north (top)

and south pole (bottom).

high latitudes to the equator and thus reduce the anisotropy
of neutrino heating, shock revival starts at the poles, but
does not extend to lower latitudes, thus generating pro-
late outflows. Thus, we tentatively conclude that the ex-
plosion is launched by asymmetric neutrino heating, but, as
we shall see from a comparison to models with weaker mag-
netic fields, the magnetic field account for a sub-dominant
contribution that reduces the time until the explosion sets
in.

The highly asymmetric explosion coexists with ongo-
ing accretion onto the PNS via downflows near the equator
where the conditions for an explosion are not met. The ac-
creted matter has high angular momentum and, thus, the ro-
tational energy of the PNS increases, leading to an increase
of the degree of asphericity. The contraction of the PNS oc-
curs most markedly along the poles, whereas centrifugal sup-
port centrifugal slows down the contraction of the equatorial
regions (see panel (a) of Fig. 2). Consequently, the axis ratio
increases to about 2 : 1 (for the ⇢ = 1012 g cm�3 iso-surface)
or larger (for the neutrinosphere or the ⇢ = 1011 g cm�3 iso-
surface). The result is a progressively larger anisotropy of
the neutrino emission until the polar fluxes are more than
twice as large as the equatorial ones (cf. the brightness scale
in the top panel at t = 1.6 sec of Fig. 3), hence reenforcing
the polar outflow.

Mass and energy are injected into the jet during the
entire simulations at high rates, as we show in panel (d) of
Fig. 2. We also point to the space-time diagrams of the (ra-
dial) outflow speed in Fig. 4 showing where the outflows are
generated and how fluid elements propagate along the po-
lar axis. We find consistently positive, i.e., outward-directed,
gas velocities and fluxes of mass and energy just outside the
neutrinosphere (black lines), which are comparable to the
fluxes at larger radii (coloured lines). This indicates that
most of the material ending up in the outflows is injected
into the jet at a region just outside the neutrinospheres. The
finding is consistent with the geometry of the inner core dis-
played in the top panel of Fig. 3 where all the gas in grey-
with colours in the figure is ejected. This geometry di↵ers
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Figure 5. Shock radii as a function of time and angular coordi-

nate of models 35OC-Rw (left) and 35OC-RO (right).
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Figure 6. Same as Fig. 4, but for model 35OC-Rw.

contains magnetic fields close to equipartition with the inter-
nal energy of the gas. The associated Lorentz forces could
continue jet launching independently of neutrino heating.
Hence, in case of a strong decrease of the mass density, the
energy injection could continue, increasing the outflow ve-
locity to potentially relativistic speeds.

4.2 Model 35OC with weak magnetic field

We continue our discussion with model 35OC-Rw which uses
the same pre-collapse state as model 35OC-RO, but has a
weaker magnetic field of dipolar geometry. The core evolves
qualitatively similarly to model 35OC-RO, reflecting the rela-
tively moderate role the magnetic field plays in the evolution
of the latter.

The model develops an explosion by the same mecha-
nism as before, viz. neutrino heating that is, by virtue of
the rapid rotation concentrated in the polar region, where
the heating time scale drops below the advection time scale
within the first few hundred milliseconds. The absence of a
dynamically relevant magnetic field that contributes, albeit
at a lower level, to the formation of the outflow of model
35OC-RO, however, causes di↵erences concerning the launch,
the geometry, and the time evolution of the explosion.

We display the evolution of the shock radii as functions
of time and angular coordinate in Fig. 5. Until t ⇡ 200ms,
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Figure 7. Top, bottom: structure of the PNS and ejecta mor-
phology of model 35OC-Rw at three times. Colours and lines have

the same meaning as in the two panels of Fig. 3.

model 35OC-Rw exhibits clear sloshing modes of the SASI
with large and small shock radii oscillating between the
north and south poles that show up in the alternating pat-
tern of blue-green and red-yellow colours in Fig. 5; for this
phase, see also the top panel of Fig. 7 showing the large-
scale deformation of the gain layer. The pattern becomes
weaker after t ⇡ 200ms, and the shock recedes at the equa-
tor while it stabilizes at the poles until starting to expand
there rapidly at t ⇡ 350ms. The SASI oscillations lead to an
enhanced lateral mixing of the fluid and, hence, a reduction
of the time a fluid element spends in the polar region. Con-
sequently, they e↵ectively reduce neutrino heating, which
achieves its highest e�ciency at the poles. The SASI is con-
siderably weaker in model 35OC-RO because the magnetic
fields is locally in energetic equipartition with the flow and,
hence, is able to resist bending. Before the onset of explo-
sion, the ✓-component in the gain layer of model 35OC-RO has
only about two thirds of the kinetic energy of model 35OC-
Rw. Moreover, instead of the large-scale, pole-to-pole motion
of gas we find rather small-scale flow structures. By limiting
the SASI-induced mixing of the gas, the magnetic fields en-
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Figure 3. Maps of the specific entropy of the cores of all models at different
times after core bounce (names and times listed in the panels). The length
scale of the panels is represented by a ruler of length 100 km.
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Figure 4. Maps of the mass density of the cores of all models prior to the
end of the simulations (names and times listed in the panels). The mag-
netic field is represented by field lines (white) and blue lines show the three
neutrinospheres.

model 35OC-Sw. Thus, though residing quite deep in the gravi-
tational well, the polar regions of the gain layer satisfy the con-
ditions for an explosion as soon as the iron core interface is ac-
creted and the mass accretion rate and ram pressure at the shock
decrease. We note that the latter variables are already before that
point smaller than in model 35OC-Sw. For this reason, the shock
does not retreat as much as in that model. An explosion devel-
ops whose initial geometry is similar to that of model 35OC-Sw
(Panel (b) of Fig. 3). The explosion occurs while matter is still
falling onto the PNS at low latitudes, allowing the PNS to grow.
Compared to model 35OC-Sw, the time of shock revival and the
evolution of the maximum shock radius are almost unchanged,
but the ejecta are more collimated along the axis and both their
mass and energy grow slower (Panels (b,c) of Fig. 2). A rotation-
ally stabilized quasi-toroidal structure extending at the equator to
≃ 60 km (compared to a polar radius of ≃ 16 km) surrounds the
inner core (see Panel (b) of Fig. 4). This equatorial torus contains
a fairly large fraction of the total angular momentum, its surface
rotates rapidly (ΩPNS > 2000 s−1) and is strongly magnetized
(bPNS > 1014.5 G).

If rapid rotation is combined with a strong magnetic field
(model 35OC-Rs), a bipolar explosion develops almost immedi-
ately after bounce (Fig. 3, Panel (c)). Along the poles, the shock
wave never even stalls. The explosion does not result from the re-
duction of the mass accretion rate because shock expansion starts
long before the surface of the iron core has fallen onto the PNS,
i.e., in the phase when Ṁ is greater than at the time of shock ex-

pansion of models 35OC-Sw and 35OC-Rw. Later on, mass accre-
tion, occurring mainly via equatorial downflows is weaker and is at
some point even entirely quenched by the expanding ejecta. Con-
sequently, the PNS mass is by the end of the simulation ≃ 0.2M⊙

smaller than in the other two models, and we do not expect the PNS
to collapse to a BH for many dynamical time scales. The explo-
sion is not caused mainly by neutrinos, whose luminosity is weaker
than in any other model. Instead, the ejecta are generated magneto-
rotationally. By the end of the simulation, the outflows have reached
velocities of vr ∼ c/3, and the speed of the jet head is close to c/5.
The oblate geometry of the PNS is even more pronounced than in
the models discussed so far (Panel (c) of Fig. 4). The surface is at
ΩPNS ≈ 1000 s−1 and bPNS ! 1015 G, i.e., model 35OC-Rs ro-
tates slowlier and is more magnetized than model 35OC-Rw.

The behaviour of model 35OC-RO (panel (d) of Fig. 3) lies in
between those of models 35OC-Rw and model 35OC-Rs. Simi-
larly to the former, the shock wave stalls, but already at t ≈ 200ms
a bipolar outflow is launched out of a region where hydrodynami-
cal instabilities operate (see Fig. 3, Panel (d)). The shock revival is
caused by a combination of strong magnetic stresses and predom-
inantly polar neutrino heating. We find clear signs of the growth
of the magneto-rotational instability (MRI) around the time of the
onset of explosion. The strong magnetic field transports angular
momentum from the interior of the PNS to its outer layers, which
as a consequence possess excess rotational support and assume an
oblate form (Panel (d) of Fig. 4). At the termination of the sim-
ulation, the PNS is very massive (MPNS " 2.6M⊙), but, due
to its fast rotation (the effective spin parameter is a ≈ 0.6), not
very compact (polar and equatorial radii between 16 and 40 km)
and it does not seem to be at the verge of forming a BH. Its sur-
face rotation and magnetic field are characterized by high values of
ΩPNS ! 2000 s−1 and bPNS " 5× 1014 G.

Having a magnetic field too weak to undergo a magneto-
centrifugal explosion, model 35OB-RO explodes in a similar way
to model 35OC-Rw, albeit at a much later time (t ∼ 600 s). We
refer to Panel (e) of Fig. 3 showing the activity of hydrodynamic
instabilities in the gain layer where the shock revival is originated.
The delay is caused by the high mass accretion rates and ram pres-
sures at the shock that persist until the accretion of the interface at
m = 2.3M⊙ (cf. Fig. 1). Because at most locations throughout the
core, the initial density is higher than that of model 35OC, the PNS
mass grows rapidly and reaches MPNS = 2.45M⊙ already at t ≈
1.2 s. At that point, the PNS (at a spin parameter a ≈ 0.45) is rather
compact and only moderately oblate with radii between 16 (poles)
and 22 km (Panel (e) of Fig. 4). It rotates at ΩPNS > 3000ms and
possesses a field strength of bPNS ∼ 6× 1014 G. The model forms
a moderately rotating BH after about 1.4 s.

4 DISCUSION AND CONCLUSIONS

In order to assess their viability as candidates for supernova ex-
plosions and as progenitors of long GRBs, we studied the collapse
and the post-bounce evolution of the cores of stars of initial masses
of MZAMS = 35M⊙ with different degrees of rotation and mag-
netic fields in neutrino-MHD simulations. Among our five simula-
tions, we find very distinct evolutionary scenarios: (1) explosions
within the standard neutrino-driven paradigm of supernova theory,
but followed by collapse to a BH; (2) rapid rotation creating the
conditions for bipolar explosion, namely, neutrino emission con-
centrated along the rotational axis; (3) early magneto-rotational ex-
plosions launching moderately relativistic outflows.

c⃝ 0000 RAS, MNRAS 000, 000–000
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Figure 3. Structure of model 35OC-RO at di↵erent times. Panel
(a): entropy, density contours, ⌦ contours, neutrino spheres in

the PNS and its surroundings. Panel (b): entropy and field lines

in the explosion.

The e↵ect becomes evident when considering the char-
acteristic time scales of advection and heating (panel (c)

lof Fig. 2), defined here as ⌧adv = � R
dxv�1

r and ⌧heat =R
dV eint/

R
dV Q⌫ , resp., with the integrals extending over

the gain layer. We compare the time scales computed from
the angularly averaged profiles (black lines) to the ones at
the equator (green) and the poles (orange). The angularly
averaged advection time scale (dash-triple-dotted lines) re-
mains rather constant after t ⇡ 70ms. The advection times
for the equatorial and polar directions are of similar magni-
tude, albeit showing large variations due to the small-scale
structure of the post-shock flow. Both the angular average
and the equatorial values of the heating times (solid lines)
are larger than the respective advection times by an order of
magnitude. They, furthermore, remain roughly constant in
time and do not show any tendency towards conditions that
favour an explosion. The polar heating times, on the other
hand, are consistently less than the averages and gradually
decrease until becoming equal to the advection times after
t ⇠ 100ms. In the absence of large-scale meridional flows
that could e�ciently redistribute the energy deposited at
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Figure 4. Radial velocity (in terms of the speed of light) of model
35OC-RO as a function of time and radius along the north (top)

and south pole (bottom).

high latitudes to the equator and thus reduce the anisotropy
of neutrino heating, shock revival starts at the poles, but
does not extend to lower latitudes, thus generating pro-
late outflows. Thus, we tentatively conclude that the ex-
plosion is launched by asymmetric neutrino heating, but, as
we shall see from a comparison to models with weaker mag-
netic fields, the magnetic field account for a sub-dominant
contribution that reduces the time until the explosion sets
in.

The highly asymmetric explosion coexists with ongo-
ing accretion onto the PNS via downflows near the equator
where the conditions for an explosion are not met. The ac-
creted matter has high angular momentum and, thus, the ro-
tational energy of the PNS increases, leading to an increase
of the degree of asphericity. The contraction of the PNS oc-
curs most markedly along the poles, whereas centrifugal sup-
port centrifugal slows down the contraction of the equatorial
regions (see panel (a) of Fig. 2). Consequently, the axis ratio
increases to about 2 : 1 (for the ⇢ = 1012 g cm�3 iso-surface)
or larger (for the neutrinosphere or the ⇢ = 1011 g cm�3 iso-
surface). The result is a progressively larger anisotropy of
the neutrino emission until the polar fluxes are more than
twice as large as the equatorial ones (cf. the brightness scale
in the top panel at t = 1.6 sec of Fig. 3), hence reenforcing
the polar outflow.

Mass and energy are injected into the jet during the
entire simulations at high rates, as we show in panel (d) of
Fig. 2. We also point to the space-time diagrams of the (ra-
dial) outflow speed in Fig. 4 showing where the outflows are
generated and how fluid elements propagate along the po-
lar axis. We find consistently positive, i.e., outward-directed,
gas velocities and fluxes of mass and energy just outside the
neutrinosphere (black lines), which are comparable to the
fluxes at larger radii (coloured lines). This indicates that
most of the material ending up in the outflows is injected
into the jet at a region just outside the neutrinospheres. The
finding is consistent with the geometry of the inner core dis-
played in the top panel of Fig. 3 where all the gas in grey-
with colours in the figure is ejected. This geometry di↵ers
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Figure 5. Shock radii as a function of time and angular coordi-

nate of models 35OC-Rw (left) and 35OC-RO (right).
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Figure 6. Same as Fig. 4, but for model 35OC-Rw.

contains magnetic fields close to equipartition with the inter-
nal energy of the gas. The associated Lorentz forces could
continue jet launching independently of neutrino heating.
Hence, in case of a strong decrease of the mass density, the
energy injection could continue, increasing the outflow ve-
locity to potentially relativistic speeds.

4.2 Model 35OC with weak magnetic field

We continue our discussion with model 35OC-Rw which uses
the same pre-collapse state as model 35OC-RO, but has a
weaker magnetic field of dipolar geometry. The core evolves
qualitatively similarly to model 35OC-RO, reflecting the rela-
tively moderate role the magnetic field plays in the evolution
of the latter.

The model develops an explosion by the same mecha-
nism as before, viz. neutrino heating that is, by virtue of
the rapid rotation concentrated in the polar region, where
the heating time scale drops below the advection time scale
within the first few hundred milliseconds. The absence of a
dynamically relevant magnetic field that contributes, albeit
at a lower level, to the formation of the outflow of model
35OC-RO, however, causes di↵erences concerning the launch,
the geometry, and the time evolution of the explosion.

We display the evolution of the shock radii as functions
of time and angular coordinate in Fig. 5. Until t ⇡ 200ms,
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Figure 7. Top, bottom: structure of the PNS and ejecta mor-
phology of model 35OC-Rw at three times. Colours and lines have

the same meaning as in the two panels of Fig. 3.

model 35OC-Rw exhibits clear sloshing modes of the SASI
with large and small shock radii oscillating between the
north and south poles that show up in the alternating pat-
tern of blue-green and red-yellow colours in Fig. 5; for this
phase, see also the top panel of Fig. 7 showing the large-
scale deformation of the gain layer. The pattern becomes
weaker after t ⇡ 200ms, and the shock recedes at the equa-
tor while it stabilizes at the poles until starting to expand
there rapidly at t ⇡ 350ms. The SASI oscillations lead to an
enhanced lateral mixing of the fluid and, hence, a reduction
of the time a fluid element spends in the polar region. Con-
sequently, they e↵ectively reduce neutrino heating, which
achieves its highest e�ciency at the poles. The SASI is con-
siderably weaker in model 35OC-RO because the magnetic
fields is locally in energetic equipartition with the flow and,
hence, is able to resist bending. Before the onset of explo-
sion, the ✓-component in the gain layer of model 35OC-RO has
only about two thirds of the kinetic energy of model 35OC-
Rw. Moreover, instead of the large-scale, pole-to-pole motion
of gas we find rather small-scale flow structures. By limiting
the SASI-induced mixing of the gas, the magnetic fields en-
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Figure 12. Same as Fig. 4, but for model 35OC-Sw.

the PNS starts to decrease slowly as parts of its matter end
up in the polar jets.

Similarly to model 35OC-RO, the PNS is strongly a↵ected
by the redistribution of angular momentum by the strong
magnet field. As panel (b) of Fig. 9 shows, its outer shells
contain a significant fraction of the total angular momentum
on roughly the same level as the central layers. While the
contraction leads to an increase of the fraction of the total
mass that resides at the highest densities, the low-density
envelope continues to hold a constant mass (panel (c)). The
profiles of density and angular momentum lead to a specific
angular momentum in excess of j > 2.5 ⇥ 1016 cm2s�1 of
these layers. Because the matter that is transferred from the
PNS surface into the outflows possesses such a high specific
angular momentum, the relative loss of angular momentum
the PNS su↵ers exceeds the mass loss.

The PNS geometry is very prolate since, as in model
35OC-RO, the equatorial surface ceases to contract at quite
large radii (panel (c) of Fig. 9). In that respect, both models
evolve very similarly, though model 35OC-Rs has a slightly
larger radius at the equator. The surface-averaged angular
velocity is similar as well, but we find a notable di↵erence
in the magnetic fields. Model 35OC-Rs shows a poloidal field
similarly strong (several 1014 G) as the toroidal one.

4.4 Model 35OC-Sw: slower rotation and weak field

Model 35OC-Sw combines a relatively weak field consisting
of a global dipole and a toroidal component with a compa-
rably slow rotational profile obtained by globally reducing
the angular velocity of the original stellar-evolution module
by a factor 4. While this reduction does not make rotation
irrelevant (cf. the value of Erot

PNS ⇠ 1052 erg at the end of
the simulation, Fig. 1), its influence is far less notable, and
the explosion mechanism di↵ers considerably from the mod-
els discussed above. Furthermore, the magnetic field, mostly
toroidal with only a very weak addition of a poloidal field
(panel (a) of Fig. 14). Of all the cores presented so far, model
35OC-Sw displays the most pronounced shock recession and
the latest onset of the explosion (Fig. 1). Similarly to model
35OC-Rw, the core bounce is followed by a phase of coher-
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Figure 13. Structure of model 35OC-Sw: the top and bottom pan-
els show maps of the specific entropy of the post-shock region and

the PNS, respectively. In addition, magnetic field lines (black)

and, in the bottom panel only, isocontours of the density (yellow)
and the angular velocity (white) are shown.

ent large-scale, sloshing modes of the SASI. The earliest
time step shown in top panel of Fig. 13 exhibits the typi-
cal morphology of a SASI-dominated gain layer oscillating
in north-south direction. The structure of the core and its
evolution are governed by the instabilities in the gain layer
rather than by rotation and, hence, the neutrino emission
is less asymmetric and, in particular, modulated by modes
with characteristic angular scales of several tens of degrees
that evolve on short time scales rather than by a very sta-
tionary pole-to-equator asphericity. This di↵erence lowers
the impact of neutrino heating with respect to, e.g. model
35OC-Rw. The explosion is directed along the axis, but is
not dominated by strongly collimated jets. Its geometry can
instead be described as elongated lobes whose front shocks
propagate at a speed up to vej . c/8. The dynamics within
the gain region where the ejecta are accelerated are highly
variable, much more so than in the other models, translat-
ing into fluctuating fluxes of mass and energy in each of
the hemispheres and also fluctuating locations of the accre-
tion streams feeding the PNS. Those e↵ects, in turn, allow

c� 0000 RAS, MNRAS 000, 000–000

• However, even smaller rotational rates and 
initial B-fields than assumed in the stellar 
evolution models yield very prolate SNe.

 [see Obergaulinger’s talk]

Obergaulinger & Aloy (2017)
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Spin-off project: Vela-Jr SNR
Obergaulinger, Iyudin, Müller, Smoot (2014)
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• We obtain the the broad-band 
emission of SNRs from 3D HD 
simulations.  

• Test case: simulation of a bipolar SN 
expanding into a cloudy medium.  

• We qualitatively reproduce the main 
observational features of typical 
SNRs and produce fluxes that agree 
with observations to within a factor of 
a few allowing for further use in more 
extended sets of models. 

Obergaulinger, Chimeno, Mimica, Aloy, Iyudin (2015)

A method for computing synchrotron and inverse-Compton emission
from hydrodynamic simulations of supernova remnants
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a b s t r a c t

The observational signature of supernova remnants (SNRs) is very complex, in terms of both their
geometrical shape and their spectral properties, dominated by non-thermal synchrotron and inverse-
Compton scattering. We propose a post-processing method to analyse the broad-band emission of
SNRs based on three-dimensional hydrodynamical simulations. From the hydrodynamical data, we es-
timate the distribution of non-thermal electrons accelerated at the shock wave and follow the subse-
quent evolution as they lose or gain energy by adiabatic expansion or compression and emit energy by
radiation. As a first test case, we use a simulation of a bipolar supernova expanding into a cloudy me-
dium. We find that our method qualitatively reproduces the main observational features of typical SNRs
and produces fluxes that agree with observations to within a factor of a few allowing for further use in
more extended sets of models.

© 2014 Elsevier B.V. All rights reserved.

1. Introduction

Supernova remnants (SNRs) are characterised by electromag-
netic emission across a wide spectral range, which is generated by
several different emission mechanisms such as (thermal) brems-
strahlung, synchrotron and inverse Compton scattering (IC), and
the line emission of many different chemical elements in various
ionisation levels (see, e.g. Gould and de Jager [4,7]. Similar pro-
cesses play an important role in many other astrophysical objects
(e.g. Zdziarski [22]. Consequently, the spectra and light curves
depend on many physical processes, some of which can beewithin
a broad range of uncertaintieseinferred from observational data
(explosion energy, properties of the environment. Unfortunately,
there are other key processes which may be not fully understood
such as the physics of radiative shocks and the associated particle
acceleration. Furthermore, many SNRs show a complex geometry
with deviations from spherical symmetry that may be attributed to

combinations of asymmetries in the explosion, instabilities during
the propagation of the shock wave such as RayleigheTaylor, Vish-
niac (thin shell) or unstable cooling (see, e.g. Chevalier [3], in-
homogeneities in the surrounding interstellar medium (ISM), or
magnetic fields. For a review on observations of SNRs, we refer to
[19]. Among the galactic remnants, SNR RX J0852.0-4622 (Vela Jr.)
is a particularly interesting case, with observations from radio to
TeV energies revealing a complex emission geometry
[1,5,8,9,20,21].

The complexity of the radiation processes and the hydrody-
namics of the SNR restrict a straightforward interpretation of ob-
servations and require the use of increasingly complex models in
order to understand the physics of SNRs in general and of individual
objects. Depending on the objective, models may focus on different
effects, while making simplification in other sectors of physics. For
instance, Obergaulinger [14] performed a series of three-
dimensional simulations of the expansion of supernova blast
waves into a clumpy environment (for models of simular settings,
see Refs. [15,16]. Paying attention in particular to the case of Vela Jr.,
they concentrated their efforts on an accurate modelling of the
hydrodynamics of the interaction between the shock wave and
clouds in the ISM. Their model for the electromagnetic emission, on

* Corresponding author.
E-mail addresses: martin.obergaulinger@uv.es (M. Obergaulinger), jochiher@

alumni.uv.es (J.M. Chimeno), petar.mimica@uv.es (P. Mimica), miguel.a.aloy@uv.es
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1574-1818/© 2014 Elsevier B.V. All rights reserved.

High Energy Density Physics 17 (2015) 92e97

• Asymmetries in the SN or a clumpy circumstellar medium may produce aspheric 
shapes in SNRs.  

• Obergaulinger et al. (2004) study the generation of inhomogeneities and the mixing of 
elements arising from these two sources in 3D HD simulations of the propagation of a 
SN blast wave into a cloudy environment.  

• Modeling Vela Jr (RX J0852.0-4622) and comparing with observations, they constrain 
the properties of the explosion:  

1. Very energetic SN of few x 1051 erg @ texp ~ 800 yr  
2. Canonical SN of  ~ 1051 erg @ a few x 1000 yr 
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ΚΗ-instabilities in NS mergers

— Growth of seed magnetic fields is possible at 
the expense of the kinetic energy of the 
system (orbital motion + NSs rotation).  

— KH instability: leads to the growth (few ms) 
of KH vortices between the NSs, which can 
modify the merger dynamics via kinetic-to- 
magnetic energy conversion (e.g., Price & Roswog 
2006; Giacomazzo et al. 2009, Obergaulinger et al. 2010).

in “corotating” frame

KH INSTABILITY AND MAGNETIC FIELDS
During the merger a shear interface forms and it develops a 
Kelvin-Helmholtz instability which produces a series of vortices.

Baiotti et al 2008

Baiotti et al 2008

Initial conditions: 

(-2,-10) (-2,10)

(2,10)(2,-10) (MNS/2)

computational 
domain 

(size: 100x100 m)

MNS = 1.4 M⊙

equatorial plane
20 km

ρ = 1013 gr/cm3 

eth= 0

X

Obergaulinger, Aloy, Müller (2010)

LNS 
Assume hydrostatic equilibrium  
Shearing velocity = rotational velocity of the NSs 
BCs: x(z)-direction: periodic, y-direction: reflection

18-3 Ringberg_170727.key - 31 de julio de 2017



➡ |B|max: limited by the non-linear dynamics (stresses on the flow or work against fluid 
forces make emag to decrease). 

➡ Global numerical simulations (so far) do not reach sufficient numerical resolution to 
study instabilities and turbulence in its full glory (particularly to address KH-growth).  

➡ Local numerical simulations (LNS) of KH-growth in NS mergers: 
• |B|max ~1016 G (0.1ms) , |B|maxrms ~1015 G, when LOCALLY emag ~ 0.1 x ekinz 

• h ~ 0.1-0.8 m needed for converged results in LNS of the KH growth

How large can the magnetic field be?

M. Obergaulinger et al.: Local simulations of the magnetised Kelvin-Helmholtz instability in neutron-star mergers 11
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Fig. 9. The same as Fig. 8, but for the model with initial Mach number
M = 1 and Alfvén numbers A = 125. Panel (a) shows a close-up of the
centre of the model at a time close to the termination of the kinematic
phase, and panel (b) shows the entire model shortly afterwards.

1. passive termination: the field strength reaches a maximum
when the flux sheets reach a thickness close to the grid spac-
ing,

2. resisto-dynamic termination: a combination of dynamic and
resistive termination when the field reaches equipartition
with the flow field: Lorentz forces reduce the rotational ve-
locity of the KH vortex while resistive instabilities develop
as flux sheets coalesce.

Whereas the passive mode of termination is clearly a nu-
meric artefact, the dynamic one can be expected to be the one
occuring in nature. It leads to an Alfvén velocity locally of the
same order as the shear velocity. This termination value is rather
independent of the initial field. The volumetric average of the
magnetic energy, on the other hand, increases with the initial
field strength since the maximum field is attained in a small
patch of the volume that decreases with decreasing initial field
due to the decreasing width of flux sheets.

Our results (cf. Fig. 7) suggest that the maximum amplifica-
tion factor f term of the Maxwell stress (and similarly of the trans-
verse magnetic energy) scales with the initial Alfvén number,
A, approximately as A3/4. Consequently, the maximum Maxwell

stress at the end of the kinematic phase scales with the initial
magnetic field, b0, approximately as

Mmax
xy ∝ b

5/4
0
, (12)

since MKH
xy scales with the initial field strength as MKH

xy ∝ b2
0
.

This maximum is achieved for sufficiently fine grid resolution.
If the model is underresolved, this value is reduced by a factor

approximately ∝ m7/8
x .

Thus, the maximum field that can be reached is not indepen-
dent of the initial field. Weak initial fields rather lead to weak
termination fields which, in turn, will have only a weak dynamic
influence on the flow. Consequently, there is a hydrodynamic
limit of the magnetic KH instability.

Total amplification: The total amplification of the magnetic
field is given by the combination of the amplification during the
KH and kinematic phases. We compute the ratios of the magnetic
energy and the maximum magnetic field strenght at the end of
the kinematic phase to their respective values at t = 0, f e and
f b, which are listed in Tab. A.3.

We show the amplification factors for models with an ini-
tial Mach number M = 1 in Fig. 10 (black symbols). The trends
described above for the transverse field and the Maxwell stress
component Mxy hold for the total field energy and the maximum
field as well, since the termination of the growth of all these vari-
ables occurs simultaneously. Increasing the grid resolution, we
find increasing amplification factors until they converge eventu-
ally. The resolution requirement for convergence becomes more
stringent for weaker fields. The converged amplification factors
increase with decreasing magnetic field, following power laws

for which we estimate f e ∝ b
−2/3
0

and f b ∝ b−1
0

. The latter
scaling leads to a maximum field indendent of the initial field
strength.

Models with differing hydrodynamic initial state exhibit a
very similar scaling of both amplification factors with the initial
field. Models with an initial Mach number M = 0.5 and models
with M = 1 but a width of the shear layer of a = 0.15 (instead of
a = 0.05 as for the other models) are included in Fig. 10 (green
and red symbols, respectively). The KH instability grows slower
in these models than it does for the standard models discussed
above, and it saturates at a smaller value of the transverse kinetic
energy (≈ 3.3 × 10−3 and ≈ 4.2 × 10−3 instead of ≈ 9.5 × 10−3,
respectively), leading to a slower kinematic field growth.

Consequently, the amplification factor f b is smaller the
smaller the transverse kinetic energy of the saturated KH in-
stability, while its behaviour for varying b0 is consistent with
a scaling ∝ b−1

0
, similar to the standard cases. Independent of the

initial shear flow, the amplification of the energy, f e scales with

b0 roughly as b
−2/3
0

, but the proportionality constant depends on
the initial state in a more complex way. For fixed a, slower shear
flows lead to less efficient amplification. A larger width, on the
other hand, tends to support a similar amount of growth of the
magnetic energy than a smaller one. For broader transition layers
(i.e., larger a), the amplification of the magnetic field is smaller
than for narrower ones. However, since the volume where the
amplification takes place is larger, the overall effect is that the
total magnetic energy grows as in the case of a narrower transi-
tion layer.

To summarise, the maximum magnetic field achieved is
mainly a function of the overturning velocity of the KH vortex,
corresponding to the transverse kinetic energy, while the mag-
netic energy at the termination of the growth depends on the ini-
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Fig. 9. The same as Fig. 8, but for the model with initial Mach number
M = 1 and Alfvén numbers A = 125. Panel (a) shows a close-up of the
centre of the model at a time close to the termination of the kinematic
phase, and panel (b) shows the entire model shortly afterwards.

1. passive termination: the field strength reaches a maximum
when the flux sheets reach a thickness close to the grid spac-
ing,

2. resisto-dynamic termination: a combination of dynamic and
resistive termination when the field reaches equipartition
with the flow field: Lorentz forces reduce the rotational ve-
locity of the KH vortex while resistive instabilities develop
as flux sheets coalesce.

Whereas the passive mode of termination is clearly a nu-
meric artefact, the dynamic one can be expected to be the one
occuring in nature. It leads to an Alfvén velocity locally of the
same order as the shear velocity. This termination value is rather
independent of the initial field. The volumetric average of the
magnetic energy, on the other hand, increases with the initial
field strength since the maximum field is attained in a small
patch of the volume that decreases with decreasing initial field
due to the decreasing width of flux sheets.

Our results (cf. Fig. 7) suggest that the maximum amplifica-
tion factor f term of the Maxwell stress (and similarly of the trans-
verse magnetic energy) scales with the initial Alfvén number,
A, approximately as A3/4. Consequently, the maximum Maxwell

stress at the end of the kinematic phase scales with the initial
magnetic field, b0, approximately as

Mmax
xy ∝ b

5/4
0
, (12)

since MKH
xy scales with the initial field strength as MKH

xy ∝ b2
0
.

This maximum is achieved for sufficiently fine grid resolution.
If the model is underresolved, this value is reduced by a factor

approximately ∝ m7/8
x .

Thus, the maximum field that can be reached is not indepen-
dent of the initial field. Weak initial fields rather lead to weak
termination fields which, in turn, will have only a weak dynamic
influence on the flow. Consequently, there is a hydrodynamic
limit of the magnetic KH instability.

Total amplification: The total amplification of the magnetic
field is given by the combination of the amplification during the
KH and kinematic phases. We compute the ratios of the magnetic
energy and the maximum magnetic field strenght at the end of
the kinematic phase to their respective values at t = 0, f e and
f b, which are listed in Tab. A.3.

We show the amplification factors for models with an ini-
tial Mach number M = 1 in Fig. 10 (black symbols). The trends
described above for the transverse field and the Maxwell stress
component Mxy hold for the total field energy and the maximum
field as well, since the termination of the growth of all these vari-
ables occurs simultaneously. Increasing the grid resolution, we
find increasing amplification factors until they converge eventu-
ally. The resolution requirement for convergence becomes more
stringent for weaker fields. The converged amplification factors
increase with decreasing magnetic field, following power laws

for which we estimate f e ∝ b
−2/3
0

and f b ∝ b−1
0

. The latter
scaling leads to a maximum field indendent of the initial field
strength.

Models with differing hydrodynamic initial state exhibit a
very similar scaling of both amplification factors with the initial
field. Models with an initial Mach number M = 0.5 and models
with M = 1 but a width of the shear layer of a = 0.15 (instead of
a = 0.05 as for the other models) are included in Fig. 10 (green
and red symbols, respectively). The KH instability grows slower
in these models than it does for the standard models discussed
above, and it saturates at a smaller value of the transverse kinetic
energy (≈ 3.3 × 10−3 and ≈ 4.2 × 10−3 instead of ≈ 9.5 × 10−3,
respectively), leading to a slower kinematic field growth.

Consequently, the amplification factor f b is smaller the
smaller the transverse kinetic energy of the saturated KH in-
stability, while its behaviour for varying b0 is consistent with
a scaling ∝ b−1

0
, similar to the standard cases. Independent of the

initial shear flow, the amplification of the energy, f e scales with

b0 roughly as b
−2/3
0

, but the proportionality constant depends on
the initial state in a more complex way. For fixed a, slower shear
flows lead to less efficient amplification. A larger width, on the
other hand, tends to support a similar amount of growth of the
magnetic energy than a smaller one. For broader transition layers
(i.e., larger a), the amplification of the magnetic field is smaller
than for narrower ones. However, since the volume where the
amplification takes place is larger, the overall effect is that the
total magnetic energy grows as in the case of a narrower transi-
tion layer.

To summarise, the maximum magnetic field achieved is
mainly a function of the overturning velocity of the KH vortex,
corresponding to the transverse kinetic energy, while the mag-
netic energy at the termination of the growth depends on the ini-

A=125 (end KA-phase) A=125 (shortly afterwards)

local 
equipartition

Numerical resistivity 
becomes important, but 
convergence is possible 
because thin B-field 
sheets are pushed 
together to distances ~ h, 
not because the thickness 
of 1 sheet ~ lb ~ h  -similar 
dynamics to Keppens et al 
1999-.
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Making up an sGRB: 
The cosmic neutrino heater

• The disk matter is heated up an compressed until it 
begins to release neutrinos and antineutrinos. 

• Neutrinos annihilate producing pairs, which 
annihilate too producing photons. 

• Key question: will the fireball be COLLIMATED?.

BH

20
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Reply: YES! 
Aloy, Janka, Müller (2005)
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